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Abstract
Stars form from the collapse of molecular clouds and evolve in an environment rich in
gas and dust before becoming Main Sequence stars. During this phase, characterised
by the presence of a protoplanetary disc, stars manifest changes in their structure and
luminosity. This thesis performs a multi-wavelength analysis, from optical to mm range,
on a sample of young stars (YSOs), mainly Classical T Tauri (CTTS). The purpose is to
have a comprehension of both star and disc evolution in YSOs.
Optical and infrared fluxes are used to study stellar variability and its relation with the
protoplanetary disc. Longer wavelength, in the mm range, are used instead to investigate
the evolution of the disc, in terms of dust growth.
The optical variability, quantified through pooled sigma, is visible both in magnitude
amplitudes and changes over time. Time series analysis applied on the more variable stars
finds the presence of quasi periodicity, with periods between two weeks and a month,
interpreted either as eclipsing material in the disc happening on a non-regular basis, or as
a consequence of star-disc interaction via magnetic field lines.
The variability of YSOs is confirmed also in infrared, even if with lower amplitude.
No strong correlations are found between optical and infrared variability, which implies a
different cause or a time shift in the two events. By using a toy model to explore their
origin, I find that infrared variations are likely to stem from emissions in the inner disc.
The evolution of discs in terms of dust growth is analysed using the slope of the spectral
energy distribution (SED), and by applying a detailed correction for wind emission and
optical depth effects, specific for each star. The further comparison with a radiative
transfer model investigates how a number of disc parameters, in particular disc masses
and temperature, dust size distribution and composition, can affect the slope of the SED.
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1
Introduction
The formation of stars is a process which requires between 106 to 107 years to complete, but
even before burning hydrogen in its core and qualifying as a “main sequence star”, a pro-
tostar is already observable, initially in far infrared and later also at optical wavelengths.
During the pre main sequence evolution the pre-stellar objects pass through several phases
and experience changes, not only in their structure, but also in their surrounding. In par-
ticular, variations in their luminosity are observed at different wavelengths, and formation
of planets are likely to happen around them.
This thesis aims to study young stellar objects (YSO) at various wavelengths, from
optical to centimeter range, and to analyse the light emitted from both the star and the
disc. The purpose is to understand the origin of the luminosity variability, in optical
and infrared, and how much it is related to the disc structure. The emission at longer
wavelength is used to infer the level of evolution of discs, in terms of dust grain growth.
This Introduction describes the main steps which lead to the existence of newly born
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stars (Section 1.1), highlighting the main features of low mass stars (Section 1.2 and 1.3)
and more massive ones (Section 1.4). Characteristics of discs forming around them (Sec-
tion 1.5) and mechanisms by which tiny dust grains grow into larger objects (Section 1.6)
are also presented. The final part of the Introduction focusses on the data sample used,
and the contribution of this thesis as part of the DIANA project (Section 1.7).
1.1 Formation of Young Stellar Objects
Star formation is known to begin in molecular clouds (e.g. Zuckerman & Palmer (1974);
Burton (1976)), made of gas, mainly molecular hydrogen but also carbon dioxide, and
dust. Dust is an important component, because it protects molecules from dissociation
due to ultraviolet (UV) radiation, and at the same time offers a medium for molecules
like H2 to form. There are two types of molecular clouds: giant molecular clouds (GMC),
like Orion; and small molecular clouds (SMC), like Taurus, Auriga and Ophiuchus. They
differ in mass, density, size and temperature in the Galaxy, as shown in Table 1.1:
SMC GMC
Mass < 104M⊙ 10
4−6M⊙
Density 10−19/−20g cm−3 10−19/−20g cm−3
Size 10-50 pc ≈ 100 pc
Temperature 10-20 K 50-100 K
Table 1.1: Differences between small and giant molecular clouds. From Hartmann (2009) and
references therin.
GMCs and SMCs do not have uniform density, but present smaller structures like
cores and clumps, which have increasing density and temperature, and decreasing size and
mass compared to the larger molecular cloud. It is in these smaller and denser regions,
having diameters not larger than 10 pc and masses between 103-104M⊙ (e.g. reviews
by Cernicharo (1991); Williams et al. (2000)), that the collapse begins, giving origin to
the formation of stars. Low mass stars can form in both GMC and SMC, whereas most
massive stars are more likely to be found in GMC.
Several models have been proposed as mechanism to trigger the initial process of star
formation, like for example turbulence, collisions of molecular clouds (Scoville et al., 1986)
or explosions of nearby supernovae. The latter, first proposed by Opik (1953) and further
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developed by Elmegreen & Lada (1977), has been recently confirmed by some authors
(Chiaki et al., 2012), while others did not find any evidence between supernova remnants
and star forming regions (Desai et al., 2010). Concerning the formation of molecular
clouds, among the mechanisms proposed there are gravitational instability in the galactic
disc (e.g Elmegreen, 1979; Balbus, 1988); converging flows, valid for clouds up to 104M⊙
as described in Dobbs et al. (2014); and spiral shocks (Bonnell et al., 2013).
Independently of the initial causes, when the mass is greater than a critical value,
called the Jeans Mass, the cloud begins to collapse. The Jeans Mass, MJ , is defined as
follows:
MJ = 1.6
√
10
(
T
K
)3(cm−3
n
)
M⊙ (1.1)
where T is the temperature and n is the number density. MJ can be several order of
magnitude smaller than the total cloud mass, implying that molecular clouds would not be
observable so extensively, because they would collapse much earlier as soon as their mass
exceeds MJ . For this reason there must be some mechanisms to counteract gravity, like
thermal gas pressure , turbulence (Norman & Silk, 1980; Larson, 1981), magnetic fields
(Chandrasekhar & Fermi, 1953; Spitzer, 1968; Mouschovias, 1976) and rotation (Field,
1978). Turbulence and magnetic fields seem to be the main cause in larger clouds, while
thermal pressure would play a role in small cores (Larson, 2003).
According to Larson (1969), for a typical core in a SMC having T ≈ 10K, ρ =
10−19g cm−3, M = 1M⊙ and size comprised between 0.1 and 0.4 pc the process of collapse
can be divided into a number of steps, where the main ones are described below.
1. “Isothermal phase”: in the initial phase the cloud collapses in free fall, and while
the density is below 10−13g cm−3 the gravitational energy liberated is free to escape.
The duration of this phase is defined by the free-fall time:
τff =
√
3pi
32Gρ
(1.2)
which is ≈ 105 yrs. During the contraction of the molecular cloud, the density
increases first in the centre rather than in the outer regions.
2. “Adiabatic phase”: when the density rises above 10−13g cm−3 the medium becomes
optically thick. The temperature and pressure in the inner part rise to the point that
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they can contrast the collapse, and a core in quasi hydrostatic equilibrium forms:
the protostar.
3. “Formation of the second core”: once the temperature is above 2000K the molecular
hydrogen begins to dissociate, pressure drops and the core collapses even further.
Since the energy is used for the dissociation of molecules, this process happen nearly
in isothermal conditions. When all molecules are dissociated, temperature and pres-
sure rise again and stop the collapse of the core. Density is now ≈ 10−2 g cm−3, but
the mass is still small, ≈ 10−2M⊙.
4. “Accretion phase”: The core of the protostar is now in hydrostatic equilibrium, while
most material is still accreting onto its surface. The luminosity of the protostar is
given by the conversion into radiation of the gravitational energy produced during
the shock on its surface. This phase corresponds to Class 0, described in the next
section.
The further evolution depends on the mass of the protostars, which can be divided
into two groups: low mass protostars, having M ≤ 3M⊙; and high mass ones, having
M > 3M⊙. More massive protostars begin to burn hydrogen while they are still accreting
matter. In low mass protostars, instead, the accretion stops before they reach the main
sequence, where hydrogen is burnt, and the luminosity comes from the gravitational energy
liberated during the contraction that is still ongoing. The duration of this process is set
by the Kelvin-Helmoltz timescale:
τKH ≈
GM2∗
R∗L∗
(1.3)
Low mass stars in the pre-main sequence phase are called T Tauri stars, after their
prototype T Tau in the constellation of Taurus, and they will be the main subject of this
thesis, especially in Chapter 3 and 4. Chapter 5 will include, instead, also some more
massive ones, called Herbig Ae/Be stars.
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1.2 T Tauri stars
T Tauri stars are low mass stars, having M ≤ 2M⊙ and Spectral Type F to M, which
means they are relatively cold, with surface temperatures between 2500 and 7000 K. They
exhibit luminosity variations; ultraviolet (UV), optical and infrared (IR) excess; present
inverse P-Cygni profile in emission lines, which are a signature of infalling matter, and
have strong magnetic fields of the order of 1-3 kG (Johns-Krull et al., 1999). The magnetic
field is a consequence of the structure of these stars, which are totally or almost totally
convective, and is generated by the motion of plasma.
T Tauri stars pass through four phases during their evolution to the main sequence.
They are called Class 0, I, II and III, and happen during the Kelvin-Helmoltz time, i.e.
when there is already the presence of a protostar in the molecular cloud and the luminosity
is generated by the release of gravitational energy. The difference among the classes was
determined on the basis of the spectral index of the spectral energy distribution (SED)
in the near-mid infrared, between 2 and 25µm (Lada & Wilking, 1984; Lada, 1987). The
SED represents flux as a function of wavelength, and the spectral index α is defined as
the slope of the SED between two wavelengths λ1 and λ2, in a log-log plot:
α =
log λ1Fλ1 − log λ2Fλ2
log λ1 − log λ2
(1.4)
where Fλ is the flux per unit wavelength. The initial classification by Lada (1987) com-
prised only Class I, II and III. Subsequently, when observations were extended to longer
wavelengths, a new class was introduced, called Class 0 (Andre et al., 1993), because
from an evolutionary perspective it occurs before the Class I phase. The four classes are
described below and depicted in Fig. 1.1:
• Class 0 During Class 0 objects are completely enshrouded by the molecular cloud
that the only emission is in the very far infrared, and they do not emit any light
in optical. This phase lasts for about 105 yrs; the accretion is high, at a rate of
10−5M⊙yr
−1 and the radius of the envelope is of the order of 104AU;
• Class I During this phase the central star is still embedded in the molecular cloud,
although some visible light is detectable. The SED is characterised by a rising
curve in the near infrared, due to strong infrared excess. In the initial classification
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the spectral index was α ≥ −0.3, while now “true Class I” have α > 0.3, while
objects having −0.3 ≤ α < 0.3 are called “flat-spectrum” sources (Greene et al.,
1994). The timescale is longer than in Class 0, being ≈ 106 yrs; accretion decreases
to 10−6M⊙ yr
−1 and the radius shrinks to 103AU;
• Class II In this phase, which lasts ≈ 106 − 107 yrs, the emission from the central
star is detectable clearly, but the star is still surrounded by a disc of dust and gas,
called protoplanetary disc. The infrared excess is less pronounced, and consequently
the spectral index becomes negative: −1.6 ≤ α < −0.3.
• Class III In the last phase, stars do not have a disc anymore and the SED shows
only the emission from the photosphere, with a steep negative spectral index, being
α < −1.6.
Figure 1.1: Classification of YSOs on the basis of the gradient of the SED, between 2 and 25 µm
(Lada, 1987).
This classification can be biassed by inclination, especially for edge-on discs, where a
Class I object could be erroneously identified as Class 0 (Robitaille et al., 2006). During
the passage from Class II and Class III there are intermediate phases, when the disc is
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still present, but shows a large gap in the middle, most likely caused by ongoing planet
formation, identifiable by lack of infrared excess below 10µm. These objects are called
Transitional Discs (Strom et al., 1989).
Since Class II objects are still surrounded by a disc, they are of particular interest in
studying the process of star and planet formation, and in particular the effects of accreting
matter on the stellar luminosity and the process of dust growth, which will be developed
in the next chapters.
1.3 Properties of T Tauri stars
1.3.1 Magnetospheric accretion
Magnetospheric accretion is nowadays a well accepted model to explain the main features
of T Tauri stars, like UV, optical and IR excess, and inverse P-Cygni profile in emission
lines. Previous models, like the Boundary Layer model (Lynden-Bell & Pringle, 1974) or
wind models (Hartmann et al., 1982, 1990; Natta & Giovanardi, 1990), failed to explain
some of these features. The Boundary Layer model describes the star as surrounded by
a disc which extends almost to the stellar surface, except for a thin layer. If on one
hand it could explain the UV and IR excess, on the other one it could not account for
the inverse P-Cygni profile or the shape of the SED of many CTTS. Concerning wind
models, instead, even if wind is a component of T Tauri stars and these models could
explain the P-Cygni profile, they could not account for the inverse P-cygni profile, and
had difficulties in reproducing spectral lines with very faint or blushifted absorption, as
described in Alencar (2007).
These discrepancies were overcome by the Magnetospheric Accretion model (Hartmann
et al., 1994; Muzerolle et al., 1998, 2001a; Shu et al., 1994), where, unlike the Boundary
Layer model, the star accretes matter through a disc which is truncated at a few stellar
radii from the star (Camenzind, 1990; Koenigl, 1991). The disc truncation is caused by
the strong stellar magnetic field generated by the motion of charged particles inside the
star. Once the material accreting along the disc reaches its inner part, it will fall onto
the star following the magnetic field lines. The material falls onto the star at free-fall
velocity, causing the formation of an accretion shock, which in turn can explain the UV
and optical excess and the observed emission lines. Some of the material will be ejected
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as disc wind instead, in order to reduce the stellar angular momentum and allow other
material to accrete onto the star.
One of the tracers of accretion is the equivalent width of the Hα line in emission, which
corrisponds to the transition from the third to the second quantum level in the hydrogen
atom. The kinetic energy liberated during accretion is high enough to excite atoms and
produce emission lines. Hα is one of the most easily detectable, because its emission is in
the red part of the optical spectrum, at 6563 A˚.
On the basis of the accretion rate, T Tauri stars can be divided into two classes:
classical T Tauri stars (CTTS), which are high accretors having an accretion rate of the
order of 10−8/−9M⊙ yr
−1 (Ingleby et al., 2013), and weak T Tauri (WTTS), which are
very low accretors where accretion is not detectable. One of the thresholds between these
two classes is given by the equivalent width (EW) of the Hα line in the Balmer series,
where EW> 10 A˚ for CTTS and EW< 10 A˚ for WTTS.
Since accretion is related to the presence of a disc, CTTS partially correspond to
Class II objects and WTTS to Class III. The two definitions, however, are not completely
interchangeable, because there are stars which own a disc, but do not accrete.
1.3.2 Luminosity variability
Optical variability was the first feature that characterised the discovery T Tauri stars in
the early 1940s (Joy, 1942, 1945), and more recent observations highlighted that changes
in luminosity happen also in infrared (Skrutskie et al., 1996; Carpenter et al., 2001, 2002;
Rebull et al., 2014; Cody et al., 2014). Optical and infrared variability in CTTS will be
extensively described and analysed in Chapter 3 and 4 respectively, therefore here only a
summary of their main properties will be given.
Variations appear in a wide range of types, from strictly periodic to completely ape-
riodic, the last case being more difficult to be interpreted. For the optical variability a
number of explanations have been provided and, among the most accredited, there are
cool and hot spots, and circumstellar variations (Herbst et al., 1994; Carpenter et al.,
2002; Bouvier et al., 2003). Cool spots are the equivalent of Sun spots, i.e. they are colder
regions with respect to the surrounding stellar surface, and for this reason appear to be
darker, hence less luminous. The periodicity due to cool spots is regular, and explained
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as the rotation period of the star. Hot spots, on the other hand, are related to accre-
tion and correspond to the regions on the stellar surface where material accreting from
the disc, through magnetic field lines, interacts with the star. The sudden conversion of
gravitational energy into thermal energy makes them appear brighter. They occur on a
less regular basis. Further, cool spots are related only to the stellar activity, while hot
spots are due to the presence of the protoplanetary disc and its interaction with the star.
Circumstellar variations are also related to the presence of the disc and its rotation. If
the disc presents an irregular and warped shape, especially in the inner edge, and is seen
almost edge-on, the host star will be sometimes more and sometimes less exposed to the
observer, with consequent changes in its apparent luminosity. This seems to be one of the
causes for AATau optical variability (Bouvier et al., 2003).
Cool and hot spots were claimed to explain also the near infrared variability (Carpenter
et al., 2001, 2002), but according to more recent studies (Flaherty et al., 2013) the effect
of hot spots is only indirect, and possibly other mechanisms in the disc are involved, such
as changes in the structure and height of the inner rim, explained also through disc wind
emission (Bans & Ko¨nigl, 2012). Since observation in mid and far infrared have been
achieved only for the past two decades, this kind of variability, and its connection with the
optical one, is still currently being investigated in the literature. In this context, simple
models will be developed and discussed in Chapter 4 to analyse the effect of hot spots and
disc emission.
1.3.3 Jets, outflows and winds
Jets and winds are typical features of T Tauri stars, which are observed throughout their
evolution and are responsible for mass loss in young stars. Their origin is still controversial,
but they seem to be related to accretion and magnetic field, either in the star or the disc.
By removing angular momentum they would allow the star to continue accreting matter
from the disc without spinning above the break-up rotation speed (Blandford & Payne,
1982; Pudritz & Norman, 1983).
Jets are highly collimated emissions of gas and plasma, where the degree of collimation
is defined as the ratio between the length of the observed major axis to the minor axis
(Bally & Lane, 1991), and varies from one (poorly collimated) to ten (highly collimated).
They are ejected at high speed, between 100 and 1000 km s−1. The main characteristics,
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summarised in Cabrit (2007), include the fact that jets appear to be very similar in all
evolutionary stages from Class 0 to Class II, which excludes an origin related to the infalling
envelope. The opening angle, which at the base of the jet is about 20◦ − 30◦, reduces to
a few degrees at distances beyond 50AU, which is a sign of supersonic expansion. This
happens because at distances greater than 50AU the low velocity component begins to
disappear leaving only the high velocity component (Ray et al., 2007). Several models have
been proposed for the formation of jets, like radiation or thermal pressure, but they all
failed to explain the observed velocities. Other models, which provide better description of
the observed acceleration and collimation of jets, include the effect of magnetic field in the
launching mechanism, either in the vicinity of the star in the so called X-wind (Shu et al.,
1994) or at larger disc radii (Pudritz & Norman, 1983; Pudritz et al., 1991). Further, jets
show evidence of rotation around their axis, observed through asymmetries in their radial
velocities (Bacciotti et al., 2002; Coffey et al., 2004).
Outflows are shells of gas expanding from the star, caused by shocks produced by
jets, and among their main properties, summarised in Bally & Lane (1991), there is low
velocity of the ejecta, below 30 km s−1, and a poorly collimated bipolar structure. Sizes are
comprised between 0.1 and 5 pc, and masses are between 0.01M⊙ and 100M⊙, depending
on the luminosity of the host star.
Wind is a term which includes stellar wind and disc wind, where the former is the
emission of plasma from the star, while the latter arises from the disc. Winds emit over
the entire electromagnetic spectrum, and besides emission lines, they are detected as excess
continuum in UV and from far infrared to radio wavelengths. From infrared onwards the
emission is mainly free-free, whereas the free-bound emission, which is more significant in
optical, drops to only 20% of the continuum at 2.2µm and becomes negligible at longer
wavelengths (Panagia, 1991). The emission in the infrared and sub-millimeter region of
the spectrum is the one that needs to be removed from the SED in order to measure proper
dust emission, as it will be explained in Chapter 5.
The wind IR and radio emission has been modelled by Panagia & Felli (1975) for
an optically thick, fully ionised gas, and found to be proportional to ν0.6. The optically
thin case, instead, modelled by Mezger & Henderson (1967) for a ionised, galactic HII
region, but applied also to YSOs, sees the emission proportional to ν−0.1. Lamers &
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Waters (1984a,b) improved previous models by taking into account the effects of electron
scattering, bound-free emission and isothermal wind, whose temperature can be higher
or lower than the photospheric temperature. The fact that winds are fully ionised was
confirmed by observations in agreement with the predicted flux proportional to ν0.6, and
with expected emission lines (Panagia, 1991). Nevertheless, in some cases winds can be
only partially ionised or even neutral (Natta & Giovanardi, 1991).
1.4 Herbig Stars
Herbig stars are the massive counterpart of T Tauri. They have 2M⊙ < M < 10M⊙ and
spectral type between B and F, which corresponds to surface temperatures between 7000
and 30000 K. Some authors claim that the magnetospheric accretion models developed
for CTTS is suitable also for Herbig stars (Muzerolle et al., 2004), and accretion rates of
the order of 10−7M⊙ yr
−1 have been measured (Muzerolle et al., 2004; Mendigut´ıa et al.,
2011). However, owing to their higher masses, Herbig stars have a radiative core instead of
convective, and consequently do not present strong magnetic fields. They are not totally
absent, though, and weak magnetic fields below 500G were measured in some Herbig
stars (Wade et al., 2007; Hubrig et al., 2009). Even if the origin of the magnetic field and
accretion in Herbig star is not very well understood yet, they are YSOs and very likely
own a protoplanetary disc during their pre main sequence evolution. On the basis of the
shape of the SED, Herbig stars are divided into two groups (Meeus et al., 2001): group I,
where there is high IR excess, and group II, where the IR excess is smaller and the SED
decreases slowly. These differences were attributed to different disc shapes, where group I
corresponds to flared discs, and group II, to flat discs.
1.5 Disc formation and structure
At the end of the 1960s it was noted that T Tauri stars showed an unusual infrared excess,
which was interpreted as due to circumstellar dust around the YSO (Mendoza V., 1966,
1968), responsible for the absorption of optical light and re-emission at longer wavelengths.
At first it was not clear whether the dust surrounding the star was distributed in shells,
discs or outflows. Lynden-Bell & Pringle (1974) argued that the material around the newly
born stars should be in the shape of a disc. The model they proposed, the Boundary Layer
model, was later superseded, but the basic idea of a disc is still valid. The formation of the
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disc would be a consequence of some initial angular momentum, present in the collapsing
cloud, which would not allow the material to fall directly onto the star, but would cause
it to create in a disc (Terebey et al., 1984; Adams & Shu, 1986). Only later in the 1980s,
infrared observations especially with the satellite IRAS confirmed the presence of discs,
having sizes of the order of 100AU, and solely at the end of 2014 great image details
were achieved with Atacama Large Millimeter Array (ALMA). In the beginning, instead,
the structure of protoplanetary discs was inferred mainly from the SED. By analysing
the emitted light at various wavelengths, it is possible to trace different parts of the disc.
For a typical T Tauri stars having T = 4000K and M = 1-2M⊙, the innermost region
between the star and 0.1AU, emits in the UV and optical; the middle region between 0.1
and 20AU is traced by near and mid infrared radiation; while the external region beyond
20AU can be observed in far infrared. The sub-mm emission traces the coldest regions of
the outer disc, especially the midplane (Dullemond et al., 2007; Carmona, 2010).
Several models have been developed since then to explain the observations and describe
the disc structure and evolution. Two main categories can be highlighted: passive and
active discs. In passive discs (e.g. Kenyon & Hartmann (1995); Chiang & Goldreich
(1997); Dullemond et al. (2001)) most of the light is due to reprocessing of starlight,
whereas in active discs (e.g. Lynden-Bell & Pringle (1974); Lin & Papaloizou (1980); Shu
et al. (1987); Calvet et al. (1991); D’Alessio et al. (1998)) there is an intrinsic luminosity
due to non negligible mass flow towards the star, which causes heating of the disc and
consequently more thermal emission. In reality discs are not totally either passive or
active, but a combination of the two cases coexists, where young discs tend to be more
active and to accrete mass, while older discs are more passive.
In both cases discs are in Keplerian rotation and the absorbed stellar radiation is
mostly re-emitted as thermal energy, i.e. they can be described as blackbodies. However,
in both passive and active disc models the temperature profile scales as r−
3
4 and the
spectral index α as r−
4
3 , so in these models the shape of the SED cannot provide any
information about the kind of disc (Adams et al., 1987). Discs are assumed to be thin,
compared to their size, and initially they were depicted as flat. The disc vertical structure
is considered in hydrostatic equilibrium, where there is a balance between the gravitational
force and the gas pressure. In the radial direction, in passive discs the gravitational force
is in equilibrium with centrifugal and pressure forces, while in active discs there is a more
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complex dynamics, because mass moves from the outer to the inner parts. However, since
the angular momentum in a Keplerian rotating disc increases with radius, matter needs
to lose angular momentum in order to accrete. Several mechanisms have been proposed
to address this issue, the magneto-rotational instability (Balbus & Hawley, 1991) and the
mass loss through disc wind (Blandford & Payne, 1982) being the most widely accepted.
From observations, however, it was noted that the SED profile was shallower than
predicted. Kenyon & Hartmann (1987) explained the high infrared excess as due to flaring
discs, i.e. discs whose height above the midplane increases at larger radii. A flared disc
tends to intercept more light from the central star and consequently emits more in infrared
than a flat disc. Dullemond & Dominik (2004) argued that protoplanetary discs can
present a variety of shapes, from flared to self-shadowed and unstable discs, where dust
settling would play an important role in determining the level of disc flatness. Flat discs
would therefore be the evolution of flared ones.
First models described discs as a sum of annuli, each emitting as a blackbody, where
the temperature and density followed a power law decline from the central star outwards
(e.g. Beckwith et al. (1990)). However, the upper part which is directly irradiated by
the star will be hotter than the inner one (Calvet et al., 1991). Chiang & Goldreich
(1997) proposed a two-layer model for a passive disc, with a colder inner midplane and
a hotter external layer, and where the stellar radiation impinging on the surface is re-
emitted partly in space and partly into the inner regions of the disc. D’Alessio et al.
(1998), instead, modelled an active disc into three zones, radius dependent. The outer
one, far away from the star, is heated mainly by stellar irradiation, the inner one close to
the star is characterised by viscous heating, while in the intermediate zone both processes
can occur, with prevalence of viscous heating in the midplane and stellar irradiation on
the surface.
Natta et al. (2001) and Dullemond et al. (2001) proposed a two-layer passive disc model
with an inner hole, in order to explain the bump observed at 3µm, especially in the SED
of Herbig stars. Other theories, however, explain the 3µm feature as due for example to
turbulence caused by disc wind (Bans & Ko¨nigl, 2012). The inner hole would be caused by
dust evaporation and therefore would be composed only of gas. The dust inner disc close
to the star is consequently truncated and presents a vertical surface. Since it is directly
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illuminated by the star it is hotter and tends to increase in height, giving rise to a puffed
inner rim (Natta et al., 2001). The shape of the puffed inner rim was further analysed
and discussed by Isella & Natta (2005), who estimated it to have a curved instead of a
vertical surface.
Other recent models, instead, simulate radiation transfer and can reproduce physical
processes like scattering, polarisation and dust heating, offering an insight into the dynam-
ics of discs in 2D, and also in 3D. They can either solve the radiative transfer equation
analytically (e.g. Woitke et al., 2016) or make use of Monte Carlo techniques (Lefevre
et al., 1982; Bjorkman & Wood, 2001; Pinte et al., 2006; Min et al., 2009).
1.6 From dust to planets
The typical lifetime of a protoplanetary disc is about 106-107 yrs (Muzerolle et al., 2010).
During this time the disc gradually clears the diffuse dust, incorporating it in larger objects
and planets. The mechanism that leads from micron sized dust grains to the formation of
planets differs for terrestrial rocky planets and gas giant planets. The former are supposed
to form through sticking and coagulation of dust grains, in a process described by the Core
Accretion model (Mizuno, 1980; Pollack et al., 1996). For the latter there are currently two
main theories: the just mentioned Core Accretion and the Gravitational Instability (Boss,
1997). Recently, a third one was proposed, the Tidal Downsizing Hypothesis (Nayakshin,
2010), with the advantage of solving some issues of the previous theories.
In the Core Accretion model dust grains stick together until they form planetesimals
and then planets. The first phases are similar for all kinds of planets, but if planetesimals
become big enough, they can eventually attract gas and give origin to giant planets. In this
model, however, it is difficult to explain how the passage from micron-sized dust grains to
km-sized planetesimals occurs, because above one meter diameter collisions would make
objects bounce and shatter rather than sticking together (Blum & Wurm, 2008).
The Gravitational Instability model, on the other hand, starts from the collapse of the
solar nebula in clumps of dust and gas. This model, first proposed by Kuiper (1951), was
improved by Boss (1997) to include the presence of rocky cores in giant plantes. Starting
from a mix of gas and dust, owing to gravitation, dust and heavier materials would sink
toward the centre of the clump, while gas would surround the central core. This model
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mainly explains the formation of giant planets, but not of terrestrial planets.
The Tidal Downsizing tries to overcome issues from both theories. In this model,
planet formation starts from the collapse of the protoplanetary disc into clumps as in the
Gravitational Instability, but subsequently, during migration to the central star, planet-
embryos may lose the external shell and be left with a rocky core, typical of terrestrial
planets. This theory seems to solve the issues related to both the previous models, although
it may not work in some circumstances, as the authors explained: the initial clumps
need to be isolated or slowly accreted, otherwise they would become too hot and grain
sedimentation would not occur. Further, the model depends on dust opacity, which in real
protoplanetary discs is sometimes not well known. In any case, it offers a new perspective
and provides new suggestions in the planet formation mechanism.
1.6.1 Mechanisms of dust grain growth
Despite the uncertainty on the process of dust growth, the formation of planetesimals
through sticking of smaller particles is widely accepted. In order to address the issue as to
how very large objects can from from tiny dust grains, many laboratory experiments have
been performed in the literature. The following description is taken from the reviews by
Blum & Wurm (2008) and Testi et al. (2014).
Four important mechanisms have emerged in case of collisions of dust grains: sticking,
bouncing, fragmentation and erosion, which depend on dust size, relative velocities and
grain morphology. Particles will stick together when their sizes are of the order of microns,
while with increasing size and speed they will first compact, then bounce and fragment.
However, if on one hand fragmentation is a barrier to the formation of planetesimal,
on the other one it accounts for the presence of the observed small grains: Dullemond &
Dominik (2005) pointed out that the sticking process alone would deplete small particles
within a thousand years, while observations confirm their existence in protoplanetary
discs, which are millions of years old. In this context, fragmentation becomes a means to
replenish the discs of the missing small grains.
Not only size but also morphology and composition play a role in the outcome of
collisions: micron-sized spherical particles will stick only if their relative velocities are
below 1ms−1, but this threshold can increase to tens of meters per second if dust grains
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have an irregular shape or if they are made of water ice instead of silicate.
Particles can grow in size also through mass transfer, which happens when small grains
impact larger agglomerates. However, if the colliding grain is below a certain mass thresh-
old the outcome will be erosion instead. The formation of planetesimal is therefore a
complex process which involves many mechanisms, responsible not only for their creation
but also destruction. Hence, other secondary effects have been proposed to overcome the
barriers which can hinder dust growth: the presence of organic material with particular
high sticking efficiency, magnetised grains, or secondary agglomeration dependent on the
surrounding environment. Charged particles can also favour coagulation of dust aggre-
gates, according to Ivlev & Morfill (2002), although this result seems to be in contrast with
the “charge barrier” highlighted by Okuzumi (2009), and which would prevent particles
from sticking especially in the first stages.
Dust grain size can be also inferred from some properties of their emitted light. The
measurement of dust growth from observational data and its analysis through models will
be the topic of Chapter 5.
1.7 This thesis and the DIANA project
This thesis work developed as part of the DIANA project, an FP7 (Seventh Framework
Programme) programme funded by the European Union. DIANA is the acronym for
DIsc ANAlysis and modelling of multi-wavelength observational data from protoplanetary
discs, and its goal is an unprecedented study and comprehension of protoplanetary discs.
DIANA aims to collect data from the entire electromagnetic spectrum in order to reach
a detailed and unified understanding as to how protoplanetary discs form, evolve and
eventually allow planets to originate. The project aims to develop models of the physical
and chemical structure of protoplanetary discs, compliant with observations.
This thesis focuses more on the observational data, instead, and uses models to make
comparisons with the observational results. Data span from the optical to the centimeter
range, collected not only from the literature and public archives, but also available from
proprietary observations. In particular, optical and near-mid infrared data were used
to analyse the variability of stars and their inner discs in Chapters 3 and 4; whereas
in Chapter 5 fluxes in the mm-cm range, which come from the coldest regions in the
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midplane and outer disc, were used to analyse the slope of the SED at the far end of
the electromagnetic spectrum in order to infer the size of dust grains. The study from
Chapter 3 to Chapter 5 can be seen as a shift from the star to the inner disc and the outer
disc.
The optical analysis benefits from observational data which cover almost a decade, used
also to search for possible periods in the observed variations of luminosity. The chosen
sample and the timescale of the observations extend and enlarge previous studies in the
same field, as explained in detail in Chapter 3. Further, the infrared data allows exploring
the connection of variability with the inner disc structure. Finally, the measurement of
dust growth offers insight into the evolution of the disc in terms of grain size, and is
complemented by the comparison with radiative transfer models.
Throughout the thesis the information on stars and discs is gleaned by analysing SEDs
and lightcurves. SEDs provide information on the emission originating in different parts of
the disc, as shown in Fig. 1.2 for a typical CTTS, while lightcurves represent the emission
as a function of time.
Figure 1.2: Horizontal structure of a typical protoplanetary disc, whose host star has M =
1 − 2M⊙ and T=4000K. The picture highlights regions at different distances from the host star
and corresponding wavelength ranges used for their detectability. Adapted from Carmona (2010).
1.7.1 Data sample
The sample of stars used in this work is part of the DIANA database, which consists of
85 objects, listed in Table 1.2, both CTTS and Herbig stars. Among CCTS, most of them
are Class II, but a limited number includes Class I (7%) and transitional discs (8%). These
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stars were chosen, because a wealth of data spanning from UV to far infrared was already
available in the literature, with 68 sources out of 85 having data also in the millimeter
region. Further, there is a good coverage of all ages, from younger to older objects, and
they are distributed in both hemispheres, so they cover almost all directions in the sky.
This means that the analysis performed on the stars is not affected by a specific category
of objects or observational region. The majority of them are in the constellation of Taurus,
Lupus and Ophiuchus, but in total they belong to 16 regions, as highlighted in Table 1.3.
Further, with the exclusion of some multiple systems, all objects have the advantage of
being isolated, without contaminations from nearby stars.
In Chapters 3 and 4, only CTTS were utilised, because the goal was the analysis of
optical and infrared variability also in relation to accretion, which is more typical of CTTS
rather than Haerbig stars. In Chapter 5, instead, all stars having data above 1mm were
included in the analysis, because the measurement of dust growth is less related to the
star mass. For this reason the sample in Chapter 5 includes also some Herbig stars. In
both cases, however, the number of objects was limited by the availability of data at the
same wavelengths for the selected stars. Overall, there is a good coverage from UV to
millimeter, as already explained, but the number of data points is not the same for each
star. Consequently, some stars had to be discarded due to lack of sufficient number of
data for the specific purpose of the chapter.
Star R.A.(h m s) Dec (◦ ’ ”) Type of disc
49 Cet 01 34 37.78 −15 40 34.90 Transitional Disc
AA Tau 04 34 55.42 +24 28 53.20 CTTS
AB Aur 04 55 45.84 +30 33 04.40 HAEBE
AS 205 B 16 11 31.40 −18 38 24.54 WTTS
BP Tau 04 19 15.84 +29 06 26.90 CTTS
CI Tau 04 33 52.00 +22 50 30.20 CTTS
CoKu Tau 4 04 41 16.81 +28 40 00.10 Transitional Disc
CQ Tau 05 35 58.47 +24 44 54.10 CTTS
CW Tau 04 14 17.00 +28 10 57.83 CTTS
CY Tau 04 17 33.73 +28 20 46.90 CTTS
DF Tau 04 27 02.80 +25 42 22.31 CTTS
DG Tau 04 27 04.70 +26 06 16.30 CTTS
DL Tau 04 33 39.06 +25 20 38.20 CTTS
DM Tau 04 33 48.72 +18 10 10.00 Transitional Disc
DN Tau 04 35 27.37 +24 14 58.90 CTTS
DO Tau 04 38 28.58 +26 10 49.40 CTTS
DoAr 24 E 16 26 23.35 −24 20 59.78 CTTS
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Table 1.2 – continued
Star R.A.(h m s) Dec (◦ ’ ”) Type of disc
DR Tau 04 47 06.21 +16 58 42.80 CTTS
EX Lup 16 03 05.49 −40 18 25.40 CTTS
FK Ser 18 20 22.75 −10 11 13.62 CTTS
Flying Saucer 16 28 13.71 −24 31 39.10 CTTS
FS Tau 04 22 02.18 +26 57 30.49 CTTS
FT Tau 04 23 39.19 +24 56 14.11 CTTS
GG Tau 04 32 30.35 +17 31 40.60 CTTS
GM Aur 04 55 10.99 +30 21 59.30 Transitional Disc
GO Tau 04 43 03.09 +25 20 18.80 CTTS
GQ Lup 15 49 12.14 −35 39 03.95 CTTS
Haro 1-16 16 31 33.46 −24 27 37.30 CTTS
Haro 6-13 04 32 15.41 +24 28 59.70 CTTS
HD 100546 11 33 25.44 −70 11 41.20 HAEBE
HD 104237 12 00 05.09 −78 11 34.56 HAEBE
HD 135344 B 15 15 48.44 −37 09 16.00 CTTS
HD 141569 15 49 57.75 −03 55 16.40 HAEBE
HD 142527 15 56 41.89 −42 19 23.30 CTTS
HD 142666 15 56 40.02 −22 01 40.01 HAEBE
HD 144432 16 06 57.95 −27 43 09.79 HAEBE
HD 150193 16 40 17.92 −23 53 45.18 HAEBE
HD 163296 17 56 21.29 −21 57 21.90 HAEBE
HD 169142 18 24 29.78 −29 46 49.40 HAEBE
HD 181327 19 22 58.94 −54 32 17.00 CTTS
HD 95881 11 01 57.62 −71 30 48.00 HAEBE
HD 97048 11 08 03.34 −77 39 17.50 HAEBE
Hen 3-600 A 11 10 27.88 −37 31 52.00 CTTS
HH 30 04 31 37.47 +18 12 24.50 CTTS
HK Tau B 04 31 50.57 +24 24 18.10 CTTS
HL Tau 04 31 38.43 +18 13 57.60 CTTS
HT Lup 15 45 12.87 −34 17 30.59 CTTS
HV Tau C 04 38 32.00 +26 11 00.00 CTTS
IM Lup 15 56 09.22 −37 56 05.80 CTTS
IQ Tau 04 29 51.56 +26 06 44.90 CTTS
IRAS 04158+2805 04 18 58.14 +28 12 23.50 CTTS
IRAS 04189+2650 04 22 00.70 +26 57 32.50 CTTS
IRAS 04385+2550 04 41 38.82 +25 56 26.80 CTTS
LkCa 15 04 39 17.80 +22 21 03.50 Transitional Disc
LkHa 326 03 30 44.06 +30 32 46.95 CTTS
LkHa 327 03 33 30.42 +31 10 50.40 CTTS
MWC 480 04 58 46.27 +29 50 37.00 HAEBE
PDS 66 13 22 07.55 −69 38 12.20 CTTS
RECX 15 08 43 18.58 −79 05 18.20 CTTS
RNO 90 16 34 09.17 −15 48 16.80 CTTS
RU Lup 15 56 42.31 −37 49 15.50 CTTS
RW Aur 05 07 49.54 +30 24 05.07 CTTS
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Table 1.2 – continued
Star R.A.(h m s) Dec (◦ ’ ”) Type of disc
RY Lup 15 59 28.39 −40 21 51.26 CTTS
RY Tau 04 21 57.40 +28 26 35.54 CTTS
SX Cha 10 55 59.76 −77 24 40.07 CTTS
T Cha 11 57 13.53 −79 21 31.50 Transitional Disc
T Tau N 04 21 59.42 +19 32 06.48 CTTS
TW Cha 10 59 01.09 −77 22 40.71 CTTS
TW Hya 11 01 51.92 −34 42 17.00 CTTS
TWA 07 10 42 30.11 −33 40 16.20 CTTS
USco J1604-2130 16 04 21.66 −21 30 28.40 CTTS
UX Tau A 04 30 03.99 +18 13 49.40 Transitional Disc
UY Aur 04 51 47.38 +30 47 13.50 CTTS
UZ Tau E 04 32 43.04 +25 52 31.10 CTTS
V1121 Oph 16 49 15.30 −14 22 08.63 CTTS
V1149 Sco 15 58 36.92 −22 57 15.30 CTTS
V380 Ori 05 36 25.43 −06 42 57.68 HAEBE
V4046 Sgr 18 14 10.47 −32 47 34.49 CTTS
V853 Oph 16 28 45.28 −24 28 19.00 CTTS
VW Cha 11 08 01.49 −77 42 28.85 CTTS
VZ Cha 11 09 23.79 −76 23 20.76 CTTS
Wa Oph 6 16 48 45.63 −14 16 35.96 CTTS
WW Cha 11 10 00.11 −76 34 57.89 CTTS
WX Cha 11 09 58.75 −77 37 08.88 CTTS
XX Cha 11 11 39.66 −76 20 15.25 CTTS
Table 1.2: List of the 85 objects, part of the DIANA database.
Stellar region Number of sources Stellar region Number of sources
Antlia 1 Musca 3
Aurigae 4 Ophiuchus 10
Centaurus 1 Orion 1
Cetus 1 Sagittarius 3
Chamaeleon 6 Scorpius 6
Hydra 1 Serpens 2
Libra 1 Taurus 31
Lupus 10 Telescopium 3
Table 1.3: Stellar regions and corresponding number of sources of the DIANA sample.
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Methods
2.1 Introduction
Most of this work is based on the analysis of lightcurves, spectral energy distributions,
colour-magnitude diagrams and other stellar parameters relations. This study made there-
fore use of statistical methods, either widely applied in science, or more subject specific
and tailored to the topics developed in this thesis. In the former case, the methods will
be described below, in the latter they will be introduced in the Chapters where they are
applied. De-reddening of fluxes, necessary to take into account interstellar extinction, will
also be included here, because it is a common procedure, not related to the specificity of
the current work.
The methods which will be discussed in the present chapter are:
• Pearson correlation coefficients;
• χ2 test;
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• Kolmogorov-Smirnov (KS) test;
• F test;
• De-reddening;
• Time-series analysis.
More chapter specific methods will be discussed separately:
• Pooled sigma (Chapter 3);
• Stetson Index (Chapter 4);
• Extinction ratio in colour-magnitude diagrams (Chapter 4);
• Correction for wind emission in the SED at millimeter wavelengths (Chapter 5).
2.2 Statistical tests
There are many tests that can be performed on data to analyse their distribution and
give an estimate of their value, and they are all based on the comparison between a null
hypothesis and an alternative hypothesis, against which the former will be tested. The
probability distributions of the two hypotheses will overlap in the so called critical region.
In this region two errors are possible: the rejection of the null hypothesis when it is true,
or the acceptance of it when it is false. The level of significance indicates the maximum
probability of rejecting the null hypothesis when it is true, and a commonly adopted value
is 5%. Table of critical values, which depend on the sample size and the level of significance
chosen, are available in statistics books and provide the threshold used to decide whether
accepting the null hypothesis or not.
2.2.1 Pearson correlation coefficients
Pearson correlation coefficients are a statistic developed by Pearson (1896) to see whether
two quantities are statistically independent or not, and this method will be applied espe-
cially in Chapters 3 and 4. The coefficients are defined as follows:
r =
∑n
i (xi − x¯)(yi − y¯)
σxσy
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where the numerator represents the covariance between the two samples, x and y,
and σx, σy are their respective standard deviations. According to this definition, r falls
between -1 and 1. A positive value means that both quantities either increase or decrease
in the same direction, i.e. there is a direct proportionality between them, while in case of
a negative value there is an inverse proportionality.
The null hypothesis is the hypothesis that two samples are completely unrelated, and
is verified when r = 0. The alternative hypothesis, which is true when there is a correlation
between the two quantities, is confirmed when the absolute value of r is greater than the
critical value rc. The closer the absolute value of r is to one, the stronger the correlation.
2.2.2 χ2 test
The χ2 test is used to quantify how much the data are scattered from the mean value,
and how much this scatter is lower than, comparable to or greater than the errors. It is
defined as the sum of the square of residuals from the mean value, normalised to their
squared errors according to the following equation:
χ2 =
N∑
i=1
(xi − x¯)
2
σ2i
(2.1)
where xi is the i-th value in a sample and x¯ is the mean over the entire sample.
The reduced χ2red is computed from Eq. 2.1 dividing by the degrees of freedom N − 1,
where N is the total number of data points:
χ2red =
1
N − 1
N∑
i=1
(xi − x¯)
2
σ2i
(2.2)
χ2red is usually preferable, because it normalises results to the degree of freedom. The null
hypothesis states that the square of the deviation from the mean is equal to the square
of the errors, σ2. The χ2red is always positive, and values much higher than one indicate
that there is a significant difference between measured data and the mean. In order to
quantify this deviation, the χ2red needs to be compared to tables of critical values. If the
χ2red value is greater than the critical value, then the null hypothesis will be rejected, and
the deviation from the mean will be much larger than the typical errors. This method will
be used in Chapter 4 to define how much stars are variable in infrared.
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2.2.3 Kolmogorov-Smirnov test
Kolmogorov-Smirnov (KS) test is used to compare two empirical samples or one empirical
and one theoretical sample. The former case is called two-sample KS test, the latter one-
sample KS test. In either case, the null hypothesis states that the two samples have
identical distribution. The test consists in measuring the maximum distance between the
two sample cumulative distributions:
Dn = max|P (x)− Sn(x)| (2.3)
where P (x) is the cumulative distribution of either the theoretical or the other empirical
sample, while Sn(x) is the cumulative distribution of the empirical sample having n data
points. Sn(x) is defined as follows:
Sn(x) =
i
n
xi ≤ x < xi+1 1 ≤ i ≤ n− 1
If the distance Dn is below the critical value Dn,c, the null hypothesis will be accepted
and the two samples will have the same distribution. This method can be used also when
samples have different sizes, m and n. In that case the critical value will be:
Dm,n,c = c(α)
√
m+ n
m · n
(2.4)
where c(α)=1.36 for level of significance α=0.05.
The KS method will be applied in Chapters 3 and 4.
2.2.4 F test for equality of two variances
The F test is used to compare the variances of two populations, where the null hypothesis
is that the two variances are equal. The F test is defined as follows:
F =
σ21
σ22
(2.5)
where σ21 is the variance of the sample having the higher degrees of freedom and σ
2
2 is the
sample having the lower degrees of freedom. The result of F is always a positive number
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greater than one, which needs then to be compared to tables of critical values. If the F
value is greater than the critical value, then the null hypothesis will be rejected and the
two populations will have different variances. This method will be applied in Chapter 3
to decide which stars are variable, by comparing them to a sample of non variable stars.
2.3 De-reddening
Extinction Aλ, or reddening, is the combination of absorption and scattering due to dust
in the interstellar medium, and it affects the apparent magnitude of stars by increasing
their intensities according to the following relation:
mλ = m0λ +Aλ (2.6)
where mλ is the magnitude affected by extinction at wavelength λ and m0λ is the unred-
dened magnitude. Magnitude is related to flux according to Pogson’s relation:
mλ = −2.5logFλ + constant (2.7)
where the constant is a wavelength dependent zero point. Eq.2.6 can therefore be written
in term of fluxes:
Fλ = F0λ × 10
−0.4Aλ (2.8)
where Fλ and F0λ are the observed and the unreddened flux respectively.
A rigorous extinction law from ultraviolet to infrared was derived by Cardelli et al.
(1989) and Mathis (1990), and is expressed as the ratio Aλ/AV versus λ
−1 or Aλ/AJ versus
λ−1, depending on the authors, where AV is the extinction in the visual band V, and AJ
in band J. The relation is linear mainly in optical and infrared towards long wavelengths.
Extinction affects mostly the blue part of the spectrum, at shorter wavelengths, with
the consequence of making objects appear redder than what they actually are. On the
contrary, it becomes almost negligible in the infrared region. Consequently, before be-
ing used, fluxes needed to be corrected for extinction, or dereddened, especially in the
ultraviolet, by applying the inverse of Eq. 2.8:
25
Chapter 2. Methods
F0λ = Fλ × 10
0.4Aλ (2.9)
The unknown extinction values Aλ for each wavelength were derived from intrinsic
and observed colours, in bands B and V, and from the extinction law provided by Mathis
(1990). The adopted procedure was the following:
• intrinsic colours (B − V )0 were taken from Table 6 in Pecaut & Mamajek (2013),
according to each stellar spectral type. The data provided by Pecaut & Mamajek
(2013) are the most recent and updated list of intrinsic colours for young stars;
• observed colours (B − V ) were taken from the literature;
• the colour excess E(B−V ) was computed by subtracting the intrinsic colour to the
observed one: E(B − V ) = (B − V )− (B − V )0;
• E(B−V ) was used to compute AJ through the relation AJ = RJ×E(B−V ), where
RJ = 0.72 (Yuan et al., 2013).
• Aλ was in the end computed multiplying AJ by the ratio Aλ/AJ provided for each
wavelength by Mathis (1990): Aλ = AJ × (Aλ/AJ).
When (B − V ) was not available or E(B − V ) was negative, no extinction could be
applied to fluxes.
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2.4 Time series analysis
In Chapter 3 time analysis techniques are applied to optical lightcurves to search for
possible periods. The methods used are the following:
1. Lomb-Scargle periodogram (Lomb, 1976; Scargle, 1982),
2. Z-transformed Correlation Function (ZDCF) (Alexander, 1997),
3. Epoch folding technique (Leahy et al., 1983; Larsson, 1996),
4. Phase Dispersion Minimization (PDM) (Stellingwerf, 1978; Davies, 1990).
The first method belongs to the category of the frequency domain analysis, the other
three to the time domain analysis.
2.4.1 Frequency domain analysis
In the frequency domain, the lightcurve is analysed through the Fourier transform. The
pure Fourier analysis, however, is not always suitable for astronomical data where there
are often gaps between observations, so for this reason other techniques, still based on the
Fourier transform, were developed in the last decades, and among these the Lomb-Scargle
periodogram was chosen to be used in this work.
Lomb-Scargle Periodogram
It is known that any function can be written as a sum of sinusoidal function by using
Fourier series, which in the most general case becomes:
f(t) =
N∑
n=1
Rncos(ωnt− φn) (2.10)
where R is the amplitude of each sinusoidal function, ω is the angular frequency or har-
monic, φ is the phase, and N is the total number of data. By applying trigonometric
addition formulas, Eq. 2.10 becomes:
f(t) =
N∑
n=1
Rncos(ωnt)cos(φn) +Rnsin(ωnt)sin(φn) (2.11)
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By using Euler’s notation, Eq. 2.11 can be written in a more compact form:
f(t) =
N∑
n=1
Cne
iωnt (2.12)
where the coefficients Cn, which carry the information about amplitude Rn and phase φ,
are a function of ω and are related to the initial function through the Discrete Fourier
Transform:
Cn(ω) =
N∑
n=1
f(t)e−iωnt (2.13)
The square of the coefficients, which in turn is equivalent to the sum of the square of the
amplitudes, defines the Periodogram P (ω):
P (ω) =
1
N
|Cn(ω)|
2 ⇒ P (ω) =
1
N
[( N∑
n=1
f(t)cosωnt
)2
+
( N∑
n=1
f(t)sinωnt)
)2]
(2.14)
When data are evenly sampled, the periodogram is very useful to find periods, defined
by ω−1, but in reality astronomical observations are likely to have time gaps. Scargle
(1982) developed a modified version of the periodogram to take into account the real data
sampling:
P (ω) =
1
2
{[∑
n f(t)cosωn(t− τ)
]2
∑
n cos
2ω(t− τ)
+
[∑
n f(t)sinωn(t− τ)
]2
∑
n sin
2ω(t− τ)
}
(2.15)
where τ is a delay, or time translation, which does not affect the final result, but has the
advantage of simplifying the form of the equation.
Eq. 2.15 was derived by applying the least-square technique to the sinusoid, so that a
peak in P (ω) corresponds to the frequency which provides the best fit of the sinusoid to
the data (Scargle, 1982).
2.4.2 Time domain analysis
In the time domain analysis, instead, a regression is performed on past values of the time
series, and then some parameters will be tested against the null hypothesis of uniformity
of data.
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Z-transformed Discrete Correlation Function
This method is based on the autocorrelation function, but was specifically tailored to
uneven samples of data. The autocorrelation function, or correlogram, is a function which
relates correlation coefficients to their trial periods, also called lags. An example for the
function f(t) = 2sin(2t) + cos(5t) is shown in Fig. 2.1. Given a lightcurve, which is a
function of time f(t), first a lag τ needs to be chosen (τ = 2 in the current example), then
the correlation coefficient rτ will be computed between all pairs(f(t),f(t + τ)) over the
entire timescale:
rτ =
∑N
i=1[f(ti)− f(t¯)][f(ti+τ )− f(t¯)]∑N
i=1[f(ti)− f(t¯)]
2
(2.16)
rτ is basically the correlation coefficient in the diagram f(t) versus f(t+ τ), as shown
in Fig. 2.2, and its value is between [-1,1], as defined by the Pearson correlation coefficients
explained in Section 2.2.1.
Figure 2.1: For each lag τ a set of pairs (f(t), f(t+ τ) can be defined. In this example τ = 2.
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Figure 2.2: The pairs (f(ti), f(ti+ τ)) are used to derive the correlation coefficient rτ for the lag
τ . The example refers to the previous function, where τ = 2. Data are clearly anticorrelated in
this case.
In order to find the best possible period, rτ needs to be computed for a set of lags.
All correlation coefficients will be then plotted versus lag τ , hence yielding a correlogram.
The lag which provides the correlation coefficient closest to unity will be the best period
for the lightcurve. Fig. 2.3 shows the correlogram for the example function depicted in
Fig. 2.1, where it can be seen that the higher values of rτ are achieved when τ is between
2.5 and 3.5 or at 6.28, which corresponds to an entire cycle 2pi. The dashed lines show
that rτ = −0.59 for τ = 2. The correlation coefficient is always 1 when τ = 0, because no
time delay is applied in this case.
The same method can be applied to two different lightcurves, but it will be called
Correlation function instead of Autocorrelation. The only difference is that the data
points f(t) and f(t+ τ) will belong to different functions. It is worth mentioning that the
autocorrelation function is the Fourier transform of the periodogram: they provide the
same information, but the former is in the time domain while the latter in the frequency
domain.
As explained before, astronomical data often lack of uniformity in the sampling and
this issue had been dealt with in several ways when applying the autocorrelation function.
In case of time gaps some authors (Gaskell & Peterson, 1987) interpolate the data, others
(Edelson & Krolik, 1988) prefer to bin the data and use the mean and variance computed
in each bin. The former method assumes that the lightcurve varies smoothly, but might
introduce spurious data; whereas the latter tends to yield correlation coefficients which
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Figure 2.3: The correlogram shows that the best correlation is achieved when τ is between 2.5
and 3.5 or after an inter cycle, i.e. at 6.28, equivalent to 2pi. In the current example r = −0.59
when τ = 2.
are not normally distributed, hence generating biassed results (Alexander, 1997).
Alexander (1997) addressed this issue by introducing the ZDCF method. The main
differences consist in using Fisher’s z-transform to estimate the correlation coefficients
and in binning the data in equal number of items instead of equal time lag. The Fisher’s
z-transform is defined as follows (Fisher, 1921):
z =
1
2
ln
(
1 + r
1− r
)
(2.17)
and has the advantage of being normally distributed better than r (Alexander, 1997).
Further, binning the data by number of data points instead of by time allows improving
the results in case of time gaps (Alexander, 1997).
The other two techniques in the time domain are ’Epoch Folding’ and ’Phase Dispersion
Minimisation’. They both make use of the folding method, but the former tests the data
for uniformity in each phase bin, while the latter analyses the variance within each phase
bin. They will be now described in detail.
Epoch Folding Technique
The Epoch Folding Technique tests different trial periods and folds the data onto them.
It then returns, for each trial period, the χ2 computed to test the null hypothesis that the
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mean magnitude is the same over the entire trial period. A periodicity is given through a
high χ2, because in this case the null hypothesis is not true and data points show instead
a well defined pattern once the lightcurve is folded onto a specific period (Larsson, 1996).
After folding the data, the period is divided in n bins. The χ2 statistic is given by:
χ2 =
N∑
i=1
(xi − x¯)
2
σ2i
(2.18)
where xi is the number of counts in the i-th bin, x¯ is the mean over the entire sample, and
σ2i is the variance in the i-th bin. If there is no periodicity on the chosen trial period, all
data in each bin will be scattered around the same mean value, because the folded light
curve could be approximated with a straight line. In the χ2 distribution the mean is equal
to the degrees of freedom N − 1, N being the total number of data points, so if χ2 ≈ N
the null hypothesis of absence of periodicity will be confirmed. On the contrary, a high
value of χ2 will be an indication of periodicity.
Phase Dispersion Minimisation
The Phase Dispersion Minimisation is similar to the Epoch Folding, in that data are folded
on a trial period, but in this case the variance instead of the mean will be tested. If the
trial period is divided into M bins having ni data points in each bin and the total number
of observations is N , letting σ2 and s2i be the variance over the entire sample and in each
bin respectively, the PDM test statistic as defined by Stellingwerf (1978) is:
Θ2 =
s2
σ2
≡
1
σ2
∑M
i=1(ni − 1)s
2
i
N −M
(2.19)
where σ2 = 1N−1
∑N
1=1(xi − x¯)
2 is the sample variance over the whole unfolded data.
If the folded data are uniformly distributed, i.e. there is no periodicity, the variance
in each bin will be roughly the same, and consequently Θ2 ≈ 1. If there is a periodicity,
instead, the variance in each bin will be smaller than the entire sample data, and Θ2 ≈ 0.
In general, the more Θ2 is close to zero, the more correct the trial period is.
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Optical variability in classical T Tauri stars
T Tauri stars are young stellar objects (YSO), first characterised because of their optical
variability (Joy, 1942, 1945), and only later on found to host protoplanetary discs where
new planets form. Although it was discovered more than half a century ago, variability
is a feature which is still extensively studied and whose causes are not completely known
yet. In fact, there seems to be a multiplicity of mechanisms, either star or disc related,
which give rise to the observed flux variations, as it will be explained in Section 3.1.
This Chapter makes use of the optical photometric data collected during almost a decade
for the SuperWASP survey, described in Section 3.2, and aims to analyse and quantify
over that timescale the optical variability in a sample of 39 CTTS (Section 3.3). For the
most variable stars it will be searched for a periodic pattern through time series analysis
(Section 3.4), while for the entire sample the causes of variability will be analysed in
relation to stellar and disc properties (Section 3.5).
33
Chapter 3. Optical variability in classical T Tauri stars
3.1 Optical variability in CTTS
T Tauri stars have long been known to present optical irregular variations which can be
as high as 3 magnitudes (Joy, 1945), but it was understood very soon that there was not
a single cause of variability.
One of the first attempts of variability classification was proposed by Parenago (1954),
who provided a qualitative grouping in four classes based on the prevalence of bright or
dim phases, as described in Weaver & Frank (1980). Cohen & Schwartz (1976) tried
also to delve into the causes of variability and proposed two mechanisms: obscuration by
dusty material in the form of protoplanetesimals and changes in the gas emission from
the star, like the level of ionisation in the outer part of the stellar surface. The former
one, however, required not only that objects were viewed edge-on but also a large number
of protoplanetesimals in order to explain the observed variations. Moreover, the Hα flux
related to the infrared variations did not seem to support this idea. Schmelz (1984)
considered other possible explanations: changes in the spectral type of the star, and hence
in its temperature, and changes in the optical depth either in the chromosphere or in the
“dust shell”, now known as protoplanetary disc.
More convincingly, Herbst et al. (1994) classified the variability of T Tauri stars defin-
ing three types, and offered an explanation still accepted today. Type I variability involves
strictly periodic variations on a timescale ranging from half a day to slightly less than three
weeks, explained as due to cool spots on the stellar surface. The observed periodicity is
hence the rotation period of the star. Type I variations are more easily found on WTTS
rather than CTTS, because those stars are devoid of disc and consequently do not present
other kinds of disc-related variability. Type I periodicity shows a bimodal distribution
(Attridge & Herbst, 1992), with peaks at either 2 or 8 days, and it was found that faster
rotators are stars without a disc, while the presence of a disc makes the stars slow down
(Edwards et al., 1993; Bouvier et al., 1993; Cieza & Baliber, 2007). Type II variations,
observed only in CTTS, are more irregular and are deemed to be caused by hot spots,
i.e. the regions where material accreting from the disc hit the stellar surface. Type II
variations are observed on hourly timescales and are about ten times wider than Type
I, with maximum amplitudes of 2-3 mag depending on the band. Type III are irregular
variations like Type II but longer, on timescales of days-weeks instead of hours. The am-
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plitude of variations is less than one magnitude. These variations are explained as due
to circumstellar variations. Extensive studies for the last two decades have investigated
the presence of a warped circumstellar disc as cause of variation (Carpenter et al., 2002;
Bouvier et al., 2003), favoured also by new infrared photometry available from satellites
like Spitzer (Flaherty et al., 2013).
Ismailov (2005) proposed a five-type classification scheme, based on the analysis of 28
T Tauri stars, which combines the causes of variability like in Herbst et al. (1994) with the
lightcurve morphology like in Parenago (1954). The five groups differentiate mainly on
how the mean brightness and the amplitude of each lightcurve vary. Type I, where there
are not changes in the amplitude and the mean brightness remain constant, is explained as
due to cool spots. Type II, characterised by variations in the amplitude without changes
in the mean brightness, would be caused by hot spot or cyclic stellar activity similar to
our Sun. In Type III only the mean brightness changes and is explained as due to the
presence of a companion. The more complex shape of Type IV lightcurves, which combine
the variations of type I and II, would be caused by both variations in the chromospheric
activity and eclipses by a companion. The last group, type V, is characterised by a high
level of brightness with occasional and quick dips. The origin of these events would be
twofold: obscuration by circumstellar gas and dust when there are frequent dips, and
eclipses by a companion when the drop in flux happens at least every two years.
A very detailed morphological classification was recently presented by Cody et al.
(2014). They grouped lightcurves on the basis of shape and periodicity. The former
parameter describes the level of asymmetry in the flux and is divided into three categories:
bursters, symmetric and dippers. Burster are lightcurve which show increases in luminosity
over less than one day, and which are explained as due to accretion instabilities. Dippers,
on the other hand, are characterised by sharp and quick drops in flux with respect to
the continuum level. These events are explained as extinction caused by circumstellar
material or, when strictly periodic, by circumbinary discs. Symmetric lightcurves, instead,
present the same level of increase and decrease in their fluxes. Concerning periodicity, they
identified again three groups: periodic, quasi-periodic and aperiodic lightcurves. Very few
YSOs in their sample present a strictly period behaviour, while most of them are quasi-
periodic or aperiodic. Quasi-periodic means either that the period changes from cycle
to cycle or that there is a superposition of periodicity and aperiodicity, where aperiodic
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lightcurves have no sign of regular pattern.
In order to find possible patterns in the luminosity changes, the analysis of variability
requires observations over at least several days to detect Type I variations, based on
Herbst et al. (1994) classification, but possibly weeks if not months or years for Type
II and III. Consequently, short-term variations have been more extensively studied than
long-term variations, which require timescales of years to be properly identified. Beck &
Simon (2001) used archival photographic plates to analyse the variability of three T Tauri
stars over 50 years during the beginning of the 20th century. Gahm et al. (1993) analysed
lightcurves, colours and periodicity of 16 YSOs between 1981 and 1991, and they found
periods between a few days and three weeks in most of the stars in their sample, although
clearly pointed out that no period was observable for the entire decade. Percy et al. (2010)
made use of observations of 22 T Tauri stars over three decades, and found that most of the
variable stars had variability on a timescale of 0-100 days, even longer for some of them.
Proper periods were found only for few stars instead. The most remarkable study on
long term variability was performed by Grankin et al. (2007), who analysed the variability
of 73 CTTS over 20 years from 1983 until 2003. They used some statistical parameters
and colours to characterise the variability, and found four typical kinds of lightcurves.
In the largest group they found a rather stable pattern, explained as a reflection of the
short term variations due to hot or cold spots. A small group exhibited instead large
changes in brightness over the years, and was interpreted as due to high variations in
the accretion rate or to changes in the circumstellar extinction. Stars which presented
seasonal variations with small drops in brightness were explained as binary stars or stars
partially occulted by circumstellar disc material. F8 to K2 stars showing a blue change in
colour at the minimum brightness were explained as surrounded by variable circumstellar
extinction. The authors, however, stressed that in most cases there is a combination and
superposition of effects when analysing long term variability. Other long-term studies were
performed in infrared (Rebull et al., 2014; Flaherty et al., 2013), but they will be discussed
in the next chapter.
The goal of the work presented in this Chapter is the analysis of the optical lightcurves
of 39 CTTS, observed for seven years between 2004 and 2011. Only two objects in the
sample are in common with Gahm et al. (1993) and Percy et al. (2010); there is a larger
overalapping with the work of Grankin et al. (2007), but in all cases SuperWASP im-
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ages are subsequent to other observations and can be considered basically a continuation.
Moreover, with respect to Grankin et al. (2007), despite the lack of colours many more
datapoints are available. The attention in this Chapter focussed in particular on long-term
variability, where long means above at least two weeks, hence presumably not related to
rotation effects. For the most variable stars it was also searched for possible periods or
quasi-periodic patterns. The last part of the Chapter uses a number of parameters and
correlations to identify possible causes of variability.
3.2 The SuperWASP archive
SuperWASP (Wide Angle Search for Planets) is an extrasolar planet survey, operating
since 2004 and lead by eight Universities, six of which are in the UK (Butters et al.,
2010). It consists of two automated observatories, one in La Palma Island in the Northern
hemisphere, and one in South Africa in the Southern hemisphere. Each telescope uses a
combination of eight lenses, with a field of view of 7.8◦× 7.8◦ each and an angular scale of
13.7” pixel−1. They observe in the optical band, between 400 nm and 700 nm. The main
purpose is the detection of exoplanets through the transit method, but a full sky survey is
also performed twice a night. The wide field of view and the frequent mapping of the sky
have allowed recording a wealth of data, useful not only to detect new planets, but also to
analyse how luminosity of stars changes over time. Even if the lightcurves present some
gaps due to seasonal observational effects and do not cover uniformly the entire seven-year
timescale, there are in total between 1600 and 47000 data points per object in the selected
sample, which allowed an in-depth analysis of the variations.
The archive contains nearly 18 million stars, observed between 2004 and 2011, and
for this study the lightcurves of 39 CTTS were downloaded. The data in the archive are
reduced through a pipeline devised by Butters et al. (2010), and two options of fluxes
and related errors are available. The ones used in this work are those already corrected
for atmospheric extinction and detector efficiency by (Tamuz et al., 2005), and called
TAMFLUX2 and TAMFLUX2 ERR respectively. Following the procedure provided by
Butters et al. (2010), fluxes were then converted into magnitude using the relation:
m = 15− 2.5 log10F (3.1)
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while errors where derived from the error propagation equation:
errmag = 2.5 (log10e)×
(
Ferr
F
)
(3.2)
3.2.1 Data sample and preparation
Of the initial sample of 62 CTTS in the DIANA database listed in Table 1.2, only 46
stars were available in the SuperWASP archive. All observations were taken from 2004
onwards, so the time starting point is 1.1.2004. The number of datapoints per night varies
from one to a few hundreds, with a median of 40-50. The minimum separation can be as
low as 20 seconds.
A set of filters was applied in order to clean the data from outliers and fluxes with
major uncertainties. At first, stars with fewer than 100 data points were discarded, in
order to have a more reliable statistics of the variability. As a consequence, seven objects
were rejected and the final sample reduced to 39 CTTS. Afterwards, outliers were removed
from the sample: data points were considered “outliers” in case they lay outside mag±6σ.
In case the number of data points was greater than 60%, the percentage was recomputed
with n-sigma (n being an integer, from 1 to 5) until it matched the threshold required.
Another cut-off was then applied, and only fluxes with errors lower or equal to one mag-
nitude were kept. From a visual comparison of lightcurves it was found that some nights
had particularly noisy data in all stars, so those data were removed, because appeared to
be misleading in the period determination. The final list of stars used in this Chapter is
in Table 3.1, while nights removed from the files are listed in Table 3.2.
Two stars, LkHa 326 and LkHa 327, presented an anomalous behaviour, especially
from September 2007 until December 2007. For this reason the entire trimester was
removed. These two objects, 52.18’ distant from each other, show some similarities in their
lightcurves. In particular, there are great variations in magnitude between September and
December 2007, and both stars appear to be a magnitude fainter after these anomalous
variations. This trend is not present in RW Aur, which is the only other star observed
in the same period of time. However, RW Aur is about 2h 20m away from the other two
stars and consequently images are taken on different frames. The peculiar behaviour of
LkHa 326 and LkHa 327 in the last trimester of 2007 might hence be due to instrumental
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effects. If the variations were intrinsic, they would be quite remarkable, given that there
are changes up to 2 magnitudes per day. However, due to this uncertainty, it was decided to
be conservative and to remove the entire trimester, plus the following data until February
2008, which had too few observations to compute good statistics and to estimate a period.
The removed data points are depicted in red in Fig. 3.1.
Figure 3.1: Lightcurves of LkHa 326 (left) and LkHa 327 (right). In red are highlighted the
discarded data points, as explained in Section 3.2.1.
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Name Group α(h m s) δ(◦ ’ ”) Sp.Type incl.(◦) multipl. mag ± σ Ref (SpT+incl,binarity)
AA Tau A 04 34 55.42 +24 28 53.20 M0.6 75 1 12.85 ± 0.38 a,1,15
BP Tau - 04 19 15.84 +29 06 26.90 M0.5 39 1 12.26 ± 0.14 a,2,15
CI Tau - 04 33 52.00 +22 50 30.20 K5.5 46 1 12.78 ± 0.15 a,3,15
CQ Tau A 05 35 58.47 +24 44 54.10 F3 66 1 10.23 ± 0.40 c,4
CW Tau B 04 14 17.00 +28 10 57.83 K3 1 12.62 ± 0.57 d,-,15
DF Tau - 04 27 02.80 +25 42 22.31 M2.7 2 11.85 ± 0.27 a,-,18
DN Tau - 04 35 27.37 +24 14 58.90 M0.3 77 1 12.38 ± 0.11 a,5,15
DoAr 24 E - 04 38 28.58 +26 10 49.40 K0 2 14.44 ± 0.15 e,-,17
DO Tau A 16 26 23.35 −24 20 59.78 M0 42 1 13.03 ± 0.43 d,5,15
DR Tau - 04 47 06.21 +16 58 42.80 K6 67 1 11.85 ± 0.29 a,5
FS Tau - 04 22 02.18 +26 57 30.49 M2.4 2 14.70 ± 0.17 a,-,16
FT Tau - 04 23 39.19 +24 56 14.11 M2.8 60 1 14.37 ± 0.22 a,3
GG Tau - 04 32 30.35 +17 31 40.60 K7.5 37 2 12.18 ± 0.12 a,6,16
GO Tau - 04 43 03.09 +25 20 18.80 M2.3 66 1 14.89 ± 0.23 a,3,15
GQ Lup - 15 49 12.14 −35 39 03.95 K5 1 11.27 ± 0.12 a
Haro 1-16 - 16 31 33.46 −24 27 37.30 K3 1 12.82 ± 0.09 e
Haro 6-13 B 04 32 15.41 +24 28 59.70 M0 1 16.02 ± 0.56 f
Hen 3-600 A - 11 10 27.88 −37 31 52.00 M4.1 2 12.06 ± 0.05 a,-,19
HK Tau B - 04 31 50.57 +24 24 18.10 M1.5 85 2 15.00 ± 0.27 a,7,16
HL Tau - 04 31 38.43 +18 13 57.60 K3 53 3 12.78 ± 0.23 a,5,20
HT Lup - 15 45 12.87 −34 17 30.59 K2 3 10.26 ± 0.05 a,-,16
HV TauC - 04 38 32.00 +26 11 00.00 M1 84 1 14.21 ± 0.13 q,8
IM Lup - 15 56 09.22 −37 56 05.80 K6 54 1 11.35 ± 0.07 a,9
IQ Tau B 04 29 51.56 +26 06 44.90 M1.1 71 1 13.15 ± 0.49 a,5,15
IRAS 04189+2650 - 04 22 00.70 +26 57 32.5 K5 1 14.58 ± 0.16 f
LkHa 326 - 03 30 44.06 +30 32 46.95 M0 1 12.98 ± 0.53 g
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Table 3.1 – continued
Name Group α(h m s) δ(◦ ’ ”) Sp.Type incl.(◦) multipl. mag ± σ Ref (SpT+incl,binarity)
LkHa 327 - 03 33 30.42 +31 10 50.40 K2 1 14.11 ± 0.35 h
RU Lup A 15 56 42.31 −37 49 15.50 M0 24 1 11.36 ± 0.36 i,10
RW Aur A 05 07 49.54 +30 24 05.07 K6.5 77 3 10.45 ± 0.32 a,11,16
RY Tau - 04 21 57.40 +28 26 35.54 G0 66 1 10.06 ± 0.23 a,12
T Tau N - 04 21 59.42 +19 32 06.48 K0 1 10.14 ± 0.08 a,-,16
TWA 07 - 10 42 30.11 −33 40 16.20 M3.2 1 10.72 ± 0.19 a-,21
TW Hya - 11 01 51.92 −34 42 17.00 M0.5 6 1 10.78 ± 0.11 a,13
USco J1604-2130 - 16 04 21.66 −21 30 28.40 K2 - 12.11 ± 0.26 l
UZ Tau E - 04 32 43.04 +25 52 31.10 M1 54 2 12.18 ± 0.20 d,14,16
V1121 Oph - 16 49 15.30 −14 22 08.63 K4 1 11.69 ± 0.06 m
V1149 Sco - 15 58 36.92 −22 57 15.30 G7 1 10.29 ± 0.04 n
V853 Oph - 16 28 45.28 −24 28 19.00 M1.5 2 13.39 ± 0.19 o,-,17
Wa Oph 6 - 16 48 45.63 −14 16 35.96 K7 41 1 13.24 ± 0.09 p,3
Table 3.1: Data sample. In bold are highlighted stars that belong to group A, stars from group B are underlined. (See text, Sect. 3.3.1).
(1)Bouvier et al. (1999), (2)Muzerolle et al. (2003), (3)Andrews & Williams (2007a), (4)Natta & Whitney (2000), (5)Kitamura et al. (2002), (6)Pie´tu
et al. (2011), (7)McCabe et al. (2011), (8)Monin & Bouvier (2000), (9)Panic´ & Hogerheijde (2009), (10)Stempels et al. (2007), (11)Eisner et al. (2007),
(12)Isella et al. (2010), (13)Qi et al. (2006), (14)Simon et al. (2000), (15)White & Ghez (2001), (16)Woitas et al. (2001), (17)Barsony et al. (2003),
(18)Tamazian et al. (2002), (19)Correia et al. (2006), (20)Welch et al. (2004), (21)Muzerolle et al. (2001b), (22)Andrews & Williams (2007b), (a)Herczeg
& Hillenbrand (2014), (c)Herna´ndez et al. (2004), (d)Kenyon & Hartmann (1995), (e)Bouvier & Appenzeller (1992), (f)Luhman et al. (2010), (g)Casali
& Eiroa (1996), (h)Fernandez et al. (1995), (i)Hughes et al. (1994), (l)Ko¨hler et al. (2000), (m)Torres et al. (2009), (n)Houk & Smith-Moore (1988),
(o)Cohen & Kuhi (1979), (p)Grankin et al. (2007), (q)Andrews & Williams (2005)
.
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2007 2007-8 2009 2010 2011
9 Sep 2 Sept-13Feb 21-24 Nov 18-19 Oct 3-4 Jan
20 Dec 28 Aug 3,30 Oct
3-4 Nov 26 Nov
2-3 Dec
Table 3.2: Noisy nights removed from the original fits files in the entire sample. The long semester
between 2007 and 2008 was removed only in LkHa 326 and LkHa 327. See sect. 3.2.
3.3 Analysis of the optical variability
From visual inspection of the lightcurves, it was not possible to find typical patterns
like those defined by Cody et al. (2014), probably due to larger gaps in the data points.
However, all lightcurves shows clearly changes in magnitudes over time, to a greater or
lesser extent. The amplitude of variations varies from a minimum of 0.7 magnitudes in
V1121 Oph to a maximum of 5.4 in CW Tau, with an average value of 2.5.
In order to be sure that the variability is not due to noise, the mean magnitude versus
standard deviation was plotted in Fig. 3.2, where in asterisks there are the sample stars
and in open circles some comparison stars. The comparison stars were chosen under the
condition that they were nearby the sample stars and having the same magnitude, within
0.5 magnitude uncertainty. The majority of the stars lie 0.1 magnitude above the pattern
Figure 3.2: Mean magnitude versus standard deviation for the sample stars (asterisks) and the
comparison stars (open circles).
defined by the comparison stars, which means they are definitely variable. For the other
stars, the presence or lack of variability was estimated by using the F test described in
Section 2.2.4. Given the high number of data points for each star, F ≈ 1, but to be
conservative the threshold between variable and non-variable stars was chosen three times
bigger. Hence only stars having F > 3 were considered variable, and 13 stars in the sample
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are thus non variable.
The analysis of the light variations was performed using the pooled sigma, a method
introduced by Dobson et al. (1990) to highlight the effect of different sources of variability
on different timescales. This method was developed to analyse the stellar magnetic activ-
ity, which is due to a combination of events, like flares, stellar rotation, spot cycles and
instrumental effects (Dobson et al., 1990). It seemed appropriate to use the pooled sigma
in this work, because T Tauri variability is also due to a variety of causes, as explained
in Section 3.1, and this method provided an indication of the timescale of variations for
each star. Results were then doubled checked through the pooled quantile as well, which
is the same method applied to quantiles instead of variances.
3.3.1 Pooled Sigma
The pooled sigma is an average standard deviation (stdev), weighted according to the
number of data points available for each subset considered. The entire data sample, which
covers several years, was first divided in smaller time periods (“bins”) and the stdev was
computed for each bin. Subsequently, the pooled sigma for that time period was computed
by averaging stdev over all bins, where bins with more data points had a greater weight.
σpool =
√∑nbins
i=1 (Ni − 1)σ
2
i∑nbins
i=1 Ni − 1
(3.3)
where, for each i-bin, Ni is the number of data points and σi is the standard deviation
from the mean,
σi =
√√√√ N∑
i=1
(xi − x¯)2
N − 1
(3.4)
and x¯ is the optimal average, weighted on the photometric errors:
x¯ =
∑N
i=0
xi
σ2erri∑N
i=0
1
σ2erri
(3.5)
Eleven subsets were used for each star, and consequently eleven different pooled sigma
derived: with bin-size of 7, 15, 21, 30, 60, 90, 180, 365, 730, 1095 days and a “decade”.
The “decade” subset, which corresponds to the entire timescale, may differ from star to
star, depending on the available data, but most of the times it covers seven years. In
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this procedure, the bins were shifted continuously, so that they overlapped each other
and covered smoothly the entire sample even in case of time gaps. However, only bins
with more than 50 data points were used in Eq. 3.3, so as to avoid datasets with a poor
statistics. The scatter of the pooled sigma was computed through an equation analogous
to Eq. 3.4, where xi was substituted with σi.
σσpool =
√√√√nbins∑
i=1
(σi − σpool)2
N − 1
(3.6)
3.3.2 Types of pooled sigma
Pooled sigma type Main features Percentage Example
Type I Flat curve 57% TWA 07
Type II Initial rise followed by a flat curve 15% DF Tau
Type III Drop after 2 years 15% CW Tau
Type IV Peak on the second year 5% AA Tau
Type V Slow but steady rise 8% DO Tau
Table 3.3: Different types of pooled sigma curves, their main features, percentages and an example
star.
Once pooled sigma was plotted versus bin size, i.e. weeks, five different kinds of shape
emerged in the curve shape. The main features of each type are listed in Table 3.3, while an
example for each group is shown in Fig. 3.3. The entire sample is available in Appendix A.
The majority of the stars, 57% of them, have constant pooled sigma over time, which
means that variations do not change in amplitude. They belong to Type I, and show the
same behaviour as TWA07. 15% of the stars are Type II and show constant variations
after an initial rise of pooled sigma between two weeks and two months, but even six
months in RY Tau. These stars have fluxes that vary over a timescale not longer than
half a year. Another group with the same percentage, Type III, is characterised instead
by a drop in pooled sigma on a two-year modulation, followed by a subsequent rise. On
the contrary, Type IV shows a peak at two years, followed by a decline. In both groups
III and IV the behaviour before two years changes from star to star, although there is
a general increase in pooled sigma. Further, the latter Type is less common than the
former. Another small group of stars, Type V, has a slow but steady rise of pooled sigma
over the entire timescale, without significant fluctuation. These last three Types confirm
previous observations that some stars exhibit variations over a timescale of years (Percy
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Figure 3.3: Example of each type of pooled sigma, as described in Table 3.3.
et al., 2010), although the vast majority vary over a timescale of no more than one-two
months.
3.3.3 Maximum pooled sigma and slope
Groups III to V, in particular, highlight how variations can be complex and affect multiple
timescales. In order to better constrain the variability, two parameters were considered for
each plot: the maximum pooled sigma (σmax) and the slope (S) of the straight line that
fits the data points. σmax provides an indication of the maximum amplitude of variations
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over the entire timescale, while S shows how much these variations evolve over time. When
variations have always the same amplitude, like in Type I, S is close to zero. On the other
hand, when pooled sigma rises steadily, S will increase accordingly.
As seen in Table 3.3, about half of them belong to Type I, hence have fairly constant
variations throughout the entire timescale, which means they have small S. More relevant
to this study was the other half, where there are larger changes over time. Particular
attention was paid on those cases where there were high values of σmax and S, i.e. where
there are high amplitudes in variations but also changes of amplitudes over time.
All values of σmax and S are plotted on the left side of Fig. 3.4 and listed in the last
two columns of Table 3.4. From the diagram, it can be seen that there is a group of
five stars, depicted in triangles, which distinguishes itself for having values of σmax and
S simultaneously higher than a threshold defined as the the third quantile, Q75, listed in
Table 3.5. Quantitatively speaking, these stars have σmax greater than 0.3 magnitudes
and S steeper than 0.04, and they will be from now on referred to as “group A”. They
include: AA Tau, CQ Tau, DO Tau, RU Lup and RW Aur. A second group (CW Tau,
IQ Tau and Haro 6-13), called “group B” and identified by filled circles, was also taken
into consideration because of its high σmax (greater than 0.3 as before), despite shallow
slope (S between 0.009 and 0.04). The high variable stars in Group A and B will be
subject to time analysis in Section 2.4.
Pooled Quantile
Another method was tested in order to have a term of comparison: the pooled quantile.
The n-quantile is computed first by sorting magnitudes and then by taking the data which
lie n% (of the total number) away from the upper and lower limit. The interquantile range,
which is the number of data comprised between n% and (total-n)% of the total number,
or equivalently the number of data without n% from the limits, provides an estimate of
the variation comparable to twice the pooled sigma. The interquantile range in this work
is (95÷5)% and the pooled quantile was then computed using an equation analogous to
Eq. 3.3. There is no significant difference in the pooled sigmas, in terms of trends, which
confirms that results do not depend on a specific method.
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Star Group decade 156 104 52 26 12 8 4 3 2 1 σmax S
weeks weeks weeks weeks weeks weeks weeks weeks weeks week
AA Tau A 0.38 0.41 0.42 0.40 0.37 0.37 0.37 0.32 0.30 0.28 0.27 0.42 0.055
BP Tau - 0.14 0.13 0.13 0.13 0.14 0.14 0.13 0.12 0.11 0.11 0.10 0.14 0.013
CI Tau - 0.15 0.15 0.15 0.15 0.16 0.15 0.15 0.13 0.12 0.12 0.11 0.16 0.018
CQ Tau A 0.40 0.37 0.39 0.36 0.35 0.32 0.32 0.31 0.30 0.29 0.28 0.40 0.048
CW Tau B 0.57 0.51 0.48 0.50 0.56 0.54 0.54 0.53 0.52 0.49 0.43 0.56 0.021
DF Tau - 0.27 0.28 0.27 0.27 0.27 0.27 0.27 0.27 0.26 0.25 0.21 0.28 0.016
DN Tau - 0.11 0.11 0.11 0.10 0.09 0.10 0.10 0.10 0.10 0.10 0.09 0.11 0.006
DoAr 24 E - 0.15 0.16 0.16 0.16 0.15 0.16 0.16 0.15 0.15 0.15 0.14 0.16 0.004
DO Tau A 0.43 0.43 0.43 0.43 0.41 0.40 0.40 0.38 0.36 0.33 0.27 0.43 0.055
DR Tau - 0.29 0.29 0.29 0.30 0.28 0.28 0.27 0.26 0.26 0.26 0.24 0.30 0.020
FS Tau - 0.17 0.18 0.19 0.18 0.17 0.17 0.17 0.17 0.17 0.17 0.16 0.19 0.008
FT Tau - 0.22 0.22 0.22 0.22 0.22 0.22 0.21 0.21 0.21 0.22 0.20 0.22 0.005
GG Tau - 0.12 0.11 0.11 0.11 0.11 0.11 0.10 0.09 0.08 0.08 0.08 0.12 0.016
GO Tau - 0.23 0.24 0.24 0.24 0.23 0.23 0.23 0.23 0.23 0.23 0.23 0.24 0.002
GQ Lup - 0.12 0.11 0.12 0.12 0.12 0.11 0.11 0.11 0.11 0.12 0.12 0.12 0.001
Haro 1-16 - 0.09 0.10 0.10 0.10 0.10 0.10 0.10 0.09 0.09 0.09 0.09 0.10 0.003
Haro 6-13 B 0.56 0.54 0.51 0.52 0.54 0.53 0.53 0.53 0.52 0.52 0.51 0.56 0.009
Hen 3-600 A - 0.05 0.05 0.05 0.05 0.06 0.05 0.05 0.05 0.05 0.05 0.05 0.06 0.002
HK Tau B - 0.27 0.28 0.28 0.27 0.26 0.26 0.27 0.26 0.26 0.27 0.26 0.28 0.005
HL Tau - 0.23 0.24 0.24 0.24 0.23 0.23 0.22 0.20 0.19 0.18 0.14 0.24 0.032
HT Lup - 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 -0.001
HV Tau C - 0.13 0.14 0.14 0.13 0.13 0.12 0.12 0.12 0.13 0.13 0.13 0.14 0.004
IM Lup - 0.07 0.07 0.07 0.07 0.07 0.07 0.07 0.07 0.07 0.07 0.06 0.07 0.004
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Table 3.4 – continued
Star Group decade 156 104 52 26 12 8 4 3 2 1 σmax S
weeks weeks weeks weeks weeks weeks weeks weeks weeks week
IQ Tau B 0.49 0.48 0.43 0.46 0.49 0.49 0.47 0.43 0.44 0.43 0.41 0.49 0.021
IRAS 04189+2650 - 0.16 0.17 0.18 0.17 0.16 0.16 0.16 0.16 0.16 0.16 0.15 0.18 0.008
LkHa 326 - 0.19 0.22 0.22 0.22 0.22 0.20 0.18 0.18 0.18 0.18 0.16 0.22 0.018
LkHa 327 - 0.21 0.22 0.21 0.21 0.21 0.21 0.20 0.20 0.19 0.19 0.17 0.22 0.015
RU Lup A 0.36 0.42 0.41 0.38 0.36 0.34 0.33 0.28 0.27 0.26 0.23 0.42 0.068
RW Aur A 0.32 0.30 0.28 0.26 0.27 0.27 0.26 0.24 0.22 0.20 0.18 0.32 0.046
RY Tau - 0.23 0.22 0.16 0.17 0.21 0.19 0.16 0.15 0.14 0.14 0.12 0.23 0.035
T Tau N - 0.08 0.08 0.09 0.08 0.07 0.07 0.08 0.07 0.07 0.07 0.06 0.09 0.007
TWA 07 - 0.19 0.17 0.17 0.19 0.19 0.19 0.19 0.19 0.19 0.19 0.19 0.19 -0.004
TW Hya - 0.11 0.11 0.11 0.11 0.11 0.11 0.11 0.11 0.11 0.11 0.10 0.11 0.002
USco J1604-2130 - 0.26 0.28 0.27 0.28 0.26 0.26 0.26 0.26 0.26 0.25 0.23 0.28 0.012
UZ Tau E - 0.20 0.19 0.19 0.19 0.19 0.19 0.19 0.19 0.19 0.20 0.16 0.20 0.004
V1121 Oph - 0.06 0.06 0.06 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.05 0.06 0.004
V1149 Sco - 0.04 0.05 0.05 0.05 0.05 0.05 0.05 0.04 0.04 0.04 0.04 0.05 0.001
V853 Oph - 0.19 0.20 0.20 0.20 0.20 0.20 0.21 0.21 0.20 0.20 0.18 0.21 0.001
Wa Oph 6 - 0.09 0.10 0.10 0.10 0.09 0.09 0.09 0.09 0.09 0.09 0.08 0.10 0.007
Table 3.4: Pooled sigma values for each star and each time subset. The maximum pooled sigma and the slope of the fitted line are in the last two
columns. In bold, stars from group A; underlined, stars from group B (see text).
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Figure 3.4: Left: The plot shows, for each star, the slope of the best straight line that fits the
pooled sigma plot versus maximum pooled sigma. In purple triangles are stars from group A, in
blue circles group B (see text sect. 3.3.1). Right: Slope versus maximum pooled sigma for a sample
of 81 Class II stars in Taurus, taken from Table 7 in the survey by Luhman et al. (2010). Symbols
are like before.
3.3.4 Comparison sample
In Section 3.3.2 and 3.3.3 it was shown that a small number of stars in the DIANA sample
exhibit high variability, expressed by values of σmax >0.3 and S >0.04. These stars are
highlighted in blue circles and purple triangles on the left hand side of Fig. 3.4. In order
to verify whether this behaviour is by chance related to the DIANA sample or whether it
is characteristic of most CTTS, the computation of σmax and S was applied to a wider
sample of 81 Class II stars in Taurus, taken from Table 7 in the survey by Luhman et al.
(2010). This entire survey contains 352 stars in the Taurus forming region, of which 183
are Class II, but only 81 are also present in the SuperWASP archive. As shown in Fig. 3.6,
the overall distribution in the slope-maxpooledsigma diagram is similar, with some slight
differences in the slope range and little more in the maxpooledsigma.
Using the same thresholds for S and σmax as defined before, the comparison sample
presents the same number of stars in group A, but many more in group B, where there
are 17 instead of 3, as visible on the right hand side of Fig. 3.4. In terms of percentage,
the situation is reversed with respect to the DIANA sample, as shown in the histograms
in Fig. 3.5: 6% instead of 13% for group A and 15% instead of 8% for group B. On the
whole, however, the sum of group A and B yields the same percentage in both samples.
Detailed values of the analysis are listed in Table 3.5, where it can be seen that not
only the slope range is very similar in the two samples, but also the mean, the median and
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SDIANA SLuhman σmaxDIANA σmaxLuhman
Min -0.004 -0.004 0.048 0.057
Max 0.068 0.079 0.568 0.787
Mean 0.015 0.012 0.223 0.211
Stdev 0.017 0.014 0.138 0.144
Median 0.008 0.007 0.203 0.177
Q1 -0.004 -0.004 0.048 0.057
Q10 0.001 0.001 0.058 0.074
Q25 0.004 0.003 0.111 0.121
Q75 0.020 0.014 0.279 0.262
Q90 0.048 0.027 0.434 0.395
Q99 0.068 0.079 0.568 0.787
Table 3.5: Statistic on slope and max pooled sigma in DIANA and in the comparison sample. Q
represents quantile at different percentages of data points.
the standard deviation. Differences are between one and a few units at the third digit.
In contrast, σmax in the comparison sample has a lower median but higher minimum and
maximum values, despite the very similar mean and stdev. This suggests that σmax is
overall higher in the comparison sample, but with a greater concentration of data points
at mid-low values. For this reason the median is lower, while the mean is higher and
more similar to the mean in the DIANA sample. The analysis was also performed using
quantiles, denoted by Q in Table 3.5. The number that follows Q is the percentage of data
points considered to define that specific quantile, after sorting the data. In this notation
Q25 corresponds to the first quartile, Q75 to the third quartile, while the median would
be Q50. From the Table it can be seen that the main differences are only in the upper
quantiles in case of slope, but also in the lower quantiles in case of maxpool. This result
is in agreement with the higher percentages of group A stars in the DIANA sample seen
before in the histograms in Fig. 3.5. Even if Fig. 3.6 shows that the comparison sample has
a wider extension in both parameters, S and σmax, the quantile values suggest that there
is a smooth coverage of S values in both samples, whereas they confirm that σmax tends
to be more concentrated at low values in the comparison sample compared to DIANA.
This result confirms again that, even if all stars present a certain level of variability, the
vast majority of them do not show extremely high variations, represented by σmax >0.3
in this work.
An additional analysis, a KS test, was performed in order to compare the two distri-
butions, both in slope and max pooled sigma. The two samples are plotted in Fig. 3.6,
while their cumulative distribution functions (CDF) are in Fig. 3.7. According to the
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two-sided KS test, whose results are shown in Fig. 3.7, the proability that the two slopes
are drawn from the same distribution is 44%, and the maximum distance D between the
two distributions is D = 0.16, lower than the critical value Dc = 0.27. The probability
is higher, being 53%, and D = 0.15, when max pooled sigma distributions are compared.
In both cases the D is lower than Dc, which means that the null hypothesis cannot be
rejected and the two sample come from the same distribution. Moreover, it can be seen
that the two distributions are, in both cases, particularly similar especially at low values
of S or σmax, corresponding to non variable stars, which is in agreement with the analysis
of S-σmax and quantiles discussed before and shown in Table 3.5 and Fig. 3.5.
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Figure 3.5: Differences between the percentages of stars in group A, B and A+B available in
DIANA and the comparison samples.
Figure 3.6: The diagram shows the DIANA and comparison samples in the slope-maxpooledsigma
space.
Figure 3.7: Left : Cumulative distribution functions of slopes, D = 0.16. Right : CDF of max
pooled sigmas, D = 0.15. The critical value is Dc = 0.24.
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3.4 Time series analysis and period search
The SuperWASP archive provides lightcurves over nearly a decade, and variations in mag-
nitude are clearly visible throughout the years, although not in regular patterns. The aim
of the current analysis is to search for a periodicity or quasi-periodicity in the lightcurves,
focussing especially on periods longer than two weeks.
From visual inspection multiple periods appeared to be superimposed on each other,
and a unique period was clearly not identifiable. In this situation time series analysis
helped to examine the lightcurves in thorough detail, although a single method did not
easily provide a well determined outcome, and a combination of different techniques needed
to be used. In particular, the following ones (explained in detail in Section 2.4) were applied
in order to extract a plausible period over the entire lightcurves or at least in some parts
of them:
1. Lomb-Scargle periodogram (Lomb, 1976; Scargle, 1982),
2. Z-transformed Correlation Function [ZDCF] (Alexander, 1997),
3. Epoch folding technique (Leahy et al., 1983; Larsson, 1996),
4. Phase Dispersion Minimization [PDM] (Stellingwerf, 1978; Davies, 1990).
The criterion adopted in this work is the following:
• Each of the previous mentioned techniques was tested, both on the entire lightcurve
and on single ”chunks” of data corresponding to different years. This provided a set
of candidate periods.
• Each of these periods was then tested by folding the lightcurve and examining it
visually. Particular attention was paid to similar periods found through different
methods. In some cases the folded lightcurve showed underlying shorter periods,
which were then tested again.
• This testing was applied several times, both on the entire data sample and on single
chunks of time, until the most plausible period was found by visual inspection.
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All methods, however, were used only to have an initial guess of the possible period,
which needed then to be tested on the folded lightcurve. Two of them appeared to be
more useful in the period determination: the Epoch Folding and the ZDCF.
Owing to non regular patterns in the lightcurve, the time analysis never provided a
well definite period, but only a set of suitable periods. The choice of the initial and final
trial period to be tested, however, could sometimes be crucial and slight changes could
yield dramatically different outcomes. Periods were searched throughout single groups of
years, because the search for a unique period over the entire lightcurve was not successful
in most of the cases, with the only exception being RW Aur, whose lightcurve and folded
lightcurve are shown in Fig. 3.13.
3.4.1 Lightcurve and periods
Star 2004 2006-2007 2008 2009-2010 2010-2011 2011
AA Tau - - - - - 58
CQ Tau - 24 - - - -
CW Tau 12 - - 30 - -
DO Tau - 24 - - ∼17 35
Haro 6-13 20 - - - 30 30
IQ Tau - - - - - -
LkHa 327 - 20, 130 - - - -
RU Lup - - - - - -
RW Aur 30 30 30 30 30 30
Table 3.6: Periods (expressed in days) of stars in group A and B. Periods are shown for different
years or groups of years. LkHa 327 does not belong to either groups, but its period was analysed
for reasons explained in the text.
As already seen, all lightcurves in the analysed sample present a certain level of vari-
ability, and eight of them have particularly high variations, namely those belonging to the
previously mentioned group A and B. It is on these two groups that it was searched for
possible periods, in particular long periods, i.e. longer than two weeks. Results are in
Table 3.6, where the uncertainty is ±1 day. The entire lightcurves of stars in group A and
B are in Appendix B.
It is worth mentioning again that these stars are not strictly periodic, but more often
quasi-periodic, which means that periods can be seen only in a certain time interval or that
periods of different length are superimposed and often mingled together. In this latter case
especially, only tentative periods were often found, but they are not reported in Table 3.6.
Short periods below a week are also not included in the Table, but the analysis were
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performed on three stars to make a comparison with the literature (Section 3.4.2).
Further, some stars show different periods in different observing years, or even an
increasing periodicity over a few months. In this case more than one period is listed in
Table 3.6, separated by a comma.
The most robust results were found for AA Tau, CQ Tau, CW Tau, DO Tau, IQ Tau
and RW Aur, but all stars from group A and B are included in the period analysis descrip-
tion. Table 3.6 reports in italics LkHa 327. As explained in Section 3.2.1, in LkHa 327
some data points at the end of 2007 were removed because the reliability of variations
was not clear. However, those data points had been initially included in the analysis and
this star, along with LkHa 326, had belonged to group A. Since some long periods were
found in years 2006-2007 (without the subsequently removed trimester), they are reported
in Table 3.6 and discussed at the end of this Section.
AA Tau
The lightcurve has data at irregular intervals from 2004 to 2011. The mean magnitude
is 12.98 ± 0.36, with a larger scatter in years 2010 and 2011. There are some scattered
observations in 2008, but not useful to determine a period. The most interesting feature is
the part of the lightcurve between 19th September and 18th November 2011, which can be
directly fitted with a sine curve having a period of 58 days, as shown in Fig. 3.8. Obser-
vations in earlier years do not show this behaviour. The ample scatter is due to shorter
variations, of about 5 days, which are slightly shorter than the typical rotation period of
this star: 8.4 days according to Bouvier et al. (1999) or 8.2 according to Artemenko et al.
(2012).
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Figure 3.8: Lightcurve of AA Tau (not folded) between 19th September and 18th November
2011.
CQ Tau
CQ Tau is a fairly bright star, with a mean magnitude 10.41 ± 0.36. It was observed
from 2004 to 2010, with the majority of the observations being between October 2006 and
February 2007. In this latter time interval a period of 24 days was found, which is shown
in Fig. 3.9.
Figure 3.9: Folded lightcurve for CQ Tau between 9th December 2006 and 19th February 2007.
CW Tau
CW Tau lightcurve has mean magnitude 12.95± 0.47 and shows high scatter, over half a
magnitude, in some years. It presents, however, irregular variations throughout most of
the decade, and a long period of 30 days was found only between 8th November 2009 and
18th January 2010, as shown in Fig. 3.10. In 2004 only short term periods were found,
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increasing between 5 and 12 days over the year, comparable with the rotation period of
5.95 days found by Xiao et al. (2012) or 8.25 days by Bouvier et al. (1995). Nonetheless,
this latter period is more plausibly due to the presence of a close companion, as explained
by the authors. The increase in periodicity observed in 2004 might be a combination of
rotation period and eclipsing effect.
Figure 3.10: Folded lightcurve for CW Tau between 8th November 2009 and 18th January 2010.
DO Tau
The lightcurve of DO Tau has a mean magnitude 13.28 ± 0.36. The star was observed
at irregular intervals between 2004 and 2011. Fig. 3.11 shows two plausible long periods:
24 days, between September 2006 and January 2007, and 35 days between October and
November 2011. The scatter visible around the fitted sin curve is due to variations on a
short timescale, typically of 6-7 days, which are shorter than the 12.5 days rotation period
found by Osterloh et al. (1996). Overall, this star shows a variety of quasi-periodicities of
different length over the decade, but no strict long periods apart from the above mentioned
ones.
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Figure 3.11: Folded lightcurve for DO Tau between 25th September 2006 and 19th January 2007
(left) and between 2nd October 2011 and 20th November 2011 (right).
IQ Tau
IQ Tau, observed from 2004 to 2011, has a fairly faint lightcurve with a mean magnitude
13.42 ± 0.41. Overall, the lightcurve has small variations with amplitudes lower than
1.5-2.0 magnitudes, but presents a large scatter up to 3.5 mag from September 2006 to
February 2007. No long periods were found over the entire decades, but only short periods
below two weeks: 6.5 days in the last trimester of 2010, and 9 or 12 days in other years.
Nevertheless, they confirm previous measurements of rotation periods: 6.5 days is in good
agreement with the rotation period of 6.25 days found by Bouvier et al. (1995) and 6.9 days
by Xiao et al. (2012); the 12 days with the 12.5 days rotation period found by Osterloh
et al. (1996). However, since these periods are all shorter than two weeks, they are not
included in Table 3.6.
Haro 6-13
Haro 6-13 was observed from July 2004 to November 2011. It is the faintest star amongst
those in group A and B, having mean magnitude 16.33±0.47. Nevertheless, the lightcurve
is characterised by constant high variations throughout the entire period of observations,
where luminosity can vary up to three magnitudes within a single day. From a visual
inspection quasi-periodic variations are clearly visible, but a possible periodic pattern of
30 days was found only in the last trimester of 2011, as shown in Fig. 3.12. In the previous
years variations are very irregular, apart from a tentative period of about 15 days from
July to end of September 2004. However, it is not clear whether this star is contaminated
by the light of a field star in the neighbourhood. In that case its variability variability
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would be dubious. The rotation period is 5 days, according to the νsini measurements by
White & Hillenbrand (2004).
Figure 3.12: Folded lightcurve for Haro 6-13 between 19th September and 18th November 2011.
RU Lup
For RU Lup data are available only from 2006 to 2008, with some sporadic observations
in 2009, 2010 and 2011. Compared to the previous stars, it is brighter, with a mean
magnitude 11.41± 0.36 and has a fairly stable lightcurve, with greater variations mainly
in 2007. Its high pooled sigma, 0.42, is explained through a high scatter during the
nights 8-9-10 May 2008, where the magnitude dropped to 10.63 ± 0.42. The lightcurve
presents some variations, mainly on a short timescale, but no clear period was found.
Percy et al. (2010) measured a period of 230 days, but stated also that this star has an
erratic behaviour, with periods changing or evening missing in different intervals. The
rotation period for this star is 3.7 days (Hutchinson et al., 1989; Stempels et al., 2007).
RW Aur
RW Aur is a bright star with a mean magnitude 10.56 ± 0.30, and was observed from
2004 to the beginning of 2011, with most of the observations being available until end
2008. This is the only case where a single period of 30 days folded very well over the
entire lightcurve, as shown in Fig. 3.13. This period is certainly longer than the rotation
period, known to be 5.6 days (Dodin et al., 2011). Percy & Palaniappan (2006) did not
find any strong periodic pattern in the lightcurve, but noticed a possible period of 5 days
using Fourier analysis, which would be in agreement with the measurement by Dodin et al.
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(2011).
Figure 3.13: Lightcurve and folded lightcurve of RW Aur over the entire timescale, between 27th
July 2004 and 11th February 2011.
LkHa 327
LkHa 327 was analysed, because it initially belonged to group A, as explained at the
beginning of this section. Although it does not classify anymore in the group of high
variable stars, it is worth mentioning its periodicity in the last trimester of 2006.
LkHa 327 has mean magnitude 14.20± 0.2, and was observed between July 2004 and
February 2008. In addition to a 20-day period folded on the lightcurve between November
2006 and January 2007, LkHa 327 presents an interesting long 130 days period from
September 2006 to January 2007, visible on the unfolded lightcurve shown on the right
hand side of Fig. 3.14. Despite high fluctuations, due to variations on shorter timescales,
the peculiarity of this period is that it is directly visible on the lightcurve, without folding
it. Other shorter periods include a 7 days period in 2004, between July and September,
and a 6-day period between September and November 2006.
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Figure 3.14: Lightcurve of LkHa 327 between July 2004 and December 2007 (left) and, not folded,
between 10th September 2006 and 19th January 2007 (right).
3.4.2 Zoom-in on short periods
As explained at the beginning of this Chapter, the main purpose is the analysis of long
term periods. However, for comparison with the literature, the lightcurves of three stars
(AA Tau and DO Tau in group A, and CW Tau in group B) were analysed also on a
shorter timescale. For the remaining stars in both groups no time analysis was performed,
but lightcurves were only zoomed in on a single day to show daily variations. They are
displayed in Appendix C. CQ Tau presents hourly variations which can reach 0.3 mag,
which at first seem difficult to explain. However, the comparison with nearby stars having
similar magnitude showed that CQ Tau is definitely strongly variable, although artifacts
cannot be excluded at least on some nights. Comparison plots are shown in Appendix D.
AA Tau
As already mentioned before, the ample scatter visible in Fig. 3.8 is due to very short
variations. Fig. 3.15 zooms in on 19th October 2011, taken as example, to show the
change in magnitude that happens on a daily basis. Variations can reach one mag and are
clearly higher than photometric errors, which confirms their true nature. However, on the
current lightcurve that spans seven years, it was not possible to reproduce the rotation
period of 8.4 days found by Bouvier et al. (1999) or 8.2 by Artemenko et al. (2012). A
5-day period was found instead, but only on a limited number of intervals, as shown from
Figs. 3.16 to 3.18.
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Figure 3.15: Magnitude variations on the 19th October 2011. Variations are clearly larger than
photometric errors.
Figure 3.16: AA Tau lightcurve, not folded, between 19th and 25th September 2011 (l.h.s), and
between 19th and 24th October 2011 (r.h.s).
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Figure 3.17: AA Tau lightcurve folded on 5-day period, between 19th and 25th October 2011
(l.h.s), and between 31st October 2011 and 13th November 2011 (r.h.s).
.
Figure 3.18: AA Tau lightcurve folded on 5-day period between 19th October and 3rd November
2011 (l.h.s), and between 19th October and 13rd November 2011 (r.h.s).
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CW Tau
Daily variations up to 0.4 mag, higher than photometric errors, are also visible in CW
Tau (Fig. 3.19). Periods of 5.95 days found by Xiao et al. (2012), or 8.25 days by Bouvier
et al. (1995) were not reproducible, but a 10-day period at the end of August 2004 was
identified instead, shown in Fig. 3.20.
Figure 3.19: Magnitude variations on the 25th August 2004. Variations are clearly larger than
photometric errors..
Figure 3.20: CW Tau lightcurve folded on 10-day period between 20th August and 7th September
2004.
DO Tau
Daily variations, narrower than in the two previous cases, with typical values spanning 0.3
mag on the 3rd February 2009, are shown in Fig. 3.21. The 8-day period found between
8th and 21st August 2004 is shorter than the rotation period of 12.5 days determined by
Osterloh et al. (1996).
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Figure 3.21: Magnitude variations on 3rd February 2009.
Figure 3.22: DO Tau lightcurve folded on 8-day period between 8th and 21st August 2004.
3.5 Origin of the variability
One of the great values of SWASP data is the availability of observations over almost a
decade, which allowed the analysis of long-term variability. In order to investigate their
origin, it was looked for correlations between σmax or S versus a number of physical
quantities at 5% level of significance. The purpose was to see if the variability may
be caused by some features in the disc or if it is intrinsic to the star. For this reason
a number of parameters were considered: binarity, disc inclination, and stellar or disc
emission parameters, like spectral indices and accretion rate. All these parameters and
their references are listed either in Table 3.1 or 3.7.
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3.5.1 Binarity
The first physical parameter which was tested was binarity, because it could affect vari-
ability through reciprocal occultation of the companion. However, Fig. 3.23 shows that
the presence of a multiple system does not seem to impact on either σmax or S, and that
both single and multiple stars can have low or high variability. All multiple systems in
the sample are resolved, with separation between 19 and 560AU, and only RW Aur is an
eclipsing binary. The paucity of eclipsing binaries and the large separation explains why
binarity does not affect variability.
The fact that the two sub-samples, single and multiple stars, come from the same
distribution is also confirmed by a KS test, as shown in Fig. 3.24: D = 0.22 for slope S
and D = 0.25 for max pooledsigma σmax, where Dc = 0.48. Probabilities of having the
same distributions are 76% and 64% respectively.
Figure 3.23: Same plot as in Fig. 3.4, where in open squares there are single stars, in filled
squares binary stars.
3.5.2 Disc Inclination
Another physical parameter which could be a cause of variability is disc inclination. If
variations are due to clumps of material in the disc, one will expect to see them depending
on inclination: the material would occult the star and yield a change in flux when the disc
is viewed edge-on rather than face-on. Hence the steeper the inclination, the higher the
variability.
However, neither σmax nor S shows any correlation with inclination even at high angles,
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Figure 3.24: The KS test shows that multiple (in blue) and single stars (in red) have the same
distribution with respect to slope and max pooledsigma. D = 0.22 and D = 0.25 respectively,
Dc=0.48.
as it can be seen in Fig. 3.25: both low and high variations exist for all possible disc
orientations. The analysis of the correlation coefficients, using the method described in
Section 2.2.1, shows that they are much smaller than the critical value rc = 0.42 for both
σmax and S, where they are rmax = 0.30 and rslope = 0.005 respectively. It should be
noted, however, that inclination values can be model dependent, and that other models
could therefore yield different results. Inclinations in the current sample were computed
using methods like modelling of the SED from UV to mid IR (Basri & Bertout, 1989),
comparison of the stellar radial velocity vsini with rotation velocities determined through
starspot modulation (Hartmann & Stauffer, 1989), or long baseline near IR interferometry
(Akeson et al., 2005). Uncertainties are about 10◦ in most cases.
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Figure 3.25: σmax or S versus inclination available for only 19 stars in our sample. In triangle
stars from group A, in filled circles stars from group B (see text). i=0◦ for face-on discs, i=90◦ for
edge-on. rmax = 0.22, rslope = −0.06, rc = 0.47.
3.5.3 Spectral Type
The stellar spectral type is a proxy for the stellar surface effective temperature. As seen
in the Introduction, T Tauri stars are late type stars, which means their spectral types are
between F and M, or in terms of temperature, their range is between 2500K and 7300K
(Pecaut & Mamajek, 2013).
No significant correlations were found between spectral type and σmax or S, as shown
in Fig. 3.26. The correlations coefficients are rmax = 0.02, rslope = −0.18, both below the
critical value rc = 0.33. Stars in group A or B as well as the less variable ones cover almost
uniformly all spectral types from G to M, hence variability does not seem to be related to
the stellar temperature.
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Figure 3.26: max pooledsigma (left) and slope (right) versus spectral type, rmax = 0.02, rslope =
−0.18. In triangles stars from group A, in filled circles stars from group B (see text, sect. 3.3.1).
3.5.4 Spectral Indices
In section 3.5.2 it was shown that the disc inclination does not play any significant role
in the luminosity variations. This result, however, excludes only the presence of physical
material that might obstruct the light propagation and does not provide any indication
about the emission in the disc. The relation with light emission was analysed through
spectral indices αλ, defined as follows:
αλ =
log10(λ1Fλ1)− log10(λ2Fλ2)
log10 λ1 − log10 λ2
(3.7)
where fluxes are in erg cm−2 s−1A˚
−1
.
The spectral index αλ represents the slope of the SED between λ1 and λ2, which is
proportional to the flux ratio in the same wavelength interval. Each part of the spectrum
traces the emission of a specific region in the disc: ultraviolet provides information on the
emission close to the star, within 0.1AU, near infrared on the inner disc, between 0.1 and
1AU, mid and far infrared trace the disc between 1 and 50AU, whereas sub-mm fluxes
are typically emitted beyond 50AU from the central star (Carmona, 2010).
In this section σmax and S will be correlated with the spectral index in near and
mid infrared, near ultraviolet and X-ray. Before computing the spectral index, ultraviolet
and X-ray fluxes were corrected for extinction using the method described in Chapter 2.
References to all fluxes are listed in Table 3.7.
69
C
h
a
p
ter
3
.
O
p
tica
l
va
ria
bility
in
cla
ssica
l
T
T
a
u
ri
sta
rs
Name Group U band B band V band J band 3.35µm 4.6µm 5.8 µm 8.0µm 24.0µm 70.0µm
AA Tau A 6 6 12 6 1 1 2 2 2 5
BP Tau - 7 8 8 6 1 1 2 2 2 5
CI Tau - 6 6 12 6 1 1 2 2 2 5
CQ Tau A 9 8 13 11 1 1 - - - -
CW Tau B 6 6 12 6 1 1 2 2 2 5
DF Tau - 7 7 8 6 1 1 2 2 2 5
DN Tau - 6 6 12 6 1 1 2 2 2 5
DoAr 24 E - - - - - 1 1 3 3 3 3
DO Tau A 6 6 6 6 1 1 2 2 2 5
DR Tau - 6 6 12 6 1 1 2 2 - -
FS Tau - - - 6 1 1 1 2 2 - -
FT Tau - - - - - 1 1 2 2 2 5
GG Tau - 6 6 8 6 1 1 2 2 - -
GO Tau - - - 6 6 1 1 2 2 2 5
GQ Lup - 6 6 8 7 1 1 - - - -
Haro 1-16 - - - - - 1 1 3 3 3 3
Haro 6-13 B - - - - 1 1 2 2 5 5
Hen 3-600 A - - - - - 1 1 - - - -
HK Tau B - - - - - 1 1 2 2 2 5
HL Tau - 7 7 8 6 1 1 - 2 - -
HT Lup - 6 8 6 6 1 1 ? ? - -
HV Tau C - - - 8 1 1 1 2 2 2 5
IM Lup - 10 10 8 1 1 1 - - - -
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Table 3.7 – continued
Name Group U band B band V band J band 3.35µm 4.6µm 5.8 µm 8.0µm 24.0µm 70.0µm
IQ Tau B - - - - 1 1 2 2 2 5
IRAS 04189+2650 - - - 6 1 1 1 2 2 2 -
LkHa 326 - - - - - 1 1 3 3 3 3
LkHa 327 - - - - - 1 1 3 3 3 3
RU Lup A 6 8 8 6 1 1 - - - -
RW Aur A 7 8 8 7 1 1 2 2 - -
RY Tau - 7 8 8 6 1 1 2 ? - -
T Tau N - 7 8 8 7 1 1 2 2 - -
TWA 07 - - - 8 11 1 1 - - 2 -
TW Hya - 9 8 8 11 1 1 - - - -
USco J1604-2130 - - - - - 1 1 - - - -
UZ Tau E - 7 7 7 1 1 1 - - - -
V11210 Oph - - - 8 1 1 1 - - - -
V1149 Sco - - - 8 11 1 1 - 3 4 4
V853 Oph - 10 10 10 7 1 1 3 3 3 3
Wa Oph 6 - - - - - 1 1 - ? - -
Table 3.7: References to Ultraviolet, Optical and Near Infrared Data. (1) Cutri & et al. (2012), (2) Luhman et al. (2010), (3) Evans et al. (2003),
(4) Meyer et al. (2006), (5) Rebull et al. (2010), (6) Ducati (2002), (7) Morel & Magnenat (1978), (8) Kharchenko (2001), (9) Mermilliod (2006) , (10)
Mermilliod et al. (1997), (11) Ofek (2008), (12) Richmond (2007), (13) de Winter et al. (2001).
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Figure 3.27: max pooledsigma (left) and slope (right) versus α3.4−4.5µm. In triangles stars from
group A, in filled circles stars from group B (see text, sect. 3.3.1). rmax = 0.43, rslope = 0.51
rc = 0.33.
Near-Mid Infrared
Since CTTS are young stars still surrounded by a disc, they all present a certain level
of infrared excess in their SEDs. Moreover, they show variability in near-mid infrared
(Carpenter et al., 2001; Eisner et al., 2007; Flaherty et al., 2013). It was therefore searched
for possible correlations between optical variability and infrared emission: S and σmax were
correlated with spectral indices in near infrared, between 3 and 8 µm, and in mid infrared
between 24 and 70µm, as shown in Figs. 3.27 and 3.28.
The best correlation is visible in near infrared, where σmax = 0.43 and S = 0.51
are both above the critical value rc = 0.33. It needs to be mentioned, however, that
these correlation coefficients were achieved after removing IRAS 04189+2650, HL Tau
and T Tau N, three outlier which have αλ = 3.2794, 3.4 and 3.7 respectively (not shown
in Fig. 3.27). IRAS4189+2650 and HL Tau are Class I objects and this explains why they
are much redder than the other stars. T Tau N is known to have strong stellar wind,
which may be responsible for the reddening. For this reason they were discarded from the
near-mid infrared analysis.
Not only there is a good correlation with infrared fluxes for the whole sample, but stars
in group A and B, depicted in purple triangles and blue circles respectively, are redder
than half of the remaining stars. This result shows a possible connection between optical
and near infrared variability, which will be investigated further in the next Chapter.
On the contrary, there is lack of correlation with the mid infrared spectral index, as
shown in Fig. 3.28.
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Figure 3.28: max pooledsigma (left) and slope (right) versus α24−70µm. In triangles stars from
group A, in filled circles stars from group B (see text, sect. 3.3.1). rmax = −0.33, rslope = −0.25,
rc = 0.48.
Near Ultraviolet and accretion rate
As explained before, the blue part of the spectrum traces the region close to the star.
It is also used to estimate the accretion rate from the disc onto the star, either through
the measurement of the Balmer jump at 3647A˚, due to the hydrogen ionisation from the
second energy level, (Herczeg & Hillenbrand, 2008); or through the NUV emission (Ingleby
et al., 2011).
According to Herczeg & Hillenbrand (2008), the Balmer jump, defined as FU/FB,
where bands U and B peak at 3637 A˚ and 4434 A˚ respectively, has values comprised be-
tween 0.35 and 5.47. It denotes non accretors at lower values and accretors at higher
ones, the threshold being at around 0.5. The minimum and maximum ratios translate
into spectral indices αU−B = 6.30 and αU−B = −7.57 respectively, while the threshold is
at αU−B = 4.50.
Fig. 3.29 shows the correlation between αU−B and σmax or S. Fluxes needed to be
corrected for extinction by applying the method described in Section 2.3 before defining
the spectral index, but the lack of extinction values for all stars reduced the number
of available objects to 17, of which three belonged to group A (AA Tau, CQ Tau and
DO Tau) and one to group B (CW Tau). The dash-dotted line marks the thresholds
between accretors on the left and non accretors on the right.
The plot confirms the correlation between variability and accretion, with rmax = −0.69,
rslope = −0.73 and critical value rc = 0.60; stars in group A and B tend to be bluer than
half of the remaining stars, having a spectral index αU−B lower or equal 2.2, and belong
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Figure 3.29: max pooledsigma (left) and slope (right) versus αU−B . In triangles stars from group
A, in filled circles stars from group B. rmax = −0.69, rslope = −0.73 and rc = 0.60. Stars leftwards
the dash-dotted line are accretors, rightwards are non accretors.
to the “accretors” region. The star with the highest flux ratio is DO Tau (FU/FB = 0.82
and αU−B = −0.6). The other stars in group A and B have 0.33 ≤ FU/FB ≤ 0.62, or
1.95 ≤ αU−B ≤ 3.58, and hence show smaller Balmer jump. The highly variable star RU
Lup, classified as an accretor by Herczeg & Hillenbrand (2008), would have a very high
flux ratio (FU/FB = 6.72, αU−B = −8.6), but data could not be corrected for extinction
and therefore it was not included in the plot. Overall, the more variable stars show signs
of accretion, but despite the correlation there are other stars which can be classified as
accretors, even if they have small S or σmax and do not belong to group A or B. Hence,
accretion itself does not seem to be the only direct cause of variability.
S and σmax were then correlated with αNUV, where band NUV peaks at 2275 A˚, to
include more ultraviolet flux. However, in the analysed sample the statistics was quite
poor, because data were available for only 5 stars, as can be seen in Fig. 3.30. The
correlation coefficients, rmax = 0.82 and rslope = 0.19, are both below the critical value
rc = 0.88.
For completeness, it needs to be mentioned that another widely used accretion tracer
is the Hα emission in the optical band, at 6563 A˚ (Alencar et al., 2010; Costigan et al.,
2014). Fig. 3.31 shows the correlation between accretion rate derived from Hα emission
and σmax or S. Although the sample is larger than in the previous case, having 14 objects,
the correlation coefficients are still below the critical value: rmax = −0.25, rslope = 0.25
and rc = 0.53. It can be concluded that in general accretion does not seem to provide an
indication of variability.
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Figure 3.30: max pooledsigma (left) and slope (right) versus αNUV−B . In triangles stars from
group A, in filled circles stars from group B. rmax = 0.82, rslope = 0.19, rc = 0.88.
X-rays
CTTS emit also X-rays, divided in soft and hard according to their energies. Hard,
energetic (>1KeV), X-rays are mainly due to the magnetic activity of the star; soft, less
energetic (<1KeV), X-rays can be caused by shocks on the photosphere (Montmerle, 2007).
Fig. 3.32 shows a good correlation between soft X-rays and αU−B, where the correlation
coefficient r = 0.74 is above the critical value rc = 0.71. This trend confirms the result
found by Preibisch et al. (2005), where higher accretors show a lower X-ray flux, due to a
denser plasma in the accretion funnel (with respect to non accreting stars), which could
not be heated enough to emit X-rays (Preibisch et al., 2005; Gregory et al., 2007).
On the contrary, no correlation is present between S or σmax and X-rays fluxes, either
soft or hard, as shown in Fig. 3.33, in agreement with the lack of correlation between S
or σmax and αU−B.
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Figure 3.31: Max pooled sigma and slope versus accretion rate derived from Hα emission. In
triangles stars from group A, in filled circles stars from group B. rmax = −0.25, rslope = −0.25,
rc = 0.53.
Figure 3.32: αU−B versus soft X-rays flux. The correlation coefficient r = 0.74 is greater than
the critical value rc = 0.71.
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Figure 3.33: Top: Hard X-rays, rslope = −0.16, rmax = −0.22. Bottom: Correlation with Soft
X-rays, rslope = 0.01, rmax = −0.14. The critical value is rc = 0.43 in both cases.
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3.6 Summary and conclusions
This Chapter presented the analysis of 39 lightcurves of CTTS, observed from 2004
to 2011 by SuperWASP. They are mainly Class II, with the exclusion of HL Tau and
IRAS 04189+2650 which are Class I. That sample was chosen because it is also part of
the DIANA database, where DIANA is a project especially aiming to analyse and model
protoplanetary discs over the entire electromagnetic spectrum.
The variability as a function of time was quantified by computing the pooled sigma for
a range of timescales from one week to seven years. Two quantities were then considered
in the pooled sigma versus time plot: the maximum pooled sigma, as an indication of the
maximum variation a star can undergo, and the slope, as an indication of the amount of
variations over time. Most stars showed evidence for variability exceeding the photometric
error, and two groups were highlighted: group A, where S ≥ 0.04 and σmax ≥ 0.3; group
B, where S ≥ 0.02 instead, but σmax ≥ 0.3 as before.
A second group of 81 Class II CTTS, taken from Table 7 in Luhman et al. (2010), was
analysed as a control sample. In the DIANA sample the percentage of stars having both
long-term variability and high changes in magnitude (i.e. group A) is 13 per cent, while in
the control sample it is only 6 per cent. These percentages show that the DIANA sample
is slightly biased towards more variable stars with respect to the control one. However,
they also mean that for most typical T Tauri stars a timescale of a few weeks is sufficient
to constrain the variability.
Four different methods of time analysis were applied to group A and B in order to find
possible evidence for long periods, i.e. longer than two weeks. It was found that most of
the stars show a periodicity between 20 and 30 days, in addition to shorter ones usually
explained as rotation periods (Xiao et al., 2012), and in two cases, AA Tau and LkHa 327,
the lightcurves showed signs of even longer periodicity. The observed long periods are
mainly visible throughout single years, with the exception of RW Aur, which shows a
remarkable 30-day period over seven years.
For comparison with the literature, short term variability was analysed on three stars,
two from group A and one from group B. While short term periods were clearly found, at
least on some time intervals, they were usually slightly shorter than those reported in the
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literature. The difference might be due to the different time interval used to perform the
analysis.
Assuming the disc in Keplerian rotation, a periodicity of 20-30 days will translate into
a distance from the central star between 0.1 and 0.2AU. The calculation was computed
taking into account stellar masses for each star (Dodin et al., 2011; Ku¨c¸u¨k & Akkaya,
2010; Ricci et al., 2010).
It is believed that the inner disc presents a gap in proximity of the star, due to the
high temperature which makes the dust sublimate (Dullemond et al., 2001). Hence, the
dust sublimation radius define the inner edge of the disc. In order to see if the Keplerian
distances are related to the dust inner disc or if they lie within the dust sublimation radius,
equation (1) in Monnier & Millan-Gabet (2002) was used:
Rs =
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L∗
1000L⊙
) 1
2
×
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)−2
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where QR = Qabs(T∗)/Qabs(Ts) is “the ratio between the dust absorption efficiencies Q(T )
for radiation at colour temperature T of the incident and reemitted field” (Monnier &
Millan-Gabet, 2002). Assuming that dust particles are perfect black bodies, QR was
taken equal to one. TS is roughly between 900K and 1800K for olivine and pyroxene
(Pollack et al., 1994), so an intermediate value T = 1500K was taken, consistent with the
temperature used by Flaherty et al. (2011, 2012) and not very different from T = 1300K
defined by Kobayashi et al. (2011). It was found that the dust sublimation radius lies
between 0.03 and 0.04AU, which is an order of magnitude smaller than the distances due
to Keplerian rotation. This result provides evidence that long periods may originate in the
inner part of the disc and not on the star. Other authors found larger dust sublimation
radii: Whitney et al. (2004) computed an inner disc of 0.13AU for a star having T =
4000K, Akeson et al. (2005) used interferometry and measured inner discs from 0.08 (BP
Tau) to 0.2 (RW Aur). However, even if the larger values are considered, variations in
luminosity are still likely to arise from the inner part of the disc and not from the star.
The variability may be hence caused by some inhomogeneous structures in the inner
disc, which would obstruct the light coming from the star. This hypothesis is also sup-
ported by good correlations between σmax and S, taken as tracers of variability, and near
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infrared fluxes at 3.4 and 5.8µm, which trace the inner part of the disc. On the other
hand, however, when both groups A and B were tested for correlations with several disc
and stellar parameters, variability did not seem to be related to disc inclination, dust mass
or spectral type. If inclination does not play any significant role, the eclipsing effect due
to the inner rim cannot be alone responsible for the variations, and other mechanisms
need be taken into account, as for example the lift of dust grains high above the midplane
caused by disc wind (Flaherty et al., 2013; Petrov et al., 2015).
Accretion is also an important mechanism in T Tauri stars, and it was shown in
section 3.5.4 that high variable stars, i.e. group A and B, present higher Balmer jumps
and softer X-ray fluxes, which in turn is related to accretion. This behaviour supports
the fact that stars which show greater variability are also higher accretors, but there are
some accretors that are low variable stars. Accretion of material from the disc onto the
star occurs through the stellar magnetic field lines (Romanova et al., 2002), but due to
different rotation velocity between star and disc the magnetic field lines twist, break and
then reconnect (Goodson et al., 1997; Romanova et al., 2002). The repetitiveness of this
process, i.e. the opening and reconnection of field lines, might be another explanation for
the observed variability, through changes to the inner disc structure, as already found for
AA Tau (Bouvier et al., 2003). Both disc wind and opening/reconnection of magnetic
field lines do not happen on a strictly periodic basis, so these mechanisms would suit the
quasi-periodicity observed in the analysed sample.
Overall, the high variability proved to be a good indication for long periods in most of
the cases, but LkHa 327 suggests that stars can show long periodicity even if their changes
in luminosity are not particularly significant.
Considered the correlation with infrared emission, and since T Tauri stars are known
to be variable, to a lesser extent, also in infrared (Carpenter et al., 2001; Flaherty &
Muzerolle, 2010; Flaherty et al., 2013; Ke et al., 2012), this work was extended by analysing
the infrared variability on the same sample of stars. This topic will be developed in the
next Chapter.
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The previous Chapter not only confirmed that Classical T Tauri Stars are variable stars,
but also highlighted a likely correlation with infrared emission. A possible multi-origin of
variability has been recently suggested by Cody et al. (2014). For this reason, a further
amount of data was studied to analyse the behaviour of these stars in the near-mid infrared
range, i.e. the part of the electromagnetic spectrum between 1 and 25µm. For this
purpose, data from the infrared WISE archive were used (Section 4.2). Infrared variations
were analysed and compared to the optical ones (Section 4.3), and two toy-models were
then developed to interpret the results (Section 4.4).
4.1 Infrared variability in CTTS
Optical variations were the first ones to be observed, but variability in T Tauri Stars affects
also other parts of the electromagnetic spectrum, for example the infrared range. One of
the first large surveys in near IR was performed with the Two Millimeter Sky Survey
telescope (TMSS), from 1965 to 1967, and it allowed detecting for example the infrared
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excess around YSOs. In the beginning of the ’80s infrared satellites began to be utilised
in astronomy, extending the exploration of the Universe to the far IR not accessible from
Earth before, but observations in near IR continued also from ground and in the late ’90s
were enriched by the images taken with the Two Millimeter All Sky Survey (2MASS).
Designed as the evolution of TMSS, 2MASSS operated from 1997 until 2001, observing in
J,H,K bands, i.e. at 1.2, 1.6 and 2.2µm respectively. The near infrared bands, J,H,K,
provided the first means to analyse YSOs’ variability beyond the optical wavelengths.
Skrutskie et al. (1996), after observing 15 YSOs over more than one year and studying their
colours, concluded that variations in J and H could be caused by circumstellar extinction,
while changes inK magnitude are better explained as due to variability in accretion. Using
the same wavelength, but from 2MASS data, Carpenter et al. (2001, 2002) studied the
variability in Orion and Chamaeleon and found several possible causes of variability: cool
spots would explain low amplitude variations; while hot spots, extinction and accretion,
or a combination of them, would account for variability accompanied by colour changes.
As mentioned before, satellite telescopes allowed the observations to be extended to the
far infrared and to cover the entire infrared spectrum, also in regions not accessible from
Earth. IRAS, the first infrared satellite, was launched in 1983 and was operative for ten
months, observing in mid and far infrared at 12, 25, 60 and 100µm. An improved version,
ISO, operated for a longer time, from 1995 until 1998, and on an extended wavelength
range, from 2.5µm to 240µm. In the new century, Spitzer observed for six years, from
2003 until 2009, in the near to far infrared, between 3.6 and 160µm. From 2009 until
2013, Herschel observed for the first time at very long wavelengths, from 55 to 672µm,
covering also the sub-mm region. WISE, which operated only in 2010, observed in near to
mid infrared, between 3.6 to 22µm, but unlike Spitzer it mapped the entire sky (Wright
et al., 2010). Using this large amount of data, especially from the most recent satellites,
many authors could investigate better the emission in the inner part of the disc and new
theories emerged. Flaherty et al. (2013) used Spitzer data at 3.6 and 4.5µm and found
that disc stars are more variable than discless ones. They also found correlations between
fluxes at 3.6 and 4.5µm, which were interpreted as evidence that variability has a common
origin at both wavelength. The authors provided a number of explanations to account for
the observed variations, from disc wind and accretion, to the indirect effect of hot spot
illumination on the side of the inner rim facing the star. An extensive study recently
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conducted on the same wavelengths, using again Spitzer images, is the Young Stellar
Object VARiability (YSOVAR) (Rebull et al., 2014), which involved almost 800 hours of
observations, mainly in Orion Nebula Cluster but also in other star forming regions. The
purpose was to better understand the structure of the inner disc, the variability caused by
accretion or extinction, and to determine the timescale of short (seconds) to long (year)
infrared variability. Variability was quantified using three methods: the Stetson index, χ2
and applying time series analysis. The first two methods will be also applied in this work
(Section 4.3), and therefore discussed in detail. Concerning especially long variability on
a timescale of years, they found that clusters having a larger number of Class I objects
tend to have more long term variable stars. Among strictly periodic stars, they noticed
that stars with longer periods are often characterised by IR excess, which means they are
younger. Rebull et al. (2006) had found similar results for older stars in Orion, using
optical data. Rebull et al. (2014) warned, though, that their detection of periodic stars
might be biassed towards more unobscured stars, which are older, and consequently more
similar to the Orion sample.
Spitzer data were used also by Espaillat et al. (2011), who analysed the infrared vari-
ability in transitional and pre-transitional discs. Transitional discs are characterised by a
hole between the star and the disc, while pre-transitional ones present a gap not completely
devoid of dust. On the whole, they are considered to be older discs which are already clear-
ing the space around their stars. Espaillat et al. (2011) found a typical “seesaw” infrared
variability, where the increasing flux in near infrared is accompanied by a decreasing flux
in mid infrared, and viceversa. This behaviour had been observed in another transitional
disc by Muzerolle et al. (2009) and explained as due to changes in the height of the inner
disc: the higher the inner disc, the stronger the emission in near infrared, with consequent
lower emission from the shadowed region and dwindling in mid infrared emission. This
kind of variability was later modelled by Espaillat et al. (2011) and Flaherty & Muzerolle
(2010), who found good agreement with the observations.
Bodman & Quillen (2015), instead, studied the effects on infrared variability caused
by temperature changes in a circumbinary disc. They found that the relative position
of the two stars in the system with respect to each other and the disc can determine
temperature variations which would affect significantly the infrared light curve. Moreover,
the amplitude variations in the light curve would be observable not only for edge-on discs,
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but even at low inclinations, up to 40◦.
In this work, both near infrared fluxes, at 3.4µm and 4.6µm, and mid infrared, at
11µm and 22µm, were analysed, using images taken by the satellite WISE. As seen in
Fig. 1.2, near infrared emission traces the inner part of a protoplanetary disc, within
1AU, while mid infrared is emitted from colder regions at larger distances, at around
10-50AU. With respect to SWASP, which observed in optical and hence mainly the stellar
emission, WISE offers the opportunity to investigate the emission from the disc, and in
particular the region strictly related to accretion processes onto the star. Comparing and
contrasting optical and infrared emissions presents invaluable insight into the morphology
and dynamics of YSOs and their surrounding discs. Compared to Spitzer, WISE has the
great advantage of observing simultaneously in four bands, from 3.6 to 22µm, despite a
larger field of view (47’ instead of 5’) and consequently less resolution. Consequently, it
was possible to analyse the infrared variability happening at the same time on a wider
wavelength range than in previous studies.
4.2 The WISE Archive
4.2.1 WISE mission
WISE (Wide-field Infrared Survey Explorer) is an all-sky survey which operated for a year,
in 2010, observing in four infrared bands: W1 at 3.4µm, W2 at 4.6µm, W3 at 11µm and
W4 at 22µm (Wright et al., 2010). Despite the existence of other infrared missions, WISE
was specifically built to cover this wavelength range, which lacked of data, especially in
W3 and W4. It mapped the whole sky, providing a catalogue of more than 300 million
sources. The main scientific targets were asteroids, YSOs and protoplanetary discs, the
Milky Way and other galaxies. The spacecraft was equipped with a 40cm telescope, and
the infrared detector arrays, 1024×1024 pixels each, had a field of view of 47’. The first
two bands used HgCdTe arrays, the last two Si:As arrays. The pixel scale was 2”.8 pixel−1
in the first three bands, while 5”.5 pixel−1 in the fourth, due to data binning. The orbit
was sun synchronous, so that the spacecraft maintained always a perpendicular position
with respect to the Earth-Sun direction, while looking into space, away from the ground.
Images were taken every 11 seconds, with a spatial difference of 42’. In total, the entire
sky was surveyed twice, and for each point on the sky 12 or more single exposures were
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taken.
4.2.2 Data preparation
Data were downloaded from the AllWISE Multiepoch Photometry Tables, the latest re-
lease in the WISE archive, become available in November 2013. Since the WISE mission
operated only in 2010, images of the objects studied in the SuperWASP sample are avail-
able only between February and September 2010. Most data are available in the near
infrared bands W1 and W2, at 3.4µm and 4.6µm respectively, where there are about
twenty data points per star in the majority of cases, and to a lesser extent in mid infrared
bands W3 and W4, at 12µm and 22µm, where data points can be as few as three or five.
There reason for this paucity of fluxes is due to the fact that light collected in bands W3
and W4 is fainter, hence many data points are only upper limits. They were discarded,
because not suitable for the following analysis: in order to estimate the amplitude of in-
frared variations, only fluxes with errors could be used, while upper limits do not have
errors by definition.
The archive provides for each object a table which consists of a number of parameters
related to the observations and the photometry. The data used for the following analysis
were: right ascension and declination, time of observation, magnitude and error in each of
the four bands, and two quality flags, namely cat and cc flags, whose meaning is described
in the ’AllWISE Multiepoch Photometry Database’, part III.1.a. In particular, cat is a
single digit number which indicates for each observation whether the photometry is in-
cluded in the AllWISE Source Catalogue (cat=1) or in the AllWISE Reject Table (cat=0).
cc flags, instead, provides an indication of the kind of artifact which may contaminate the
measurements: a possible spurious detection or contamination by diffraction spikes (flags
D and d respectively) or by scattered light halos (flags H and h). Flags can affect all bands
or only some of them, but they are merely a warning message and do not mean necessarily
that the image quality is deteriorated, as it is explained in the above mentioned manual.
In order to have the most reliable photometry possible, only entries in the AllWISE
Source Catalogue were retained, i.e. those labelled cat=1. The evaluation of cc flags,
instead, required stars to be analysed case by case. Among seven flagged stars, six showed
the presence of very close or bright stars in the field of view, thus explaining the origin of
the contaminations and the consequent increase in flux associated with them. The only
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exception was WaOph6, which does not show any sign of field contamination and had
been inadvertently flagged (private communication from the WISE Help Desk). The final
number of stars analysed in infrared was 29, listed in Table 4.1. The discarded stars were
GG Tau, HL Tau, HV Tau C, IM Lup, T Tau N, TWA 07, but their SEDs are shown for
comparison in Appendix E, along with other SEDs.
4.3 Analysis of the infrared variability
The infrared data, unlike the optical SuperWASP data, cover only year 2010 and stars
were observed mainly at the end of February and at the end of August 2010. Consequently,
the pooled sigma method used to analyse the optical data was not applicable in infrared,
and a different method needed to be used instead.
In particular, data were analysed through the following procedure:
• The amplitude of the infrared variability was tested through two different methods:
the Stetson index and the χ2;
• Colour-magnitude diagrams were plotted in different wavelength ranges in order to
see the different behaviour in the near and mid infrared region;
• The infrared variability was compared to the optical variability in order to see if
there were possibile correlations.
4.3.1 Stetson Index and χ2: theory and results
The analysis of the infrared variability was performed by using the Stetson Index (S.I.) and
the χ2. The S.I. (Stetson, 1996) is a parameter used to compare variations in two different
bands, provided that the data were taken simultaneously. This method was developed
specifically to analyse Cepheids, i.e. stars where there is a regular periodic signal, but
it was also applied successfully to YSOs (Carpenter et al., 2001, 2002; Morales-Caldero´n
et al., 2009; Flaherty et al., 2013; Rebull et al., 2014; Cody et al., 2014). In this case the
S.I. offers an indication of the difference between magnitudes in two bands. Data provided
in the WISE archive revealed themselves to be extremely suitable for this method, because
observations were carried simultaneously in the four bands, W1 to W4.
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The S.I. is defined as follows:
S.I. =
∑n
k=1wksgn(Pk)
√
|Pk|∑n
k=1wk
(4.1)
where k indicates the k-th pair of observations in bands i and j, and Pk = δj(k)δi(k) is the
product of the normalised residuals of two observations, δi being defined as:
δi(k) =
√
N
N − 1
mi −m
σi
(4.2)
where N is the total number of data points, mi is k-th magnitude in band i, σi is its error
bar and m¯ is the weighted mean magnitude over the entire band. The same definition
applies to δj(k). The coefficient wk in equation 4.1 represents the weight given to each
pair, but in our case, since bad data had been previously discarded, all pairs were given
weight 1, i.e. the same importance.
The product of the normalised residuals, Pk can be positive or negative, depending
on the magnitude of each pair of magnitudes compared to their respective mean values.
As shown in Fig. 4.1, it is positive when magnitudes are either above or below the mean
value simultaneously in both bands, i.e. when they tend to change in the same direction
in both bands, negative in the other case. The S.I., in turn, will be positive or negative
according to the prevalence of positive or negative Pk, but in the majority of cases Pk,
and consequently the S.I., tend to be positive, because magnitudes change more often in
the same direction. A high value of S.I. implies high variability in both bands, while on
the contrary a low value may be due to low variations in both bands or to a significant
difference between variations in either band.
The threshold above which a star can be considered particularly variable, according
to the S.I., needs to be determined statistically: a large sample would give origin to a
Gaussian distribution, as in Rebull et al. (2014), where non-variable or low variable stars
would have Index zero or just around zero, and stars outside the Gaussian distribution
would be addressed instead as variables. Our sample, however, is too small to be fitted
properly with a Gaussian, as can be seen from the histograms in Fig. 4.2, therefore it was
decided to use the value found by Rebull et al. (2014), which is 0.9. Other authors defined
the threshold at 0.55 (Carpenter et al., 2001) or at 0.45 (Flaherty et al., 2013) or at 0.21
(Cody et al., 2014), but in the first case stars were observed in J,H,K bands, which are
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Figure 4.1: The diagram shows where Pk is positive or negative. In this example it is assumed
that the mean i-magnitude is 4 and the mean j-magnitude is 6.
at shorter wavelengths than WISE, while in the second the threshold was defined partially
arbitrarily. The value used by Rebull et al. (2014), instead, was defined on the basis of
a more accurate statistical analysis. Cody et al. (2014) applied an analogue method on a
cluster of YSOs in NGC 2264, but they took a 3σ confidence interval, instead of 6σ, so
the method developed by Rebull et al. (2014) was preferred, because more conservative.
Their threshold value was considered suitable for this work, because although they had a
different sample, their analysis was performed on YSOs observed in near infrared, i.e. on
the same category of stars and same observational band. It seems therefore plausible that
the variability threshold be similar. However, in this study it was the absolute value of the
S.I. which was used in the classification of a star below or above the threshold and in the
comparison between indices in different bands, because as explained before the sign refers
only to the direction of variations with respect to the mean magnitude and a negative
value does not exclude the presence of variability.
Two pairs of bands were taken into account to compute the S.I., W1-W2, W3-W4,
because the purpose was to compare and contrast variability in near and mid infrared. As
mentioned before, however, bands W1 and W2 have a larger number of data points than
bands W3 and W4, and this discrepancy could partially invalidate the comparison of the
two indices. For this reason S.I. in bands W1-W2 was computed not only with the full
sample of data points for each star, but also with those data only simultaneously available
in four bands. The distribution of the two indices in the near- and mid- infrared (bands
W1-W2 and W3-W4 respectively), is shown in the histograms in Fig. 4.2. Further, the
left diagram highlights in green the full sample and in blue the reduced one, in bands
W1-W2: despite the considerable different percentage of stars showing variability when
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Figure 4.2: Left : Histograms of the S.I. values in bands W1-W2. In green the full sample, in
blue the reduced one. Right : Histograms of the S.I. values in bands W3-W4. In both diagrams
the threshold between non-variable and variable stars is at 0.9, as defined by Rebull et al. (2014),
and represented through the dashed red line.
Figure 4.3: Same histograms as in the previous figure, but here the absolute values of the S.I.
are shown. In this study it was absolute value that was considered a more accurate indication of
variability, as explained in section 4.3.1.
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either the full sample or the reduced one is used, in the reduced sample there is still a
number of stars whose S.I. is above the variability threshold. The initial 62.0% of stars
showing variability in near infrared (green histograms) dropped to 10.3% after reducing
the sample (blue histograms), but this value is comparable with the percentage in mid
infrared (orange histograms), which is 24.1%. These percentages increased slightly when
the absolute value of S.I. was used instead, becoming 65.5% ,13.8% and 27.6% respectively.
The reduced χ2 test, defined in Chapter 2, is given by the following equation:
χ2 =
1
N − 1
N∑
i=1
(mi − m¯)
2
σ2i
(4.3)
where mi is the i-th magnitude in a single band, m¯ is the mean magnitude in that
band, and N is the total number of data points.
Unlike S.I., this method is applicable only to each single band at a time, and provided
that errors are small compared to residuals, a high χ2 means that a star has significant
changes in magnitude in the analysed band. Fig. 4.4 compares for each star the χ2 in all
four bands. In our sample χ2 varies considerably from band to band, being the highest in
bands W2, where it is always above 1.65, and the lowest in band W3, where it is as low
as 0.12.
For each band, the χ2 threshold above which stars can be considered variable was
defined by taking the χ2 above the 99% confidence interval, equivalent to a level of sig-
nificance 1%. Since the number of data points is not the same for each star, the most
conservative choice consisted in taking the critical value for the smallest number. In this
way it was defined the highest possible threshold in each band: 2.08 in W1, 3.02 in W2
and 4.60 in W3 and W4. According to these values, the highest variability is in band
W2 with 86% of variable stars, followed by 75% in W1, 38% in W3 and only 17% in
W4. The method used to quantify the threshold is different from the one used by Rebull
et al. (2014), which is based on visual inspection of deviation from a straight line in the
logS.I.-logχ2 diagram. Unlike theirs, the method adopted in this work allowed defining
the χ2 threshold for each single band, even when data were not simultaneously available in
two bands, hence independently from the availability of the S.I.. Moreover, the criterion
based on the 99% confidence interval was, in my opinion, less arbitrary.
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Figure 4.4: χ2 in all bands for each star. Most stars shows higher χ2 in the first two bands, i.e.
near infrared, colour-coded in red and blue respectively. As example, the dashed line represents
the minimum threshold for band W1, the dotted line for band W2 and the dash-dotted line for
bands W3 and W4. The 29 stars numbered on the x -axis are those listed in Table 4.1.
S.I. and χ2 are listed in Table 4.1, where the highest value in each column is highlighted
in bold and the lowest is underlined. Stars in group A and B, as defined in Chapter 3,
have a purple or blue background respectively. S.I. and χ2 are also plotted together in
a log scale in Figs. 4.5 and 4.6. Data are very well correlated for highly variable stars,
i.e. for S.I. values above 0.9, which corresponds to -0.05 in the log scale, whereas there
is a deviation from linearity for low Stetson indices. This is due to the nature of the
S.I., because as explained in section 4.3.1, high values imply significant variations in both
bands, hence high χ2 in both bands, while on the contrary low values can be caused by
small variations in both bands or in either band, hence χ2 can be either low or high when
S.I. is small. The good correlation for highly variable stars is confirmed by the Pearson
correlation coefficients, whose values, between 0.76 and 0.90 depending on the bands, are
above the critical value rc=0.40.
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star S.I.W1−W2 S.I.W1−W2 S.I.W3−W4 S.I.W2−W3 χ
2
W1 χ
2
W2 χ
2
W3 χ
2
W4
full sample reduced sample
AA Tau 0.52 -0.15 0.20 0.42 3.58 4.04 1.94 0.76
BP Tau 1.01 0.31 0.36 -0.22 4.39 3.55 2.46 0.71
CI Tau 1.97 -0.72 1.08 1.45 6.57 18.31 4.41 2.28
CQ Tau 0.95 -0.19 1.51 -0.16 0.91 11.91 18.89 10.00
CW Tau 1.41 -0.27 1.10 0.49 2.55 10.30 12.61 3.93
DF Tau 1.59 0.13 0.02 0.14 3.80 9.36 0.12 1.07
DN Tau 2.40 -0.27 0.29 0.30 10.06 8.23 0.51 0.74
DoAr 24 E -0.07 0.67 0.46 -0.59 0.72 2.56 4.28 1.49
DO Tau 0.50 -0.06 2.75 2.47 2.94 9.98 29.00 11.54
DR Tau 1.79 0.99 1.73 1.40 9.83 8.55 34.01 8.56
FS Tau 0.90 -0.87 -0.20 0.06 8.46 3.79 1.75 13.58
FT Tau 1.27 1.41 0.20 0.73 7.31 9.24 5.68 1.32
GO Tau 1.30 0.10 0.30 0.054 5.62 1.66 0.99 1.16
GQ Lup 1.47 0.85 0.85 -0.32 3.23 16.58 3.49 2.42
Haro 1-16 3.32 -0.64 0.43 -0.46 10.35 60.31 4.09 3.46
Haro 6-13 0.26 -0.02 -0.09 0.99 4.29 9.28 11.04 3.96
HK Tau B 0.45 0.12 0.36 -0.26 2.31 3.89 2.66 1.14
HT Lup 0.72 0.24 0.38 0.41 0.79 4.79 4.49 2.72
IQ Tau 2.22 -0.38 -0.13 0.77 11.35 10.84 0.69 0.97
IRAS 04385+2550 0.43 -0.10 0.11 0.57 1.96 2.35 2.74 1.08
RU Lup 1.12 0.75 2.59 1.57 1.77 13.26 27.92 18.01
RW Aur -1.06 0.17 0.58 1.12 2.17 13.36 8.53 0.98
RY Tau -0.63 0.00 -1.35 0.00 0.56 6.57 18.91 0.54
TW Hya 4.75 -1.29 0.90 0.72 73.09 30.86 3.50 1.05
USco J1604-2130 0.26 0.30 -0.31 0.56 3.50 2.12 0.87 2.16
UZ Tau E 9.04 1.07 0.33 0.17 29.23 371.75 1.69 1.30
V1121 Oph 1.39 -0.51 0.16 -1.83 6.73 44.43 17.95 1.94
V853 Oph 2.06 0.64 0.38 0.15 8.27 9.55 1.40 1.62
Wa Oph 6 -0.10 0.18 0.05 0.88 2.02 6.72 7.64 1.63
Table 4.1: S.I. for bands W1-W2, W3-W4 and W2-W3 and χ2 for each single band. The highest absolute value in each column is highlighted in bold,
the lowest one is underlined. The purple background is for stars in group A, the yellow one for stars in group B (see chapter 3).
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Figure 4.5: S.I. in bands W1 and W2 versus χ2 for band W1 (left) and W2 (right). The solid
line is the best fit for the variable stars, having S.I. above 0.9. The dotted lines represent the
thresholds in S.I. and χ2. The Pearson correlation coefficient is 0.78 in W1 and 0.76 in W2, with
a critical value of 0.40. In all bands, there is a good correlation for variable objects between the
two parameters.
Figure 4.6: S.I. in bands W3 and W4 versus χ2 for band W3 (left) and W4 (right). The dotted
line is the best fit for the variable stars, having S.I. above 0.9. The dotted lines represent the
thresholds in S.I. and χ2. The Pearson correlation coefficient is 0.85 in W3 and 0.90 in W4 with
a critical value of 0.41. In all bands, there is a good correlation for variable objects between the
two parameters.
The number of stars having S.I. above the 0.9 threshold is highly band dependent: in
bands W1-W2, i.e. near infrared, there are 19 out of 29 stars exceeding the threshold (first
column in Table 4.1) compared to 7 out of 29 in band W3-W4 (third column), when all
data points are included in the determination of the S.I.. However, when the same number
of data points are used in all bands, S.I. in mid infrared prevails (third column) and the
number of highly variable stars in near infrared drops to 4 (second column). Interestingly,
no stars from group A are variable in near infrared in this case, while four are variable
in mid infrared: CQ Tau, DO Tau and RU Lup from group A and CW Tau from group
B. The great fluctuation in percentages is due to the small sample available, so no firm
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conclusions can be drawn from this statistics.
It should be noted, however, that stars highly variable in the first two bands differ
from those variable at longer wavelengths, as confirmed through both S.I. and χ2 values.
Overall, stars which have a larger infrared excess in their SEDs are more variable in W3
and W4, while stars with less infrared excess are more variable in W1 and W2. Hence,
these differences seem to reflect a different disc morphology, because the infrared excess
is proportional to the disc mass, and a low infrared excess is instead a sign that the star
has dispersed most of its initial disc.
4.3.2 Comparison with optical data
In Chapter 3 some stars were identified as highly variable in optical, and were sorted into
group A or B according to their values of slope S or max pooledsigma σmax. One of the
results was the correlation between S or σmax and near infrared colours, and in particular
the fact that stars in group A and B were redder than the other ones. This correlation
was one of the motivations for the current Chapter: the analysis of the same sample in
near and mid infrared and the comparison with optical data.
One of the main distinguishing characteristics between optical and infrared is the
different amplitude of variations, as shown in Fig. 4.7. In infrared there are smaller
changes in magnitude than in optical, with a minimum variation of 0.25 mag in W3 for
DF Tau and a maximum of 0.7 in W1 for TW Hya, compared to almost 3 mag in the
optical band. The median infrared variations vary from 0.07 in W3 to 0.32 in W1, with
an average of 0.2 mag over the four bands.
The best method to test a correlation between optical and infrared data would be
through the S.I., because it would allow comparing objects observed at the same time in
both bands, but unfortunately the necessary condition of having observations on the same
dates is not satisfied. An indirect method was applied instead, and both χ2 and S.I. in
each infrared band or pair of bands were correlated to S and σmax.
The level of correlation between optical and infrared variations was quantified through
the Pearson correlation coefficients; there are 28 objects in common between the total
optical and infrared samples and the critical value rc is 0.37. The only correlation is
between S and χ2 in band W3 and W4, which is shown in Fig. 4.8, and between S and
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Figure 4.7: Comparison between the optical and infrared amplitude of variations for each star.
The x−axis shows variations in each infrared WISE band, the y−axis shows variations in optical.
S.I. in W3-W4, shown in 4.9 along with S.I. in W1-W2. On the whole, however, there are
basically no correlations between the optical and infrared parameters, being the coefficients
below the critical value in most cases. This result might be an indication of different causes
of variability for optical and near infrared emission, or of a time delay between the two
processes.
Figure 4.8: χ2 in band W3 and W4 compared to slope. In both diagrams, group A is colour-
coded in purple, group B in blue. The critical value is rc = 0.37, and the correlation coefficients
are printed at the bottom right of each figure.
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Figure 4.9: S.I. in each pair of bands compared to slope. In all diagrams, group A is colour-
coded in purple, group B in blue. The critical value is rc = 0.37, and the correlation coefficients
are printed at the bottom right of each figure.
4.3.3 Colour-magnitude diagrams
Colour-magnitude diagrams, presented in Fig. 4.11, were used to analyse how magnitudes
vary compared to each other. In band W1 and W2, 83% of stars in our sample become
fainter when redder, which is a typical behaviour in CTTS (Herbst et al., 1994), with the
exception being CQ Tau, DF Tau, FT Tau, Haro 1-16, RU Lup and UZ Tau E. Some
examples of the two different trends are given in Fig. 4.11, while the remaining stars are
in Appendix F. UZ Tau E and Haro 1-16 are also highly variable according to S.I. and
χ2, as shown before. In order to provide a quantitative measurement of these trends, the
data points in the colour-magnitude diagrams were fitted with a straight line, and their
respective slopes were plotted in a histogram, shown in Fig. 4.10. It can be seen that most
of the stars have a negative slope, which confirms that they are redder when fainter or, in
terms of flux, their flux variations in W1 are higher than in W2. This result is in contrast
to that found by Flaherty et al. (2013) in a group of YSOs in the cluster IC348, where
76% of the stars showed no colour variations at the same wavelengths. It might be due to
the different sample, even if they are stars at the same evolutionary stage.
The slope of the fitted straight line appears to be different from the slope of the
interstellar extinction line (represented through the red arrows in Fig. 4.11), implying that
the cause of variations does not depend on extinction, or at least not entirely on it. The
extinction ratio in a colour-magnitude diagram is an indication of the change in colour and
magnitude with respect to an unreddened star. It is given by the gradient m = ∆y/∆x,
where ∆y = ∆W1 and ∆x = ∆(W1−W2). Numerator and denominator can be expanded
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Figure 4.10: Histograms showing the number of stars vs slope of the fitted line, computed in
the colour-magnitude diagrams. The dashed line divides negative from positive values. There is a
clear prevalence of negative slopes.
and written as ∆W1 =W1−W10 and ∆(W1−W2) = (W1−W2)− (W1−W2)0, where
the subscript 0 means the unreddened value. However, W1 −W10 is nothing else than
the extinction in band W1, also denoted as AW1, while (W1−W2)− (W1−W2)0 is the
colour excess E(W1−W2). Putting them all together, the gradient becomes:
m =
AW1
E(W1−W2)
(4.4)
which, remembering the definition of colour excess, can also be written as:
m =
AW1
AW1 −AW2
(4.5)
Yuan et al. (2013) provides the ratios RW1 = AW1/E(B−V ) and RW2 = AW2/E(B−
V ), so after applying a little algebra to equation 4.5, the extinction ratio becomes:
m =
RW1
RW1 −RW2
= 4.75 (4.6)
but owing to the reverse orientation of the y-axis, the gradient of the extinction line
appears to be negative in Fig. 4.11.
On the contrary, the maximum gradient of the straight lines that fit the data is 1.54,
which is about one third smaller than the extinction ratio. Moreover, seven stars present
a negative gradient, hence showing to become bluer when fainter. These values confirm
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that the origin of variations cannot be explained only through interstellar extinction.
No correlations were found between the colour gradient ∆W1/∆(W1−W2) and incli-
nation, as shown in Fig. 4.12, although the latter was available for only 17 out of 29 stars.
Binarity seems also not to affect the colour-magnitude behaviour, because either positive
or negative gradients are found for single or multiple systems.
Figure 4.11: Colour-magnitude diagrams in bands W1 and W2. The red arrow shows the
direction of the extinction law for comparison.
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Figure 4.12: Colour gradient versus inclination. The correlation coefficient is r = 0.04 and the
critical value is rc = 0.48. Correlation coefficient for only negative gradients: r =0.29, rc = 0.55.
4.4 Emission from the star compared to the emission from
the disc
As shown in the previous section, all stars in our sample show variability in infrared in
all bands. The origin of these variations will be now investigated, in order to understand
where they take place, and in particular whether they are related to the photosphere
or to the disc. Two hypotheses were tested and will be discussed in detail in the next
paragraphs:
1. The contribution to infrared emission from a stellar hotspot;
2. The presence of inhomogeneous structures in the inner edge of the disc, close to
the dust sublimation radius, which could be responsible for providing an additional
infrared emission.
4.4.1 Methods
In order to understand their origin, the infrared variations in each star were compared to
their respective SEDs and photosphere emissions. Fig.4.13 shows the SEDs of some stars
(the entire sample is available in Appendix E), where WISE magnitudes W1 to W4 are
overplotted on it in different colours. W1 to W4 magnitudes were converted into fluxes
by using the zero magnitudes provided on the WISE mission website, listed in Table 4.2,
and the Pogson relation in Eq. 2.3:
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W1 W2 W3 W4
m0 −5.2553× 10
−5 5.17884× 10−4 −9.4228879× 10−2 −1.0421866−2
F0 (Jy) 309.540 171.787 31.674 8.363
Table 4.2: WISE magnitude and flux zeropoints
Fλ = F0λ × 10
−0.4(m−m0) (4.7)
The solid line represents the emission of the photosphere. It is a blackbody (BB) curve
which has the same temperature as the star, where the temperature was derived from the
spectral type and Table 5 in Pecaut & Mamajek (2013), and which was scaled to the SED
according to theoretical isochrones and stellar distances.
The isochrones BT-Settl by France Allard were used for this purpose (Allard et al.,
2012). These models provide the absolute WISE magnitudes for different stellar ages and
solar metallicities. First, temperature and age were chosen. Temperature was determined
as before, while age is not always well known for each star. However, CTTS are newly
born stars, typically younger than 10Myrs (Hillenbrand et al., 2008), so an initial guess
was made, starting from 3-4Myrs, as in Taurus (Rees et al., 2015). Afterwards, the
corresponding absolute magnitudes were converted into apparent magnitudes by using the
distance modulus relation:
m =M + 5Log d− 5 (4.8)
where M is the absolute magnitude and d is the star’s distance. Apparent magnitudes
were then converted into fluxes using again values in Table 4.2 and Eq 4.7. Hence, the
final flux became:
Fλ = F0λ × 10
−0.4(M+5Log d−5−m0) (4.9)
Distances are not known for each single object, but the distance of the constellation region
can be used instead. Accepted values are 140 pc for the Taurus region, 155 pc for Lupus,
120 pc for Ophiuchus, 160 pc for Chamaeleon and 55 pc for Hydrae (Whittet et al., 1997;
Loinard et al., 2007, 2008; Lombardi et al., 2008; Torres et al., 2009; Brown et al., 2015).
Reddening was also taken into account, and computed following the method described in
Chapter 2, but when optical colours B − V were not available or the colour excess was
negative, no extinction could be applied to the star.
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The BB was then scaled to the final fluxes by matching its emission in bandsW1,W2,W3
and W4 with the corresponding fluxes derived from Eq. 4.9. When the scaled BB fitted
the bluer part of the SED, i.e. the one corresponding to the star’s emission, the initial age
guess was confirmed, otherwise another isochrone needed to be tested.
The fit for a sample of four stars is shown in Fig. 4.13, the others are in Appendix E.
The BB curves do not fit perfectly all stars, because of different reasons: in some cases
information about reddening was missing, in others there were too few data points in
the blue-ultraviolet region. Further, as seen in the previous Chapter, optical magnitudes
are also variable. Nevertheless, the purpose was to have an indication of the infrared
emitting region compared to the photosphere. It can be seen that for all objects the
infrared emissions are above the photosphere level and hence are more likely to come from
the disc, although an origin in the photosphere cannot be totally excluded. Interestingly,
the same behaviour in variability is observed in transitional discs like USco J1604-2130 or
TW Hya (see Appendix E), where there is a gap in the inner part of the disc and the near
infrared emission is reduced.
4.4.2 Models
Hot spots
As seen in Chapter 3, hot spots can play a role in the variation of optical magnitudes. In
order to see if they may significantly affect the infrared range, a model of the hot spot tem-
perature and area was computed. Hot spots have temperatures several thousands above
the stellar photosphere, which is typically between 3000 and 4000K in CTTS (Fernandez
& Eiroa, 1996). Eight different temperatures were tested for the hot spots: from 4000K to
11000K in steps of 1000K. For each temperature a BB curve was reddened and scaled as
the BB of the corresponding stellar photosphere. This means that the hotspot BB and the
photosphere BB have the same dilution factor Dph = A∗/(4pid
2), the only difference being
in their temperatures. It might be argued that this method is not completely correct,
because the hot spot and the star have different areas, but it has been estimated that the
error introduced by using the same dilution factor is no more than 10%. Since the hot
spot area will be the outcome and is not known a priori, this is the best approximation
possible. The model to determine the hot spot area assumed that the hot spot alone
caused the entire infrared variations, while the contribution from the disc was neglected.
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Figure 4.13: SEDs of some stars in our sample. Photosphere model in solid line, WISE infrared
emissions in colours.
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This method was applied to each band separately. In this scenario the minimum infrared
flux is due to the photosphere and disc emission, whereas the maximum is due to the
photosphere, the disc and the hot spot:
Fλmin = BBphDph +BBdiscDdisc (4.10)
Fλmax = BBphDph(1− f) +BBdiscDdisc +BBHSDphf (4.11)
where D is the dilution factor, either of the star or of the disc, and f = AHS/Astar is the
filling factor of the hot spot. After subtracting Eq. 4.10 from Eq. 4.11 and collecting f ,
the hot spot fractional area A%, which is equal to f × 100, becomes:
A% =
∆Fλ
(BBHS −BBph)Dph
× 100 (4.12)
while its error is:
δA% =
δ∆Fλ
(BBHS −BBph)Dph
× 100 (4.13)
where ∆Fλ = Fλmax − Fλmin and δ∆Fλ =
√
δF 2λmax + δF
2
λmin. Each flux error δFλ was
derived from magnitude errors in the following way:
δFλ = 0.4(m−m0)F0λ10
−0.4(m−m0)δm (4.14)
δm being the photometric error for each magnitude. δBBph and δBBHS are negligible,
instead, and consequently not included in Eq. 4.13.
This procedure was applied to band W1 and W2. The area AW2 was considered
acceptable only when it differed from AW1 less than the minimum between AW1 ± δAW1
and AW2 ± δAW2:
|AW2 −AW1| < min(AW1 ± δAW1, AW2 ± δAW2) (4.15)
Some results for bands W1 and W2 are listed in Table 4.3, while the entire sample
is in Appendix G. Although hot spots might account for short-term variability in optical
(Herbst et al., 1994), it is unlikely that they can contribute significantly to infrared varia-
tions. From the table it can be seen that, in most cases, an infrared contribution through
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a hot spot comparable to the observed variations is achievable only when the hot spot
area is greater than half of the stellar surface and its temperature is twice as big as the
stellar temperature. These figures are in contrast with data from the literature, where
typical areas cover less than 50% of the stellar surface and temperature differences tend
to be smaller (Herbst et al., 1994; Fernandez et al., 1995). Variations in band W3 and W4
would require, instead, a hotspot area larger than the stellar surface, which is physically
impossible, so they are not listed in the table.
Fig. 4.14 shows, as an example, the SED of AA Tau and, in dashed line, the BB of a
hot spot having 50% of the stellar surface and T=7000K. It is immediately evident that
such high emission in the blue part of the spectrum is not observed, and consequently the
assumption that all infrared variations are caused only by hot spots is unrealistic.
Figure 4.14: SED of AA Tau. The dashed line represents the emission from a hot spot having
50% of the stellar surface and T=7000K.
Star AW1 AW2 THotSpot TStar
AA Tau 51.68 ± 44.69 86.30 ± 67.19 7000 3850
AA Tau 38.96 ± 33.69 65.29 ± 50.84 8000 3850
AA Tau 31.23 ± 27.00 52.48 ± 40.87 9000 3850
AA Tau 26.04 ± 22.52 43.86 ± 34.15 10000 3850
BP Tau 69.56 ± 35.05 72.76 ± 72.43 7000 3800
BP Tau 52.63 ± 26.52 55.26 ± 55.01 8000 3800
BP Tau 42.28 ± 21.30 44.52 ± 44.32 9000 3800
BP Tau 35.31 ± 17.79 37.26 ± 37.09 10000 3800
Table 4.3: Areas of hot spots at different temperatures causing the observed variations in W1
and W2. The full list is in Appendix G. Stars whose hotspots resulted to be larger than the stellar
surface are in the Table.
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Inhomogeneities in the disc: additional infrared emission
The previous method considered hot spots as the only cause of variation and ignored the
contribution from the disc. Consequently, the other extreme case consisted in assuming
that variations are only due to some structures in the disc. Since most variations are
observed in W1 at 3.4µm, i.e. in the near infrared, which traces the inner part of the disc,
if they arise in the disc it will be likely that they originate in this region.
The emission was modelled by fitting the disc with a BB peaked at W1, i.e. λmax =
3.4µm, which corresponds to a temperature T = 850K according to Wien’s displacement
law. It was then reddened as the corresponding star. Since the isochrones cannot be
applied to the disc and the disc area is not known, the dilution factor D is also unknown.
However, bearing in mind that the minimum infrared flux is caused by the photosphere
and the disc only, while the maximum one is due to the photosphere, the disc and the
additional emitting area fluxes can be written as:
Fλ,min = BBphDph +BBλDmin (4.16)
Fλ,max = BBph +BBλDmin +BBλ,addDmax (4.17)
whereBBλ is the disc emission, BBλ,add is the additional disc emission,Dmin = Adisc/(4pid
2)
and Dmax = Aadd/(4pid
2) are the corresponding dilution factors, and d is the object dis-
tance.
Subtracting Eq. 4.16 from Eq. 4.17 and substituting Dmax, yields:
∆Fλ = BBλ,add ×
Aadd
4pid2
(4.18)
Hence the area of the additional emitting region becomes:
Aadd =
∆Fλ × 4pid
2
BBλ,add
(4.19)
and errors are:
δA =
δ∆Fλ × 4pid
2
BBλ,add
(4.20)
where δ∆Fλ,add is defined as in Eq. 4.14.
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The area was then converted into stellar area, using stellar radii from the literature
when available or taking a mean value R∗ = 1.8R⊙ in all other cases. The same procedure
was applied to the other bands, choosing the corresponding temperature T in each case.
Results for bands W1 and W2 are in Table 4.4 and show that the areas are roughly
between a hundred of stellar areas and a thousand. Although in some cases the areas have
large uncertainty, there is a good agreement, within the errors, between areas computed
for emission in band W1 and W2, in 17 out of 29 stars. This result shows that in most
cases the near infrared variability can be explained through solely the emission from an
additional emitting source. On the contrary, the same method applied to bands W3 and
W4 yielded areas ten to a hundred times bigger than those in Table 4.4, hence variability
in mid infrared cannot be explained through a single mechanism only.
This method considers only radiation coming from a source whose maximum emission
peaks at wavelength λ, and does not include the contribution to that emission, at the same
wavelength, from colder or hotter regions. To test how much flux is excluded using this
approximation, Beckwith’s model was applied to a source emitting at 850K. Beckwith’s
model, which will be described extensively in Chapter 5, is one of the first models developed
to explain disc emission and in particular the infrared excess. The disc is modelled as a sum
of rings at different temperatures and optical depths (Beckwith et al., 1990). Although it
does not include the currently accepted flared structure and the presence of a puffed inner
rim (Dullemond et al., 2001), it has the great advantage of integrating the contribution
of all emissions, at a certain wavelength, along the disc radius. Using this model and
assuming that the emitting source at 850K lies at the inner rim, it was found that the
areas presented in the first column of Table 4.4 are equivalent to a ring extending from the
inner rim to 0.11AU away from it. Contributions from regions farther away are therefore
negligible. This width is consistent with the expected near infrared emitting area (Williams
& Cieza, 2011).
An eclipsing scenario was also initially taken into account as another possible effect of
these clumps of material, but although it could explain the infrared variations, it should
be accompanied through optical periodic variations, which are not observed.
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Star AW1 ± errAW1 AW2 ± errAW2 Tadd Tstar
AA Tau* 112.66 ± 97.43 163.27 ± 127.13 850 3850
BP Tau 171.03 ± 86.17 155.34 ± 154.63 850 3800
CI Tau* 349.12 ± 183.30 676.42 ± 215.18 850 4250
CQ Tau 1035.43 ± 1039.79 4638.69 ± 2514.80 850 6500
CW Tau* 857.97 ± 766.64 2973.64 ± 1268.38 850 4800
DF Tau 688.33 ± 334.48 1586.38 ± 634.27 850 3500
DN Tau* 89.08 ± 40.45 88.21 ± 52.64 850 3800
DoAr 24 E 796.56 ± 1051.81 2668.37 ± 2555.42 850 5280
DO Tau* 361.45 ± 221.97 795.20 ± 468.14 850 3800
DR Tau* 864.69 ± 408.16 2154.62 ± 763.52 850 4200
FS Tau 162.42 ± 88.86 197.54 ± 216.50 850 3550
FT Tau 90.85 ± 54.25 172.40 ± 75.42 850 3400
GO Tau* 48.95 ± 44.63 45.31 ± 63.31 850 3600
GQ Lup 937.09 ± 510.97 1266.05 ± 979.36 850 4400
Haro 1-16 311.59 ± 136.85 533.08 ± 165.84 850 4850
Haro 6-13 252.76 ± 222.15 763.84 ± 388.11 850 3700
HK Tau B 73.46 ± 59.09 88.99 ± 81.60 850 3600
HT Lup 578.17 ± 1050.50 1666.42 ± 948.66 850 4700
IQ Tau* 140.62 ± 63.98 186.28 ± 119.84 850 3400
IRAS 04385+2550 30.14 ± 34.46 67.41 ± 65.71 850 3900
RU Lup 814.36 ± 582.10 2578.10 ± 1354.79 850 3800
RW Aur 366.28 ± 297.70 1742.91 ± 794.70 850 4100
RY Tau* 777.12 ± 725.90 4773.56 ± 2972.50 850 5900
TW Hya 91.23 ± 14.08 52.22 ± 17.72 850 3850
USco J1604-2130 75.86 ± 56.65 90.77 ± 75.39 850 5000
UZ Tau E 932.48 ± 355.05 4101.37 ± 811.68 850 3680
V1121 Oph 438.92 ± 232.61 906.92 ± 427.53 850 4600
V853 Oph 139.85 ± 86.46 183.17 ± 140.22 850 3600
Wa Oph 6 357.11 ± 387.97 924.78 ± 570.29 850 4500
Table 4.4: Disc areas, in units of stellar area, responsible for the additional infrared emissions in
bands W1 and W2, from a source at 850K. The asterisks denote stars whose radii are known from
the literature, in all other cases R∗ = 1.8R⊙.
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Star AW1 AW2 Star AW1 AW2
AA Tau 106.43 94.35 Haro 6-13 240.90 213.55
BP Tau 163.01 144.50 HK Tau B 70.01 62.06
CI Tau 326.53 289.45 HT Lup 551.03 488.46
CQ Tau 946.47 839.00 IQ Tau 128.79 114.17
CW Tau 789.58 699.93 IRAS 04385+2550 27.45 24.33
DF Tau 656.02 581.53 RU Lup 776.14 688.01
DN Tau 84.90 75.26 RW Aur 345.61 306.37
DoAr 24 E 679.06 601.96 RY Tau 740.65 656.55
DO Tau 334.69 296.68 TW Hya 86.95 77.08
DR Tau 813.92 721.51 USco J1604-2130 72.30 64.09
FS Tau 154.80 137.22 UZ Tau E 888.71 787.80
FT Tau 86.59 76.76 V1121 Oph 396.11 351.13
GO Tau 46.65 41.35 V853 Oph 126.63 112.26
GQ Lup 861.35 763.54 Wa Oph 6 340.35 301.71
Haro 1-16 296.97 263.25
Table 4.5: Areas, in units of stellar area using Beckwith’s model.
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Figure 4.15: Left : Histograms of the S.I. values in bands W1-W2. Right : Histograms of the S.I.
values in bands W3-W4. The red dashed line represents the threshold between non variable and
variable stars, as defined by Rebull et al. (2014).
4.5 A wider sample in Taurus
The DIANA sample is a collection of widely observed stars, and the wealth of available
data had the great advantage of allowing various kinds of analysis to be performed in this
work, including the comparison of the infrared variations with the SEDs.
On the other hand, this sample is relatively small, with implications on the interpre-
tation of its statistic. In order to double check the reliability of current results, the same
analysis was performed on a wider sample in Taurus, like in Chapter 3. Stars were chosen
from Luhman et al. (2010) under the condition of being Class II, and the new sample con-
sisted initially of 183 stars. After removing flagged stars using the same criteria described
in Section 4.2.2, the sample reduced to 105 objects. As before, the number of available
data is smaller in W3 and W4, where there were only 98 and 95 object respectively. Since
the purpose of the comparison sample is to confirm results on the basis of a larger statis-
tics, the analysis focussed only on S.I., χ2 and colour-magnitude diagrams, while SEDs,
hot spot and disc emission models were not included.
S.I. and χ2
The S.I. was computed by using again Eq. 4.1, and histograms of its distribution in near
and mid infrared are in Fig. 4.15. Concerning χ2, the thresholds above which stars are
considered variable are very similar in bands W1 and W2 to those in the DIANA sample.
They are 2.41 in W1 and 3.32 in W2, while in the DIANA sample they are 2.08 and 3.02
respectively. Values are two units higher in bands W3 and W4, being 6.64 with respect
to 4.60 in DIANA.
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Figure 4.16: S.I. versus χ2 in band W1 and W2. The Pearson correlation coefficient is 0.89 in
W1 and W2, with a critical value rc = 0.22; 0.61 in W3, 0.66 in W4 with a critical value rc = 0.25.
There is a very good correlation between the two parameters especially in bands W1 and W2. The
dotted lines represent the thresholds in S.I. and χ2.
The comparison between S.I. and χ2 is shown in Fig. 4.16, which shows that, like in
the previous sample, data correlate better in bands W1,W2 rather than W3,W4. Overall,
there is a stronger correlation than in the DIANA sample, favoured by the greater amount
of data points now available. The critical values is rc = 0.22 in bands W1-W2 and rc = 0.25
in bands W3-W4. The correlations coefficients are all above the critical values in the four
diagrams, lying between a mininum of 0.61 in W3 and a maximum of 0.89 in W1. From
Fig. 4.16, the threshold 6.64, which translates into 0.82 in the log scale, appears to be
appropriate in band W3, but overestimated in W4. The high critical value in W4 is given
by the low number of degrees of freedom in the star chosen to define the critical value.
From visual inspection, a threshold at 0.3, in the log scale, would still be safe. Like in the
DIANA sample the variability is more pronounced in near rather than mid infrared.
Colour-magnitude diagrams
Colour-magnitude plots W1-W2 vs W1 have the same trend seen in the previous sample,
i.e. stars become fainter when redder in most cases. Fig. 4.17 shows the histogram of
slopes of the straight lines fitted through the colour-colour plots. 88% of the data have
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negative slopes, with a median of -0.60 and a Median Absolute Deviation of 0.33.
Figure 4.17: Histogram showing the number of stars vs the slope of the fitted line in the colour-
magnitude diagram, W1-W2 vs W1. The dashed line divides negative from positive values. There
is a clear prevalence of negative slopes like in the DIANA sample.
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4.6 Discussion
Observational data analysed in this Chapter confirm that most T Tauri stars are variable
also in infrared. Variations were found to be one order of magnitude smaller than in
optical, but still significant, with a maximum amplitude of 0.6 magnitude in near infrared
and 0.3 in mid infrared. Infrared variations are higher in bands W1 and W2, with a
median of 0.29 and 0.32 mag respectively, which is larger than the typical fluctuation of
0.1 mag found by Flaherty et al. (2013) at the same wavelengths. Their sample, however,
is in IC348, which is older than Taurus-Auriga by 1-2Myrs, and the different age could
explain the drop in the observed variations.
Variability was analysed through two different methods: Stetson index, whose thresh-
old was taken at 0.9 following Rebull et al. (2014) prescription, and χ2. Based on Stetson
index, the percentage of variable star in near infrared is 66%, while it is only 28% in mid
infrared. However, the different statistics might be affected by the smaller number of data
points for each star in bands W3 and W4. When using the same data set in near infrared
as in mid infrared, the percentage of variable stars in the former case drops to 14%. If a
less conservative threshold had been used, for example 0.21 as in Flaherty et al. (2013),
93% stars would have been classified as variable in near and 69% in mid infrared. In near
infrared the percentage would be 62% in case the reduced sample were used. When vari-
ability was analysed in each single band, through χ2 values, 76% of the stars were variable
in W1, 86% in W2, 38% in W3 and 17% in W4. Overall, variability is present both in
near and mid infrared, although it tends to be more pronounced at 3.6 and 4.5µm rather
than at longer wavelengths, when single bands are analysed. The same behaviour was
confirmed in a larger samples of stars, taken as comparison from Luhman et al. (2010).
This work has then shown that the correlation between optical highly variable stars and
infrared variations is rather weak, which would support the prediction that the infrared
flux is mainly due to disc emission (Cody et al., 2014). However, there is a slight trend in
favour of a correlation between optical and mid infrared variations, as shown in Fig. 4.8
in the Slope-χ2 plots for bands W3 and W4. In addition, based on the χ2 values listed in
Table 4.1, some of the most variable stars in optical show higher variability in infrared,
especially mid-infrared, like DOTau, DR Tau, RU Lup. Nevertheless, the correlation
between optical and infrared variability is still controversial: according to Flaherty et al.
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(2013) there is strong indication that optical and infrared are correlated, especially in
case of irregular optical, while Cody et al. (2014) identified three groups of stars (well-
correlated, non correlated and inverse correlated), but on the whole they found that optical
and infrared data were not very well correlated in more that 50% of the cases. They gave
two explanations for the uncorrelated group: on one hand there may be two separate
mechanisms causing variability, on the star and in the disc; on the other one infrared
variations may be due to changes in the disc scale height through magnetic turbulence,
as initially proposed by Turner (2013). However, as reported by Cody et al. (2014),
other factors may affect the variability and hence the correlations, as inclination, disc flux
and geometry, types of variability mechanisms, which are difficult to be disentangled and
quantified. Another interpretation recently presented by Pozo Nun˜ez et al. (2015) is based
on the presence of a binary unresolved system, where the two stars have different mass
and consequently different evolution. One would be a blue star, the other a red one, thus
affecting optical and infrared emission separately. However, in the sample analysed in this
work no correlation with binarity or inclination was found either in optical or infrared
emission.
Regarding the origin of infrared variations, the colour-magnitude diagrams in bands
W1 and W2, shown in Fig. 4.11, excluded interstellar extinction as the only cause of
variability in near infrared, because the slope of the fitted line does not follow the slope
of the reddening curve. 22 out of 29 stars in the sample becomes redder when fainter, the
remaining 7 becomes bluer. Among the 76% which become redder, all have a shallower
slope than the extinction law, thus showing that there has to be an additional source of
reddening.
Only few stars become bluer when fainter, and they are: CQ Tau, CW Tau, DF Tau,
FT Tau, Haro 1-16, RU Lup and UZ Tau E. CQ Tau and RU Lup belong to group A
in the optical variability analysis, CW Tau to group B, while DF Tau and UZ Tau E
are in binary or multiple systems. DF Tau, for example, was found to have gray stellar
variations in optical, between B and I band (Chelli et al., 1999), hence independent of the
wavelength. Variations were attributed to circumstellar extinction and less likely to cold
spot. According to Grankin et al. (2007) optical variable circumstellar extinction could
cause stars to become bluer when fainter, due to an increase of scattered light compared to
direct star light, so if valid in infrared too, DF Tau variations could be explained through
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this mechanism.
The origin of infrared variations has been discussed by many authors, and explained
either through hot and cool spots (Carpenter et al., 2001, 2002), eclipses by circumstellar
material (Bouvier et al., 2003), disc asymmetries (Flaherty & Muzerolle, 2010; Flaherty
et al., 2013) or disc wind (Bans & Ko¨nigl, 2012).
In this work, a simple model was used to try explaining the infrared variability as due
to hot spots. Without taking into account inclination or limb darkening, the hot spot was
modelled as a blackbody and then reddened as the star. A grid of temperatures, higher
than the stellar temperature, was used to test different possible hot spots. Using the
amplitude of variations known from observational data, the area of the hot spot causing
such variations was computed for each temperature. According to my results, the infrared
variability cannot be explained only as a consequence of hot spots, because that would
require too wide an emission area, not compatible with current models (Fernandez &
Eiroa, 1996; Morales-Caldero´n et al., 2009). This result confirms what found by Morales-
Caldero´n et al. (2009), although their approach was reversed, in that they first assumed
a value for the hot spot area and then estimated the expected variation at 3.6µm. On
the contrary, Flaherty et al. (2013) found it possible for a hot spot to cause the observed
infrared variations, but only indirectly. The hot spot would heat the inner rim, cause dust
to sublimate and thus increase the dust sublimation radius. The effect would be a change
in the structure of the inner part of the disc and consequently in the infrared emission.
Through this mechanism, the author found a hot spot coverage of about a few percentage
of the stellar area.
Another mechanism for infrared variations could be disc wind emission, as proposed
by Bans & Ko¨nigl (2012). The presence of wind would account for the observed NIR
variations, which happen on a timescale shorter than one day. The movement of material
caused by the wind, along with the rapid rotation period at the inner rim (2-3 days), would
give rise to a range of different particles and consequently emission coefficients. However,
Flaherty et al. (2011) discarded wind as a cause of infrared variations, because according
to their models high wind should be accompanied by larger infrared emission, which did
not find correspondence in their observations.
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4.7 Conclusions
This Chapter presented the infrared analysis of 29 YSOs, already found to be variable in
optical, and it has shown that most of them are also variable in infrared. The variability
was assessed using two methods: the S.I. and the χ2, and both confirmed that variations
are more pronounced in near infrared, at 3.4µm and 4.6µm, rather than in mid infrared,
at 11µm and 22µm. In particular, according to the χ2 threshold, 79% are variable at
3.4µm, 93% at 4.6µm, 38% at 11µm and only 17% at 22µm.
Correlations with optical variability are very weak, which may be explained as due to
different causes. Simple models were tested to ascertain the effect of a hot spot and of
additional disc emission on the total emission. The infrared component of hot spots is too
faint to affect the variability, even at 3.4µm. It seems more likely that infrared variations
arise in the disc, in the inner region, compatible with a distance within 0.11AU from the
star, for fluxes at 3.4-4.6µm. Despite the large error bars in the estimate of the emission
areas, the model provides an indication of a feasible scenario. An eclipsing scenario,
instead, like the one presented by Bouvier et al. (1999) to explain optical variations in AA
Tau, does not seem to apply in infrared, because the same sample should be accompanied
by periodic optical variations, which are not observed on a regular basis.
On the whole, the current results would confirm the idea developed by Flaherty &
Muzerolle (2010) and Flaherty et al. (2012, 2013) that the inner disc, traced by infrared
radiation, is a rapidly evolving structure, whose changes in height would cause variations
in the absorption and emission of light. Another model which involves similar changes is
the one proposed by Bans & Ko¨nigl (2012), where fluctuations would be caused by disc
wind instead. This model was not tested on the current sample, but could offer another
interpretation of the data.
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5
Measurement of dust growth:
observations and models
The previous Chapters showed the role played in discs by dust, or aggregates of dust, in
determining the luminosity changes observed both in optical and infrared. This Chap-
ter focusses more on the analysis of dust, from both an observational and a theoretical
perspective: measurement of dust grains from observed SEDs, and how different dust
opacities can affect the mm slope of the SED.
After an overview on the historical background of dust models (Section 5.1), followed
by the presentation of the data sample (Section 5.3) and by the description of properties
of dust grains (Section 5.2), the Chapter is structured in two parts. The former is the
observational part, which uses the slope of the SEDs in the mm-cm range to infer the dust
grain size, after correcting for wind emission (Sections 5.4 and 5.5). A further correction
for optical depth effect is then applied (Section 5.6) before deriving the final results (Sec-
tion 5.7). This part of the Chapter makes also an in depth comparison with the literature,
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highlighting the differences among a number of procedures adopted by authors who used
the SED slope method.
The latter part of the Chapter utilises a radiative transfer model (BETAgrid) to analyse
the optical depth effects on the slope of the SED from a theoretical perspective, comparing
models to observations. The BETAgrid is also used to explore at which wavelengths the
medium can be considered optically thin or thick (Section 5.8). By means of another
radiative transfer model, the analysis is then extended to longer wavelengths than in the
BETAgrid and aims also to investigate the impact of a number of disc and dust parameters
on the SEDs (Section 5.9). This last Section is part of a paper (Woitke et al., 2016) where
I am co-author. In this Chapter the analysis described in the paper has been redone using
different wavelength intervals in order to adapt it to the current study.
5.1 Dust: historical background
This Section is based on the reviews presented in the books by Whittet (2002) and Li &
Greenberg (2003), and provides an overview of dust models developed for the last century.
The presence of dust obscuring starlight was evident already at the beginning of the 20th
century, but the origin of dust and its composition were still unknown. Extensive work
on interstellar reddening and its dependence on optical wavelength were carried out by
Trumpler (1930) and Rudnick (1936).
In the beginning of the research area, dust particles were expected to have a compo-
sition similar to meteors and to be made of small metallic particles, but this model was
discarded when it was understood that meteors do not have an interstellar origin. In the
1940s it was already known that atoms like H, O, C and N existed in space, leading van
de Hulst (1946) to propose the “dirty ice model”, where the condensation of gas on dust
particles would create ices made of H2O, CH4 and NH3. The dirty component referred
to the internal core, upon which ices would condense, which was still unknown. Even if
predicted by Kamijo (1963), it was only in the 1970s that infrared observation allowed
the presence of silicate to be inferred, through the characteristic aborption line at 10µm
(e.g. Draine, 2003b). Graphite was also proposed to explain the high dust polarization
observed. Its presence was partly confirmed by the detection in 1965 of the extinction
feature in UV, at 2175 A˚, but more recently other molecules were considered responsible
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for that absorption line, for example Polycyclic Aromatic Hydrocarbons (PAHs) (Li &
Draine, 2001).
Since the 1970s, a number of other models have been proposed. Greenberg (1982)
developed the core-mantel model, where a core of silicates would be covered with a mantel
of complex organic molecules. Subsequently, the model was improved to take into account
both graphite and PAHs in the core (Li & Greenberg, 1997). A completely different
model, proposed initially by Mathis et al. (1977) and developed further by Draine & Lee
(1984) considers two separate populations of grains, made of either silicate or carbonaceous
particles, without any mantel. The carbonaceous component is made of PAHs for particles
having radii smaller than 50 A˚, and of graphite for larger ones. In this model there are
spherical particles, having radii between 0.005µm and 0.25µm, with a power-law size
distribution ∝ r−3.5. Zubko et al. (2004) argued that this model requires too large an
amount of silicon, magnesium and iron, which is inconsistent with the accepted solar
abundances of these elements. They propose a mixture of dust types, where some contain
only PAHs, graphite and silicate grains like in Li & Draine (2001), others have amorphous
carbon instead of graphite, or are totally devoid of carbon apart from PAHs. Unlike
all these models, Freund & Freund (2006) presented a solid solution model, where the
organic mineral components in grains become physically inseparable, after undergoing
thermodynamical solid state processes. The authors point out that their model can address
issues not previously well resolved, especially concerning the emission lines observed in
infrared. Another very satisfactory model, included also in the DIANA project, is the one
proposed by Min et al. (2005). Based on the Mie theory of spherical particles (Mie, 1908)
and astronomical silicate described by Draine & Lee (1984), in this model the carbonaceous
composition is again made of PAHs, graphite and organics, whereas the silicate component
is richer in Mg (Min et al., 2007). The innovation in this theory is the introduction of
hollow spheres, which can better model the observables, like the 10µm silicate feature.
5.1.1 Dust in protoplanetary discs
As seen in Section 1.6, dust is an important component of protoplanetary discs, because
it forms the building blocks of planet formation. However, the actual composition and
size of dust grains in discs is still under debate; initially it was assumed to be similar
to that of the interstellar medium, i.e. amorphous silicates of 0.1µm size, but through
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satellite observations it was discovered that dust in protoplanetary discs is mostly in
cristalline state and in larger size, up to 10µm. Cristallinity shows that dust experiences
high temperatures (800-1000K) during disc evolution (Henning & Meeus, 2009). Grains
seems to be mainly formed of silicates, bound to magnesium or to a lesser extent iron,
although the Mg/Fe ratio is not well known yet. In the former case, the composition
may be either forsterite (Mg2SiO4) or enstatite (Mg2SiO3). Regarding iron, other authors
propose different Fe species, for example FeS (Min et al., 2011). This difference affects
not only the composition but also the dust opacity, which is strongly influenced by iron
(Henning & Meeus, 2009). The carbonaceous component, especially PAHs, could then
depend on the host star, because they were mostly found around Herbig stars rather than
T Tauri (Henning & Meeus, 2009).
5.2 Properties of dust grains: dust opacities
5.2.1 Dust opacity: theory
Dust is heated mainly through absorption of starlight rather than collisions with gas
particles (Draine, 2003b). Light is absorbed in UV and optical to be re-emitted in mid-far
infrared. Light can also be scattered, which means it undergoes a change in direction but
not in its wavelength. The combination of absorption and scattering is called extinction.
However, since the medium in mid-far infrared is mainly optically thin, scattering can be
ignored. When dust is in equilibrium with the surrounding medium, heating and cooling
balance: ∫
∞
0
Qabsλ uλdλ =
4pi
c
∫
∞
0
Qemλ Bλ(Tdust)dλ (5.1)
where Qabsλ is the absorption efficiency factor at wavelength λ, uλ is the energy density
of the surrounding medium, responsible for the extinction by dust particles, while Bλ
is the Planck function and Qemλ is the emission efficiency factor of dust particles. In
equilibrium condition, following Kirchhoff’s law, the absorption and emission efficiency
factors are identical, hence Qabsλ = Q
em
λ = Qλ. Further, Qλ = Cabs/(pir
2) is the ratio of
the absorption cross section Cabs and the geometric cross section pir
2, r being the radius of
a dust particle under the assumption of spherical grains. Cabs, in turn, is proportional to
the absorption cross section per unit mass κabs, also called dust opacity, and whose units
are cm2g−1.
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Dust opacities play a key role in the way radiation is transfered from the star through
the disc and consequently in how stellar objects are detected. Since they are responsible for
the interaction between radiation and matter, they determine also the dust temperature.
They depend on size and composition of dust particles (Draine, 2003b), but also on their
shape (Min, 2015).
5.2.2 Dust opacity and grain size distribution
Under the assumption of spherical grains, a size parameter relates the grain circumference
to the wavelength of the incident light:
X =
2pir
λ
(5.2)
while composition is accounted for by the complex refractive index m (Draine, 2003b).
Eq. 5.2 highlights that the dust grain size is small or big only in comparison with the
incident light. When the former prevails on the latter, particles behave like bricks which
block the light completely, and in this situation κ is constant, i.e. wavelength independent.
When the size is comparable to the light wavelength, instead, mechanisms of scattering
and diffraction take place. On the other hand, when the size is much smaller than the
incident wavelength, the dust opacity becomes proportional only to the total grain volume
and does not depend on the grain sizes (Draine, 2003a).
Not only the size of single grains is important to determine the overall dust opacity,
but also the total grain size distribution: a good approximation is given by a power law
(Mathis et al., 1977; Draine & Lee, 1984; Draine, 2006):
dn
da
∝ a−apow , amin ≤ a ≤ amax (5.3)
where apow is generally 3.5 (Mathis et al., 1977; Weidenschilling, 1977a; Draine & Lee,
1984), but sometimes 3 (Tanaka et al., 2005). The smaller the apow, the higher the per-
centage of big grains. The value of amax is more debatable and depends on the region and
composition considered. A combination of graphite and silicate grains in the interstellar
medium would have amax=0.25µm (Mathis et al., 1977; Draine & Lee, 1984), but amax
could be as large as 10 cm in case of the solar nebula (Weidenschilling, 1977a) or 50µm in
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protoplanetary discs having age 105 yrs (Tanaka et al., 2005).
Draine (2006) has shown that for either carbonaceous grains or silicate, the higher
the maximum size, the smaller the dust opacity, in case the total mass is the same. This
effect can be explained by the fact that larger but fewer grains obstruct the light less than
smaller but more numerous particles. The less light intercepted, the less flux re-emitted.
5.2.3 Dust opacity and composition
Concerning the composition, carbon dominated grains tend to have higher dust opacity
than silicate dominated ones, especially at wavelengths below 10µm and in the far infrared
(Min, 2015). Shape can also change the dust opacities, especially at long wavelengths, from
mid infrared to the mm region, with irregular grains having higher dust opacities than
spherical ones (Min, 2015).
5.2.4 Grain size indicators
In addition to shape and composition, size of dust grains is another important parameter
in the determination of dust opacities. Dust size can be inferred through several indicators:
• The 10µm silicate feature (Papoular & Pegourie, 1983);
• Scattering anisotropy (Lehtinen & Mattila, 1996; Mulders et al., 2013; Steinacker
et al., 2015);
• Polarisation (Voshchinnikov, 1989; Voshchinnikov & Hirashita, 2014; Kataoka et al.,
2015b);
• The SED slope in mm range (Mannings & Sargent, 1997; Beckwith et al., 1990; Testi
et al., 2001; Rodmann et al., 2006; Ubach et al., 2012).
The 10µm absorption feature provides an indication of grain size in the upper layers of
the inner discs and tends to be shorter and broader in case of larger grains. It is also fairly
well correlated with the mm slope (Lommen et al., 2010), hence showing that inner and
outer disc evolve simultaneously. Polarisation due to dust alignment with the magnetic
field has been used to infer grain size, where the lower the polarisation, the larger the
size. However, very recently, Kataoka et al. (2015b) presented a new method to determine
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dust size through mm wavelength measurements of polarisation due to dust self-scattering.
This method has the further advantage of being applicable even in optically thick regions,
hence it can be used at shorter wavelengths or to detect the inner disc. The mm slope
of the SED is another widely used grain indicator, where the shallower the gradient, the
larger the grain size. It is also the method chosen in this work, because of new data
available in the mm range, and it will be extensively described in section 5.4.
5.3 Data sample
The complete list of 31 objects used in this Chapter is in Table 5.1. They were chosen
from the entire DIANA database (Table 1.2) under the condition that literature data
from the millimeter range onwards were available, which is essential in order to apply the
aformentioned method of the slope of the SED. Unlike in the analysis of variability, no
distinction was made between CTTS and Herbig stars.
In addition to literature data, listed in Table 5.1, this work makes use of some new
photometric data taken at the Green Bank Telescope (GBT) on the 21 and 26 April
2007, and at Very Large Array (VLA) as part of the project Disks@EVLA. The new data
are available for 23 stars, shown in Table 5.2: 13 stars have fluxes at 7.8mm, 8.6mm
and 9.6mm and 10.8mm from GBT, 17 stars have fluxes at either 7mm or 1 cm from
VLA. Observations at GBT were carried out using the Ka-band receiver, which uses four
frequency channels corresponding to a wavelength range between 7.5 and 11.5mm. Data
were reduced by Jane Greaves using the pipeline described on the NRAO website1. VLA
data are mainly at 1 cm, with observations between June and August 2011 and October
to December 2012. There are also some fluxes at 7mm, taken in October 2012. The data
were reduced by Claire Chandler using the pipeline described on the VLA CASA website2.
1https://science.nrao.edu/facilities/gbt/facilities/gbt/observing/GBTog.pdf
2https://science.nrao.edu/facilities/vla/data-processing/pipeline
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Name α δ 350 450 850 1.2-1.3 2 2.7-3 3.3-3.4 3.5-3.6 7-7.3 1.2-1.3 1.5-1.6 2 3-3.6 6
deg deg µm µm µm mm mm mm mm mm mm cm cm cm cm cm
AB Aur 73.9410 30.5512 1 2 2 2 - - - - - - - - 3 -
CI Tau 68.4667 22.8417 4 4 4 5 - 6 - - 7 - - - - -
CQ Tau 83.9936 24.7484 - - - 8 - 9 - - 10 - - - 10 10
CW Tau 63.5708 28.1827 4 4 4 5 - - - 11 - - - - - -
CY Tau 64.3905 28.3464 4 4 4 12 - - 6 - - - - - - -
DG Tau 66.7696 26.1045 4 1 1 12 - 13 - - 7 7 - 7 7 -
DL Tau 68.4128 25.3439 4 1 1 5 - 6 - - 7 - - - - -
DM Tau 68.4530 18.1694 4 - 4 12 - - - - - - - - - -
DN Tau 68.8640 24.2497 4 4 4 5 - - - - - - - - - -
DO Tau 69.6191 26.1804 - 4 4 5 14 15 15 - 7 - - - - -
DR Tau 71.7759 16.9786 - 4 4 12 14 - - - - - - - - -
EX Lup 240.7729 -40.3071 - - - 16 - - 17 - 17 - - - - -
FT Tau 65.9133 24.9373 4 4 4 5 - 6 - - 7 - - - - -
GG Tau 68.1265 17.5279 4 4 4 5 - - - - 7 - - - - -
GM Aur 73.7958 30.3665 4 - - 12 - - - - 7 - - - - -
GQ Lup 237.3004 -35.6514 - - - 27/18 - - 17 - 17 - - - - -
Haro 6-13 68.0642 24.4833 4 4 4 5 - 6 - - - - - - - -
HL Tau 67.9101 18.2327 4 28 28 5 14 - - 11 7 7 - 7 7 -
HT Lup 236.3036 -34.2918 - - - 17/18 - - 19 - 17 - - - - -
LkCa 15 69.8241 22.3510 4 - 4 12 - - - - 7 - - - - -
MWC 480 74.6928 29.8436 - 2 2 - - - - - - - - - - -
PDS 66 200.5314 -69.6367 - - - 21 - 20 - - - 20 - - - -
RU Lup 239.1763 -37.8210 - - - 18 - - 19 - 22 - - - - -
RY Lup 239.8683 -40.3642 - - - 17 - - 17 - 17 - - - - -
RY Tau 65.4891 28.4432 1 1 1 12 - - - - 7 7 - 7 7 -
TCha 179.3065 -79.3588 - - - 23 - - 17 - 17 - 17 - 17 17
T Tau N 65.4976 19.5351 - - - - - 24 - - - - - - - -
UX Tau A 67.5166 18.2304 - 4 4 25 - - - - - - - - - -
UZ Tau E 68.1793 25.8753 4 4 4 12 - 6 - - 7 7 - 7 7 -
Wa Oph 6 252.1902 -14.2766 - - - 26 - - 11 - - - - - - -
WW Cha 167.5005 -76.5827 - - - 23 - - 22 - 22 - 22 - 22 22
Table 5.1: Fluxes from the literature. Underlined discs have only data from the literature, and not from VLA or GBT.
(1)Mannings (1994), (2)Sandell et al. (2011), (3)Skinner et al. (1993), (4)Andrews & Williams (2005), (5)Beckwith et al. (1990), (6)Guilloteau et al.
(2011), (7)Rodmann et al. (2006), (8)Alonso-Albi et al. (2009), (9)Mannings & Sargent (1997), (10)Testi et al. (2001), (11)Ricci et al. (2010), (12)Isella
et al. (2009), (13)Isella et al. (2010), (14)Kitamura et al. (2002), (15)Koerner et al. (1995), (16)Lommen et al. (2010), (17)Ubach et al. (2012),
(18)Nuernberger et al. (1997), (19)Lommen et al. (2007), (20)Cortes et al. (2009), (21)Carpenter et al. (2005), (22)Lommen et al. (2009), (23)Henning
et al. (1993), (24)Akeson et al. (1998), (25)Osterloh & Beckwith (1995), (26)Andre´ & Montmerle (1994), (27)Dai et al. (2010), (28)Jenness et al. (2002)
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Name α(deg) δ(deg) F7mm(VLA) F7.8mm(GBT) F8.6mm(GBT) F9.6mm(GBT) F1cm(VLA) F1.08cm(GBT)
mJy mJy mJy mJy mJy mJy
AB Aur 73.9410 30.5512 - 0.601 ± 0.162 0.455 ± 0.104 0.393 ± 0.098 - 0.376 ± 0.082-
CI Tau 68.4667 22.8417 - - 0.177 ± 0.095 0.221 ± 0.064 - 0.156 ± 0.079
CQ Tau 83.9936 24.7484 - - - - 0.57 ± 0.114 -
CW Tau 63.5708 28.1827 - 0.266 ± 0.145 0.032 ± 0.096 <0.126 ± 0.085 - <0.246 ± 0.076
CY Tau 64.3905 28.3464 1.21 ± 0.242 - 0.453 ± 0.115 0.167 ± 0.123 - <0.049 ± 0.113
DG Tau 66.7696 26.1045 - - - - 3.21 ± 0.642 -
DL Tau 68.4128 25.3439 - - 0.48 ± 0.16 0.40 ± 0.15 0.63 ± 0.13 0.31 ± 0.14
DM Tau 68.4530 18.1694 0.49 ± 0.098 - 0.162 ± 0.134 0.136 ± 0.129 - 0.058 ± 0.112
DN Tau 68.8640 24.2497 1.08 ± 0.216 - - - - -
DO Tau 69.6191 26.1804 - - 1.053 ± 0.115 0.819 ± 0.118 1.04 ± 0.208 0.517 ± 0.108
DR Tau 71.7759 16.9786 1.26 ± 0.252 0.622 ± 0.262 0.733 ± 0.188 0.683 ± 0.151 - 0.532 ± 0.129
FT Tau 65.9133 24.9373 - 1.266 ± 0.233 0.800 ± 0.179 0.593 ± 0.172 0.73 ± 0.146 0.480 ± 0.148
GG Tau 68.1265 17.5279 - 1.003 ± 0.178 1.088 ± 0.119 1.064 ± 0.085 - 1.034 ± 0.061
GM Aur 73.7958 30.3665 - - 0.407 ± 0.101 0.343 ± 0.063 0.34 ± 0.068 0.266 ± 0.083
Haro 6-13 68.0642 24.4833 - - - - 1.62 ± 0.324 -
HL Tau 67.9101 18.2327 - - - - 2.06 ± 0.412 -
LkCa 15 69.8241 22.3510 - 0.498 ± 0.09 0.331 ± 0.074 0.244 ± 0.048 - 0.220 ± 0.044
MWC 480 74.6928 29.8436 - - - - 1.340 ± 0.268 -
RY Tau 65.4891 28.4432 - - - - 1.570 ± 0.314 -
T Tau N 65.4976 19.5351 - 11.947 ± 0.210 12.992 ± 0.123 13.261 ± 0.108 - 13.201 ± 0.110
UX Tau A 67.5166 18.2304 0.990 ± 0.198 - - - - -
UZ Tau E 68.1793 25.8753 - - - - 0.690 ± 0.138
Wa Oph 6 252.1902 -14.2766 - 1.478 ± 0.370 2.774 ± 0.440 1.274 ± 0.233 - 1.106 ± 0.199
Table 5.2: New fluxes from GBT or VLA.
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5.4 Measurement of dust grains from observational data:
theory and methods
For the last two decades, since mm and cm fluxes became available for more and more stars,
it has been possible to investigate the emission from the outer part of protoplanetary discs
and also to infer the dust grain size, on the basis that the dust emission is in Rayleigh-Jeans
approximation and that the dust opacity is a power law of the frequency. Section 5.4.1
will explain which information about dust grain size can be inferred from the SED and
how to derive it. However, these measurements can easily be biassed due to the presence
of free-free emission which stems from expanding wind, typically of T Tauri stars, and
which affects the dust emission considerably even at 7mm (Rodmann et al., 2006; Ubach
et al., 2012), and to a smaller extent at 3mm (Mannings & Sargent, 1997). Section 5.4.2
will explain how to address the issue of contaminations by wind emission in order to derive
the corrected fluxes. The purpose of this and the following Sections, 5.5, 5.6 and 5.7, is
not only the determination of dust size, but also a comparison and a contrast with similar
procedures used by other authors.
5.4.1 Slope of the SED
The measurement of the slope of the SED in the mm range is crucial in the determination
of dust grain size. In absence of scattering and of other emitting sources, the luminosity
emitted by dust grains is given by the Planck function at the dust temperature, assumed
to be constant, integrated over the entire optical depth τν :
Iν =
∫ τν
0
Bν(Td)e
(x−τν)dx (5.4)
where τν is defined as:
τν =
∫ s
0
κabsν ρds (5.5)
When the medium is optically thin (τ < 1), the factor e(x−τν) can be expanded in Taylor’s
series and Eq. 5.4 becomes:
Iν ≈ τνBν(Td) (5.6)
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where Bν(Td) is:
Bν(Td) =
2hν3
c2
1
e
hν
kBTd − 1
(5.7)
Using the definition of τν in Eq. 5.5, the measured dust flux is given, in the optically
thin case, by Eq. 5.6 integrated over the entire disc volume and divided by the distance
squared:
Fν =
κabsν
d2
∫
disc
ρdustBν(Td)dV =⇒ Fν =
κabsν
d2
Mdust < Bν(Td) > (5.8)
where Mdust =
∫
ρdustdV and < Bν(Td) > is the mean Planck function over the entire
disc volume, defined as:
< Bν(Td) >=
∫
disc ρdust(r, z)Bν(Td(r, z))dV∫
disc ρdust(r, z)dV
(5.9)
Since dust is cold, having T < 50K, the emission is mainly in the far infrared and sub-
mm region of the spectrum. Under these conditions, as hν/KBT ≪ 1, the exponential
in Eq. 5.7 can be expanded in Taylor’s series and the Planck function written in the
Rayleigh-Jeans approximation:
Bν(Td) =
2KBTd
c2
ν2 (5.10)
hence the flux will be:
Fν =
κabsν
d2
Mdust
2KBν
2
c2
< Td > (5.11)
where the mean temperature is defined is a similar way to Eq. 5.9:
< Td >=
∫
disc ρdust(r, z)Td(r, z)dV∫
disc ρdust(r, z)dV
(5.12)
In a log-log plot the relation between frequency and flux, defined by Eq. 5.8, becomes
linear:
logFν = log κ
abs
ν + log < Bν(Td) > +const (5.13)
and the gradient α of the straight line in the log-log plot will be:
α =⇒
∂logFν
∂log ν
=
∂log κabsν
∂log ν
+
∂log < Bν(Td) >
∂log ν
(5.14)
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In the far-infrared range the dust opacity κν ∝ ν
β (Beckwith et al., 1990; Draine,
2006), β being the opacity spectral index. Further, if the Rayleigh-Jeans approximation
is applicable, Bν(Td) ∼ ν
2, and Eq. 5.11 implies that F ∼ νβ+2. Under these conditions,
the gradient of the straight line will be α = β + 2.
From an observational perspective, α can be measured from the SED applying the
definition of gradient of a straight line, after choosing two wavelengths λ1 and λ2:
αλ1,λ2 = −
∆logFν
∆log λ
= −
logFν1 − logFν2
log λ1 − log λ2
(5.15)
while β can be derived accordingly:
β = α− 2 (5.16)
Equations 5.15 and 5.16 are used in this work to derive α and β presented in the next
Section, where λ1 = 1.3mm and λ2 = 7mm or 1 cm depending on the available data. The
dust opacity index β, in particular, is the parameter which provides indication of dust
growth. Since the emission is maximised when the grain size is similar to the incident
wavelength, i.e. when the size parameter X ∼ 1, the flux at mm wavelengths will be
higher in case of dust growth to mm size particles. Consequently, the gradient α will be
shallower and β will be smaller. The value of α has been estimated to be between 3 and 4
in the interstellar medium (Goldsmith et al., 1997; Friesen et al., 2005; Hunter, 1998), but
only between 2 and 3 in protoplanetary discs (Beckwith & Sargent, 1991), which means
that β is smaller than one in the latter case. According to Draine (2006), 0 < β ≤ 1 implies
amax ≥ 3mm in the size distribution power law in Eq. 5.3. However, small values of β may
also be due to different structure and composition of grains in protoplanetary discs with
respect to the interstellar medium (Draine, 2006), or if assuming the same composition,
may imply that the emission comes from an optically thick region described by a perfect
black body (Beckwith & Sargent, 1991; Natta & Testi, 2004). Nevertheless, Ricci et al.
(2012) has investigated how much the optically thick regions can impact on the value of
β and concluded that their importance is negligible, which implies that small values of β
are therefore a good indication of grain growth in discs.
Fluxes emitted in the millimeter region come from very cold regions, where T can be as
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low as 30K (Thi et al., 2001; Woitke et al., 2016). At that temperature the ratio hν/KBT =
0.3 at 1.3mm, and the emission is thus in the Rayleigh-Jeans approximation. The flux,
however, might be affected by wind emission, as it will be explained in Section 5.4.2,
especially beyond 3-7mm. Its contribution needs therefore to be taken into account and
subtracted.
5.4.2 Wind and correction for free-free emission
As seen in the previous Chapter, wind is an important component in CTTS, and also
a plausible cause of the observed infrared variations. However, when measuring dust
emission, in order to infer dust grain sizes, the wind emission component needs to be
removed. In Section 1.3.3 it was explained that wind emits mainly free-free, especially in
the infrared and millimeter range, and only partially bound-free emission. The spectrum
is continuum, but mainly detectable from the mm region to the radio, because at shorter
wavelengths the wind is too faint to be seen compared to the prevailing disc emission.
In the determination of dust growth, where the behaviour of the SED in the sub-mm
and mm range is crucial to infer the size of dust grains, the contribution of wind may
become substantial and for this reason needs to be removed. The wind emission has
been modelled by several authors, especially between the late 1960s and 1980s. Mezger
& Henderson (1967) described the behaviour of an optically thin wind in HII galactic
regions having constant electron density, and found that the flux is proportional to ν−0.1.
Panagia & Felli (1975) modelled instead the wind emitted by a star undergoing mass
loss and where the geometry of the system consists of a spherical envelope with electron
density ≈ r−2. The flux in this case is proportional to ν0.6. Lamers & Waters (1984a,b)
improved previous models by taking into account the effects of electron scattering, bound-
free emission and isothermal wind, whose temperature can be higher or lower than the
photospheric temperature.
Since there is lack of observations in the cm range for most of the stars in the current
sample, it was decided to use fluxes from the literature at 3.6 cm in order to measure an
average contribution at that wavelength, and to extrapolate the contribution at shorter
wavelengths. The average flux reduction was computed by applying either the two above
mentioned power laws.
The free-free contribution varies considerably from one star to another, being only
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31% in UZ Tau E at 1 cm, but 82% in AB Aur or even 93% in T Cha, as shown in
Table 5.3. It should be noted, however, that flux errors are also considerably large in some
cases. The average contribution of free-free emission at 7mm and 1 cm was computed
by applying the theoretical correction at 3.6 cm on the following stars and taking their
weighted average: AB Aur, DG Tau, HL Tau, RY Tau, UZ Tau E. T Cha was not included
in the determination of the average correction at 1 cm, because its flux is available only at
1.5 cm. It was not used at 7mm either, because the subtraction of wind contribution did
not remove completely the break in the slope of the SED, hence it was not considered to
be suitable to compute the average correction.
star % f-f % err star % f-f % err
at 7mm at 1 cm
AB Aur 77.83 17.79 AB Aur 82.15 17.92
DG Tau 20.34 1.42 DG Tau 34.81 6.96
HL Tau 30.95 2.71 HL Tau 59.67 11.93
RY Tau 27.88 2.72 RY Tau 42.58 8.52
UZ Tau E 14.52 2.21 UZ Tau E 31.26 6.25
Table 5.3: Stars used to compute the average wind correction at 7mm and 1 cm, and their
respective free-free components with errors.
The free-free emission was estimated to be 40%±4% of the initial observed flux at 1 cm
and 22%±1% at 7mm. This means that the final dust emission, corrected for free-free,
was 60% and 78% of the initial oberved flux, respectively:
Fdust,w.corr. = Fobserved − Ffree−free (5.17)
Which in turn becomes, at 1 cm and 7mm respectively:
Fdust,w.corr. = Fobserved − 40%Fobserved =⇒ Fdust,w.corr. = 60%Fobserved
Fdust,w.corr. = Fobserved − 22%Fobserved =⇒ Fdust,w.corr. = 78%Fobserved (5.18)
The wind correction was applied only when the slope of the SED showed a break,
within the errors, either at 3mm or 7mm. When α1.3−3mm was consistent with α3−7mm,
with α7−10.8mm and with the slope measured over the entire interval, i.e. α1.3−10.8mm, no
correction was applied. In the other cases, the choice of the wind power law to be used
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was based on the shape of the SED: when the slope in the cm regime was flat, or even
rising, the relation by Mezger & Henderson (1967) fitted the data better and was hence
preferable, otherwise the one by Panagia & Felli (1975) was used. The wind corrected
flux, in the former and latter case, was:
logFdust,w.corr. = logFobserved − (0.1 log λ+ const) (5.19)
logFdust,w.corr. = logFobserved − (−0.6 log λ+ const) (5.20)
where the terms in parentheses are the wind fluxes in the log-log relation. The constant
was determined by letting the wind flux pass through the data point at 3.6 cm, when avail-
able, or through those at 1 cm or 7mm, defined before as 40%Fobserved and 22%Fobserved
respectively. In the two cases were no cm data were available, EXLup and RYLup, a power
law was chosen that removed most accurately possible the break in the slope.
5.5 Measurement of dust grains from observational data:
results and discussion
As seen in the previous Section 5.4.2, the correction for free-free emission due to wind plays
an important role in the determination of the gradient α. Results obtained by applying
the methods previously described are in Table 5.4. It can be seen that about half of the
stars in the analysed sample show evidence of wind emission in the mm-cm region. The
Table provides for each star the wind power law used, when applicable, the partial and
total gradients, and in the last column the corrected gradient in case of wind emission.
Fig. 5.1 and Fig. 5.2 show some SEDs, with and without wind correction, while the entire
sample is available in Appendix H.
In the past, the choice of the wavelength interval used to measure α and consequently
β has often been determined by the available data, limited to the mm range in most cases,
with some exceptions in the cm range. The great advantage of the new GBT and VLA
fluxes presented in this work is that they offer insight into the cm range and consequently
allow the gradient α to be computed using a larger sample of data points. The interval
used was between 1.3mm and 7mm or 1 cm, depending on the flux availability. However,
fluxes at least at 3.6 cm are needed in order to measure pure wind emission, as done by
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Mannings & Sargent (1997) and Rodmann et al. (2006), because at this wavelength dust
is so cold that its emitted flux becomes negligible. At 1 cm, instead, which is the longest
available wavelength in the GBT data, the total flux may still be affected by dust emission.
Literature data, especially from Rodmann et al. (2006), were used to estimated the wind
correction, as previously explained.
Concerning the wavelength interval and the wind contribution, Testi et al. (2001) used
the interval 1.3mm-7mm, after subtracting the free-free emission to the flux at 7mm;
Rodmann et al. (2006) used a similar interval, 1-7mm, but as seen before took only cm
data to infer the free-free emission; while Ricci et al. (2010) and Lommen et al. (2007) used
a shorter interval, 1-3mm, where there is basically no need for wind correction. Lommen
et al. (2009), extended the measurement to 7mm for CS Cha and to 1.6 cm for RU Lup,
WW Cha, but claimed that all emission was from dust. On the contrary, Ubach et al.
(2012) took into account both 1.3-3mm and 3-7mm intervals, and in case of different
slopes within the error bars, concluded that fluxes at longer wavelengths needed to be
corrected for free-free emission. Lommen et al. (2010) also reported two measurements, at
1.3-3mm and 3-7mm, but did not apply any correction, even if they mentioned a possible
effect due to wind or cromospheric activity at 7mm in case of a break at 3mm.
Not only does the interval to measure α depend on each author’s choice, but also the
correction for free-free emission has been applied in different ways. Mannings & Sargent
(1997) used the relation by Panagia & Felli (1975) at 3.6 cm fluxes and extrapolated the
amount of free-free emission at 2.7mm, subtracting it from its measured flux. Testi et al.
(2001) followed the same method but extrapolated and subtracted the free-free emission
at 7mm. Ubach et al. (2012) applied the relation by Panagia & Felli (1975) at 1.5 cm
instead, but then only fluxes not affected by free-free emissions were used to compute the
slope of the SED. On the contrary, Rodmann et al. (2006) did not apply a fixed power
law, but fitted the cm fluxes, assuming that fluxes at 2 cm and 3.6 cm are caused only
by free-free emission, while fluxes at 1.3 cm have 50% component from free-free emission
and 50% from thermal dust emission. The fitted line was used to extrapolate the free-free
contribution at 7mm, and using this method they found that it affects, on average, 20%
of the flux. Unlike Mannings & Sargent (1997), Lommen et al. (2007) ignored the free-free
emission at 3mm, because its low contribution to the total flux, estimated to be 5-6%,
was considered negligible. This work used data from Rodmann et al. (2006) to compute
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the wind contribution, but unlike their method, the average flux reduction was computed
by applying a fixed power law, instead of fitting the data after assuming 50% free-free
emission at 1 cm. It was preferred to reduce the assumptions and to apply the same
correction to all stars, when data above 3 cm were not available. Some stars, showing a
peculiar shape of the SED or which lacked some data, needed to be analysed case-by-case
and the correction applied to them is discussed below.
5.5.1 Wind: peculiar cases
EX Lup and RY Lup
Both EX Lup and RY Lup show a remarkable break in the slope of the SED at 3.3mm,
which could not be removed by applying the average correction of 22%±1% free-free
emission at 7mm. Since there are no data a 1.08 cm for these stars, it is difficult to
estimate what the exact correction could be. It was therefore computed the amount of
free-free emission which should be subtracted from 7mm in order to remove the break
completely, and it was found that it would be 85% and 80% respectively. However very
high compared to the average correction, this value is still plausible, because consistent
with 77%±18% observed in AB Aur. Table 5.4 and Fig. 5.2 refer to the 85% and 80%
correction.
DN Tau
DN Tau is another star, like EX Lup and RU Lup, without cm data. Fluxes are available
at 350µm, 850µm, 1.3mm and 7mm, plus an additional upper limit at 450µm. The
slopes were hence measured between 850µm and 1.3mm, 1.3mm and 7mm, and 850µm
and 7mm (they are listed in the fourth, fifth and eight column of Table 5.4 respectively).
No wind emission was detected, because the break at 1.3mm makes the slope become
steeper instead of shallower.
Haro 6-13 and MWC 480
Haro 6-13 and MWC 480 have literature data up to 2.7mm and 850µm respectively, and
VLA data at 1 cm. The lack of data at 7mm, and also at 3mm in case of MWC 480, does
not allow comparing the slopes in the four wavelength intervals listed in Table 5.4. The
following intervals were used instead: 1.3mm-2.7mm, 2.7mm-1 cm and 1.3mm-1 cm for
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Haro 6-13, and 450µm-850µm, 850µm-1 cm for MWC 480.
Interestingly, however, unlike other stars their SEDs become a straight line, in the log-
log scale, from short wavelengths, 350µm and 450µm respectively. Despite the different
values of slopes measured in the three intervals between 1.3mm and 1 cm, Haro6-13 has
basically the same slope when this is measured between 350µm and 850µm and between
350µm and 1 cm, being 2.19±0.17 and 2.18±0.03 respectively. Haro 6-13 was classified as
Class II by White & Hillenbrand (2004), but more recently as Class I/II object (Rebull
et al., 2010). The class is not supposed to affect the level of wind emission, because either
Class I and Class II have similar properties, also in terms of outflows (White & Hillenbrand,
2004). However, it still presents a large amount of infrared excess, and therefore it might
be likely that the “break” in the SED is not observed, because covered by the infrared
excess. A similar behaviour is observed in MWC 480, where the slope between 450µm
and 1 cm is identical, within the errors, to the one between 850µm and 1 cm, their values
being 2.50±0.07 and 2.58±0.08 respectively. MWC 480 is however a Herbig star, where
wind emission is less pronounced.
5.5.2 Wind: additional remarks
CQ Tau
According to Testi et al. (2001), CQ Tau needs to be corrected for free-free emission,
because of the break in the slope of the SED between 1.3-2.7mm and 2.7-7mm. Testi
et al. (2001) used the upper limit at 3.6 cm to determine the amount of free-free emission
to be subtracted from 7mm. However, as can be seen in Fig. 5.2, the new VLA flux at
1 cm shows that fluxes between 1.3mm and 1 cm can be fitted through a straight line in
the log-log plot, and that the flux at 7mm is slightly above it. Moreover, in the partial
gradients listed in Table 5.4 the SED becomes steeper and not shallower after 7mm, which
makes the presence of wind debatable. For comparison, the slopes were computed also
without the value at 7mm. In this case, the gradients at 1.3-2.7mm, 2.7mm-1 cm and
1.3mm-1 cm become 2.84±0.14, 2.64±0.15 and 2.74±0.10 respectively, i.e. they are totally
identical within the errors, which means that there is no break between 1.3mm and 1 cm.
On the basis of the new flux available at 1 cm, it can be concluded that CQ Tau does
not show wind emission and does not need any correction.
134
5.5. Measurement of dust grains from observational data: results and discussion
GG Tau and T Tau N
GG Tau and T Tau N show a nearly flat SED beyond 8mm even after correction for wind
emission, as visible in Fig. 5.1. In these two cases the slope of the SED listed in the last
column of Table 5.4 is limited to the range 1.3mm-8.6mm. However, even after applying
the correction, T Tau N still has α < 2, so it is very likely that the contribution to the
emission due to wind is much higher. In fact, by applying the relation by Panagia &
Felli (1975), Smith et al. (2003) measured a mass loss twice as large as the one previously
found by Skinner & Brown (1994). The presence of companions, both in case of GG Tau
and T Tau N, may also be cause of contamination in the measured flux, with consequent
uncertainties in the estimation of the wind emission.
HT Lup
The literature data for HT Lup are at 1.3mm, 1.4mm, 3.3mm and 7mm. The flux at
1.3mm was observed at the Swedish-ESO Submillimetre Telescope (SEST), the one at
1.4mm at the Smithsonian Astrophysical Observatory (SMA), while the last two come
from the Australia Telescope Compact Array (ATCA). Since the SEST observatory is a
single dish telescope instead of an array like SMA and ATCA, considered that the flux
at 1.3mm has a large error bar which is almost four times bigger than the error bar at
1.4mm and considered the proximity to the flux at 1.4mm, it was decided to discard it.
As can be seen in Fig. 5.2, the ATCA fluxes are perfectly fitted through a straight line,
but unlike what reported by Ubach et al. (2012) the gradient is smaller than two at either
partial intervals or over the entire span between 1.4mm and 7mm. The disc does not seem
to be in the Rayleigh-Jeans approximation, which could be caused by cold temperatures
as it will be discussed in Section 5.9.1.
Discs without fluxes at 3mm
A group of five stars, DM Tau, GG Tau, GM Aur, RY Tau and UX Tau A, do not have
fluxes at 3mm, but only at 1.3mm and 7mm. For this reason, the partial slopes at
1.3-3mm and 3-7mm could not be computed, and only α1.3−7mm is provided instead. In
these cases, the fourth and fifth column in Table 5.4 are identical are represent the slope
between 1.3mm and 7mm.
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Star wind wind α1.3−3mm α3−7mm α7−10.8mm α1.3−10.8mm α1.3−7mm α1.3−7or10.8mm
law if 1 cm n.a. wind corrected
AB Aur W -0.1 n.a. 3.02 ± 0.13 0.83 ± 1.39 2.89 ± 0.09 - 3.68 ± 0.08
CI Tau - - 3.15 ± 0.14 3.38 ± 0.24 3.90 ± 0.95 3.31 ± 0.09 - -
CQ Tau - - 2.84 ± 0.14 2.03 ± 0.17 4.25 ± 0.71 2.54 ± 0.09 - -
CW Tau - - 3.27 ± 0.12 5.37 ± 3.45 u.l. u.l. 3.27 ± 0.12 -
CY Tau - - 1.67 ± 0.18 4.10 ± 0.28 5.28 ± 1.38 2.89 ± 0.13 - -
DG Tau W 0.6 2.21 ± 0.18 2.61 ± 0.14 1.41 ± 0.59 2.41 ± 0.06 - 2.57 ± 0.06
DL Tau - - 2.70 ± 0.09 3.05 ± 0.18 2.94 ± 0.65 2.81 ± 0.06 - -
DM Tau - - 3.10 ± 0.13 3.10 ± 0.13 4.61 ± 2.22 3.13 ± 0.12 - -
DN Tau* - - 2.05 ± 0.37 2.59 ± 0.15 n.a. n.a. 2.46 ± 0.09 -
DO Tau - - 2.35 ± 0.21 2.75 ± 0.63 3.22 ± 0.42 2.50 ± 0.05 - -
DR Tau W 0.6 1.76 ± 0.36 2.95 ± 0.19 1.96 ± 0.68 2.62 ± 0.08 - 2.83 ± 0.08
EX Lup* W 0.6 2.42 ± 0.27 0.47 ± 0.22 n.a. n.a. 1.31 ± 0.12 2.49 ± 0.12
FT Tau - - 2.65 ± 0.16 2.65 ± 0.16 2.59 ± 0.60 2.62 ± 0.07 - -
GG Tau W -0.1 3.09 ± 0.07 3.09 ± 0.07 2.59 ± 0.21 3.07 ± 0.05 - 3.34 ± 0.06
GM Aur - - 3.08 ± 0.14 3.08 ± 0.14 3.15 ± 0.69 3.14 ± 0.07 - -
GQ Lup - - 1.92 ± 0.14 2.38 ± 0.25 n.a. n.a. 2.06 ± 0.11 -
Haro 6-13* - - 1.88 ± 0.15 2.26 ± 0.15 n.a. 2.07 ± 0.11 - -
HL Tau W 0.6 3.03 ± 0.03 1.70 ± 0.15 2.44 ± 0.61 3.04 ± 0.03 - 3.13 ± 0.03
HT Lup - - 1.78 ± 0.11 1.68 ± 0.13 n.a. n.a. 1.74 ± 0.04 -
LkCa 15 W 0.6 3.03 ± 0.33 3.43 ± 0.31 1.70 ± 0.90 3.07 ± 0.08 - 3.33 ± 0.08
MWC 480* - - 2.27 ± 0.14 n.a. n.a. 2.58 ± 0.08 - -
PDS 66 - - 2.45 ± 0.17 n.a. n.a. 2.68 ± 0.07 - -
RU Lup - - 2.72 ± 0.22 2.93 ± 0.32 n.a. n.a. 2.81 ± 0.09 -
RY Lup* W 0.6 3.42 ± 0.25 1.37 ± 0.36 n.a. n.a. 2.58 ± 0.06 3.46 ± 0.06
RY Tau W 0.6 2.58 ± 0.08 2.58 ± 0.08 1.79 ± 0.62 2.54 ± 0.07 - 2.75 ± 0.07
T Cha W -0.1 3.00 ± 0.25 1.01 ± 0.21 3.02 ± 0.44 1.97 ± 0.09 - 2.18 ± 0.09
T Tau N W -0.1 n.a. 1.28 ± 0.11 0.06 ± 0.06 0.21 ± 0.05 - 1.67 ± 0.11
UX Tau A - - 2.47 ± 0.15 2.47 ± 0.15 n.a. n.a 2.47 ± 0.15 -
UZ Tau E W 0.6 2.33 ± 0.14 2.65 ± 0.16 2.75 ± 0.70 2.52 ± 0.08 - 2.65 ± 0.08
Wa Oph 6 W 0.6 2.72 ± 0.12 1.37 ± 0.17 4.12 ± 1.05 2.17 ± 0.07 - 2.36 ± 0.07
WW Cha W 0.6 2.96 ± 0.09 2.16 ± 0.07 2.45 ± 0.44 2.42 ± 0.04 - 2.48 ± 0.04
Table 5.4: Slope of the SED in different wavelength intervals without and with wi nd correction. The power law used to correct for free-free emission
is in the third column. Depending on the available data, fluxes at 3mm can be represented by fluxes at 2mm, 2.7mm, 2.8mm, 3.3mm, 3.4mm or
3.6mm. Peculiar cases are marked with an asterisk and described in Section 5.5.1.
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Figure 5.1: Plots of discs with cm data. All discs have new data, either from VLA or GBT,
except TCha. In red is highlighted the final flux, after subtracting the average correction for free-
free emission, for all discs showing wind emission. All other discs not showing wind emission are
in Appendix H. The dash-dotted line represents wind emission, the dotted line is the linear fit
through data between 1.2mm and 1 cm. 138
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Figure 5.2: Discs without cm data. In red is highlighted the final flux, after subtracting the
average correction for free-free emission, for those discs showing wind emission. All other discs not
showing wind emission are in Appendix H. The dash-dotted line represents wind emission.
5.5.3 Slope of the SED, α, after correction for wind emission
The new fluxes at 7mm-1 cm from GBT and VLA have allowed the measurement of the
SED slope α to be better constrained, from which the dust opacity index β related to the
dust grain size can be inferred. Although these new fluxes could not be used to determine
the amount of wind emission, and fluxes at longer wavelengths from the literature were
utilised (Rodmann et al., 2006), they helped either to explore the behaviour of the SED
in regions of the electromagnetic spectrum never analysed before (e.g. DM Tau, DN Tau,
DR Tau, Haro 6-13 and others) or to clarify the nature of the emission at 7mm as in case
of CQTau.
Eleven out of 29 stars in the sample were studied also by Ricci et al. (2010), but they
limited the analysis to 1.3-3mm in order to avoid wind correction. With the only exception
of CY Tau, DN Tau and UZ Tau E, all other values of α in this work are higher than in
Ricci et al. (2010), i.e. gradients are steeper. The main reason might be due to the fact
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that they interpolated the observational data with a two layer model of flared disc, and
did not measure just the linear fit. Moreover, literature fluxes, especially at 1.3mm, come
from different sources. However, they do not provide errorbars, therefore it is not possible
to estimate within what extent the current results and theirs differ.
On the contrary, despite the larger wavelength span used (1.3mm-1 cm instead of
1.3mm-7mm) the results achieved in this work are in agreement, within the errors, with
Rodmann et al. (2006), especially when no wind correction was applied. When the correc-
tion was applied, the current gradients were generally steeper, but this is due to the choice
of using a fixed wind correction instead of an average, as already explained in Section 5.4.2.
Ubach et al. (2012) measured the gradient in two intervals, 1.3-3mm and 3-7mm.
There is good agreement with their results in the 3-7mm interval, but less in the 1.3-
3mm. In this latter case not only were values discordant but also it was not possible to
reproduce their results, probably because of a different method to compute the linear fit.
Values in the 1.3-3mm interval tend to be steeper than in Lommen et al. (2007),
too, while there is better agreement with Lommen et al. (2009), where the wavelength
range was extended to 1.6 cm. The good correspondence is especially in the gradient of
WW Cha, despite the different opinion about wind emission. Conversely, this work found a
steeper slope for RU Lup, but it might be due to the different wavelength span considered:
1.3mm-1.08 cm with respect to 450µm-7.3mm in Lommen et al. (2009).
If on one hand the measurement of the SED slope in the mm range is an effective
method to infer grain sizes, on the other one the comparison of current results with the
literature has highlighted two major causes of uncertainties:
1. the choice as to whether applying the wind correction and, in case, the kind of
correction to be used;
2. the choice of the wavelength range to compute the slope α.
Regarding the latter item, a better agreement among different authors was achieved
when a larger wavelength range was used, very likely because there are more data points to
constrain the linear fit and consequently noise fluctuations are reduced. Concerning wind,
instead, there seem not to be a unique method to apply the correction, due often to lack
of data in the cm range. Future measurements above 3 cm will be essential to disentangle
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dubious cases. It should be borne in mind, however, that the wind emission can show
variations to 20-40% (Ubach et al., 2012), and a proper correction would be possible only
if simultaneous mm and cm fluxes were available (Testi et al., 2014).
5.5.4 Slopes versus fluxes
Figure 5.3: α1.3−7mm (red) or α1.3−10mm (blue) versus log flux at 7mm/1 cm (left) or at 1.3mm
(right). The dash-dotted line represents the value of α for grains in the interstellar medium.
The slope of the SED α in the millimeter range depends on the flux emitted at those
wavelengths. In order to see if there is a specific correlation between these two quantities,
Fig. 5.3 presents the slope α versus flux F for the entire sample: α is computed in the
interval 1.3mm-7mm/1 cm, while flux is either at 7mm/1 cm (left) or at 1.3mm (right).
In the past, these two quantities were plotted using α1.3−3mm and F1.3mm (Ricci et al.,
2010; Testi et al., 2014), hence adopting a smaller interval for the slope of the SED and
choosing the flux at the shorter wavelength of the interval. For this reason Fig. 5.3 is not
directly comparable with the previous ones.
Nevertheless, it is remarkable that the left figure, where F = F7mm/1cm, has the same
pattern predicted by models (Testi et al., 2001; Birnstiel et al., 2010), where larger fluxes
are expected to have shallower slopes and lower fluxes have steeper slopes instead. This
trend is not observed either in the right figure, where F = F1.3mm, or in the aforementioned
works (Ricci et al., 2010; Testi et al., 2014), where there is a more uniform distribution
of fluxes for each α value. The presence of discs having low fluxes and shallow slopes,
as observed in the right hand side plot, is not easily described by models, and has been
explained as the effect of radial drift (Testi et al. (2014) and references therein). When
slope versus flux is plotted at 7mm/1 cm, instead, there seems to be no need to invoke
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the radial drift, and the observed pattern could be interpreted as a sign that dust has
grown to cm size grains. Concerning the right hand side figure, it may also be likely that
the medium is still partially optically thick at 1.3mm, with the consequence that the flux
emitted by dust particles saturates and is not entirely detected. The effect would be more
pronounced at lower value of α, near the black body emission regime, making the figure
deviate from the pattern observed instead on the left hand side plot.
In conclusion, assuming α < 3 as an indication of dust particles larger than 1mm
(Natta et al., 1999, 2007), the present results show that for more than half of the discs
α <3, which implies β < 1 on the basis of Eq. 5.16. However, as explained in the following
Section, optical depth effects may increase the value of α, and consequently of β, making
discs appear artificially populated with smaller grains.
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5.6 Beckwith’s model and optical depth effects:
introducing the Delta correction
The value of β in Eq. 5.16 is strictly valid when the medium is optically thin, which happens
when the particle density is low or when the incident wavelength is large compared to dust
grains. In case of micron size particles, the emission in the mm range will be therefore
optically thin. However, as seen before, dust particles in discs may be larger due to dust
growth processes, and consequently the medium might still be partially optically thick even
at mm wavelength. Since the opacity index β tends to be smaller not only when grains
are bigger, but also when the medium is optically thick, the contribution of optically thick
emission needs to be taken into account in order to measure its proper value and to infer
the correct amount of dust growth.
The Delta correction (∆), introduced by Beckwith et al. (1990), takes into account
the contribution to the flux from optically thick regions in the disc. Most of the time it
is a small correction, which can be ignored without introducing much difference in the
final calculations, but in some cases it may become relevant and therefore needs to be
considered in order to have a more precise value of β. Beckwith et al. (1990) computed
values between 0.2 and 0.5, at 1.3mm, for most of the stars in their sample, with some
exceptions above 1, whereas Rodmann et al. (2006) and Ubach et al. (2012) determined
an average value ∆ = 0.2, at 1.3 and 3.3mm respectively. The way in which ∆ modifies
the value of the slope of the SED α is the following:
α = 2 +
β
1 + ∆
(5.21)
After rearranging Eq. 5.21, the dust opacity index β, defined in Eq. 5.16, will be multiplied
by a factor (1+∆):
β = (α− 2)(1 + ∆) (5.22)
The goal of this section is to estimate ∆ for each disc in the sample, in order to provide
the most reliable values possible for α and β.
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5.6.1 Delta correction
In Beckwith et al. (1990), the disc is axisymmetric and is modelled as a sum of annuli at
different luminosity:
Lν = 4picosθ
∫ Rd
r0
νBν(T )(1− e
−τν )2pirdr (5.23)
where θ is the disc inclination, τν = κνΣ(r)/cosθ is the optical depth, r0 and Rd are the
inner and outer disc radius respectively.
Unlike in subsequent models (Chiang & Goldreich, 1997; Dullemond et al., 2001), the
disc is flat and presents a single layer, where temperature and surface density decrease
from the star outwards according to a power law relation:
T (r) = T0
(
r
r0
)−q
(5.24)
Σ(r) = Σ0
(
r
r0
)−p
(5.25)
In the Rayleigh-Jeans approximation, the luminosity is given by Eq.(13) in Beckwith
et al. (1990):
Lν = 16pi
2cosθ
(
κν3
c2
)∫ Rd
r0
T (r)(1− e−τν )rdr ≈
16pi2cosθ
(
κν3
c2
)
T0r
q
0
∫ Rd
r0
r1−q(1− e−τ0(r0/r)
p
)dr (5.26)
The luminosity can be written as the sum of two parts, one where the disc is optically
thin (τ ≪ 1), and one where is optically thick (τ ≫ 1). Keeping in mind that (1−e−τν ) ≈ 1
in the former case and (1− e−τν ) ≈ τν in the latter, Eq. 5.26 becomes:
Lν = 16pi
2cosθ
(
κν3
c2
)
T0r
q
0x
(∫ r1
r0
r1−qdr +
∫ Rd
r1
r1−p−qdr
)
(5.27)
After solving the integrals and collecting the common factors:
L = 16pi2cosθ
(
κν3
c2
)
T (r1)r
2
1
(Rd/r1)
2−p−q − 1
2− p− q
(1 + ∆) (5.28)
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where r1 is the transition radius between the optically thick and thin region:
r1 =
(
κνΣ0
cosθ
)1/p
r0 (5.29)
According to Eq. (20) in Beckwith et al. (1990), ∆ depends on 5 parameters: r0, Rd,
r1 and the exponents p and q of surface density and temperature relations. ∆ is defined
as follows:
∆ =
1
τ0r
p
0
2− p− q
2− q
r2−q1 − r
2−q
0
R2−p−qd − r
2−p−q
1
(5.30)
where τ0r
p
0 = r
p
1. In case Rd/r0 ≫ 1, r1 can be approximated to
r1 ≈
[
(2− p)
2
]1/p
τ¯1/pRd (5.31)
where the average disc opacity is
τ¯ =
κabsν Md
cos(θ)piR2d
(5.32)
and Md is the disc mass.
5.6.2 Analysis of Delta in the parameter space
The ∆ correction was analysed in the parameter space, in order to see under which con-
ditions it becomes relevant, i.e. when its contribution adds more than 50% to the non-
corrected β, which in turn means when ∆ ≥ 0.5. Since there are eight parameters all
together (r0, r1, Rd, p, q,Md, κν , τ¯), but τ¯ and r1 depend on three of them, the analysis
was performed by fixing some parameters and varying the remaining ones. This method
allowed the number of variables to be reduced and a 3D surface plot of ∆, as a function of
two other disc parameters, to be drawn. Two cases were considered: in the first one (case
I) r0, p, q and θ were fixed, while Mdisc and Rd were variable; in the second case (case II)
r0, q, Rd and θ were fixed, while p and Mdisc were variable, as summarised in Table 5.5.
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CASE I CASE II
r0 = 0.1AU r0 = 0.1AU
Fixed p=1 Rd=100AU
q=0.56 q=0.56
Variable Mdisc=[0.002-0.095]M⊙ Mdisc=[0.002-0.095]M⊙
Rd=[100-400]AU p=[0.5-1.5]
Table 5.5: Fixed and variables parameters in the two cases used to determine the ∆ correction.
The angle θ is fixed for either case, but can be chosen to taste. r1 and τ depend on the other
parameters according to Eq. 5.31 and 5.32.
Each case was analysed at four different wavelengths: 1.3mm, 3mm, 7mm and 1 cm;
and the corresponding dust opacities adopted in the ∆ computation are listed in Table 5.6:
λ(mm) 1.3 3 7 10
κλ(cm2g−1) 0.038 0.015 0.005 0.003
Table 5.6: Values of κλ for each wavelength used in the ∆ computation.
5.6.3 Choice of parameter range
In either case I and II, the inner radius r0, the temperature profile exponent q and the
inclination angle θ were fixed. The inner radius was chosen at 0.1AU, but its value does
not affect much the result of Eq. 5.30. The temperature profile in the disc is assumed to
be a power law in Beckwith et al. (1990) and is described through the temperature profile
exponent q. This parameter can be derived from the slope of the SED at λ ≤ 100µm,
where the medium has still a high opacity and the emission is well defined by blackbody
radiation. The temperature profile exponent was computed for a number of stars using the
relation q = 2/(4− αIR), with spectral index αIR measured at wavelengths below 100µm
(Beckwith et al., 1990). In this study, fluxes at 24µm and 70µm from Spitzer/MIPS were
used, and q was found to lie between 0.45 (CWTau) and 0.72 (GMAur), being around
0.55 in most of the cases. It was eventually taken an average value of q = 0.56. The
inclination angle can vary from θ = 0◦ for a face-on disc to θ = 60◦, which is the mean
expected value for randomly inclined discs.The code was run for four different values of θ:
0, 30, 45, 60 degrees. Variable parameters were allowed to span a range of 20 to 60 values.
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These include the outer radius Rd, the surface density profile exponent p and the disc
mass Md, whereas r1 and τ¯ depend on the previous ones according to Eq. 5.31 and 5.32.
Following the most commonly accepted values, the outer radius was varied from 100AU to
400AU, p between 0.5 and 1.5 and Md between 0.002 and 0.1M⊙ (Beckwith et al., 1990;
Dullemond et al., 2001; Ricci et al., 2010; Woitke et al., 2016). The mass range covers an
interval between 1/10 to 5 times the Mininum Mass Solar Nebula (MMSN), which is the
minimum mass and composition necessary to form the eight planets in the Solar System
and the asteroid belt, and whose value is 0.013M⊙ (Weidenschilling, 1977b). Regarding
the density profile index p, higher values describe discs whose mass is mainly concentrated
toward the centre, while lower values depict a smoother decline in surface density. p = 1.5
has been applied for example to the MMSN (Desch, 2007), while p = 1 is more often
used for discs where there is a smoother decline in density (e.g. Meeus et al., 2010). The
dust opacity cross section is wavelength dependent, so for this reason both cases where
repeated four times, with four different κν values, computed by (Woitke et al., 2016):
κν = 0.038cm
2g−1 at λ = 1.3mm, κν = 0.015cm
2g−1 at λ = 3.3mm, κν = 0.005cm
2g−1
at λ = 7mm and κν = 0.002cm
2g−1 at λ = 1 cm.
Results for case I and II are shown in Figs. 5.4 and 5.5 respectively, and values of ∆
at 7mm only are listed in Tables 5.8 and 5.10. The meaning of these results and how ∆
changes in relation to the other parameters is discussed in Section 5.6.4.
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5.6.4 Delta correction: results and discussion
CASE I CASE II
θ = 0◦ θ = 60◦ θ = 0◦ θ = 60◦
1.3mm 0.05 - 0.09 0.02-23.34 0.0 - 1.02 0.0-13.06
1 cm 0.0 - 0.09 0.001-0.14 0.0 - 0.27 0.0-0.33
Table 5.7: Minimum and maximum ∆ values at the shortest (1.3mm) and longest (1 cm) wave-
length, for discs at θ = 0◦ and θ = 60◦ inclination.
The ∆ correction depends on several disc parameters and also on the dust opacity.
Beckwith et al. (1990) determined its value for a number of discs, showing that it is
generally smaller than one and most of the times than 0.5. Since it is a small correction
and because disc parameters are often unknown, some authors preferred to use an average
value based on the most likely values of optical depths, inclination, disc masses and sizes
(Rodmann et al., 2006; Lommen et al., 2007, 2010; Ubach et al., 2012).
Nevertheless, despite its small magnitude, this work has wanted to analyse the weight
each parameter has in the determination of the ∆ correction, in order to see under which
conditions an average value is acceptable and how much ∆ can deviate from that. An
overview is provided in Table 5.7, which summarises the minimum and maximum value
that ∆ can assume, in case I and II, for inclination θ = 0◦ and θ = 60◦, at short and
long wavelengths. It confirms that is has a small magnitude, but at the same time it gives
immediate evidence of the role played by inclination and wavelength, which can make ∆
become non negligible. A deeper and case-by-case analysis is discussed in the next two
subsections.
Results for case I
In case I, the variable disc parameters were the disc mass, the outer radius, the optical
depth and, strictly related to it, the transition radius between optically thick and thin
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regions. The surface plots depicted in Fig. 5.4 show how ∆ varies as a function of the
outer radius and optical depth, at four different wavelengths and inclination θ = 60◦,
while some numerical values for λ = 7mm are listed in Table 5.8. In all cases ∆ increases
when there are more compact discs, i.e. small Rd, and high optical depth τ , but becomes
significantly greater than one only at 1.3mm.
Table 5.9 highlights the value of disc parameters, for each wavelength and inclination,
which make the optical depth effects contribute to more than 50% to the dust opacity
index β, i.e. when ∆ becomes greater or equal 0.5. At 1.3mm, for all inclinations, the
medium is optically thick, especially when there are massive and compact discs. On the
other hand, at 7mm and 1 cm the medium is essentially optically thin for inclinations.
At 3mm there are still some optical depth effects, also at lower inclinations, but only for
small and more massive discs.
Figure 5.4: ∆ correction as a function of Rd and τ . The density profile exponent is p=1,
inclination θ = 60◦ and the temperature profile exponent q=0.56.
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∆ τ MdustM⊙ r1 (AU) Rd (AU)
0.019 0.000 0.002 0.273 105
0.043 0.001 0.007 0.943 105
0.057 0.002 0.012 1.608 105
0.069 0.003 0.017 2.278 105
0.080 0.004 0.022 2.948 105
0.090 0.005 0.026 3.618 105
0.099 0.006 0.031 4.288 105
0.108 0.007 0.036 4.958 105
0.117 0.007 0.041 5.628 105
0.125 0.008 0.046 6.298 105
0.133 0.009 0.051 6.968 105
0.141 0.010 0.056 7.638 105
0.149 0.011 0.061 8.308 105
0.157 0.012 0.066 8.978 105
...
...
...
...
...
∆ τ MdustM⊙ r1 (AU) Rd (AU)
...
...
...
...
...
0.024 0.006 0.031 1.126 400
0.026 0.007 0.036 1.301 400
0.028 0.007 0.041 1.477 400
0.030 0.008 0.046 1.653 400
0.031 0.009 0.051 1.829 400
0.033 0.010 0.056 2.005 400
0.034 0.011 0.061 2.181 400
0.036 0.012 0.066 2.357 400
0.037 0.013 0.071 2.533 400
0.038 0.014 0.075 2.708 400
0.039 0.014 0.080 2.884 400
0.041 0.015 0.085 3.060 400
0.042 0.016 0.090 3.236 400
0.043 0.017 0.095 3.412 400
Table 5.8: Illustrative ∆ values, in ascending order for each Rd, at 7mm for θ = 60
◦, p = 1.
θ = 0◦ θ = 30◦ θ = 45◦ θ = 60◦
τ = 0.69 τ = 0.68 τ = 0.68 τ = 0.68
1.3mm M = 0.071 M = 0.085 M = 0.075 M = 0.08
r1=36.2 r1=42.4 r1=44.2 r1=54.0
Rd=105 Rd=125 Rd=130 Rd=160
n.a. n.a. n.a. τ = 0.69
3mm n.a. n.a. n.a. M = 0.08
n.a. n.a. n.a. r1=34.3
n.a. n.a. n.a. Rd=100
7mm n.a. n.a. n.a. n.a.
1 cm n.a. n.a. n.a. n.a.
Table 5.9: Values of optical depth τ , dust mass M (in M⊙), transition radius r1 and outer radius
Rd (in AU), for different values of disc inclination and wavelength, when ∆ ≥ 0.5. The density
power law index is p = 1 in all cases. When ∆ < 0.5 no values are reported.
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Results for case II
In case II, the variable disc parameters were the disc mass, the density profile exponent,
the optical depth and the transition radius. Unlike case I, now the disc size is constant,
while the density profile is variable. Plots for θ = 60◦ and numerical values for θ = 60◦ at
λ = 7mm are in Fig. 5.5 and Table 5.10 respectively.
∆ has again higher figures at shorter wavelengths, but its maximum values are sys-
tematically greater than in case I at each wavelength. The major role is played here by
the density profile exponent p, which makes ∆ increase by a factor of 100 when changing
from 0.5 to 1.5. Some authors used p = 1.5 in their disc models (Beckwith et al., 1990;
Ricci et al., 2010; Rodmann et al., 2006), others chose p = 1 (e.g. Meeus et al., 2010).
The weight of p on the value of ∆ seems to be even more predominant than inclination
or wavelength, as it can be seen in Table 5.11: higher values of p make the medium be
optically thick even at θ = 30◦ for λ = 3mm. However, if larger discs are considered,
e.g. having Rd =200AU, but all other parameters are left unchanged, ∆ drops from 0.68
to 0.37, and remains always below 0.5. Nevertheless, when inclination changes between
θ = 0◦ and θ = 60◦, ∆ increases only from 0.47 to 0.68 for Rd = 100AU and from 0.30
to 0.37 for Rd=200AU, while changes of p imply modifications of ∆ up to two orders of
magnitudes. It can be concluded that, among all parameters, the ∆ correction is highly
dependent on the choice of the density profile exponent p.
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Figure 5.5: ∆ correction as a function of p and τ . The outer radius is Rd=100AU, inclination
θ = 60◦ and the temperature profile exponent q=0.56.
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∆ τ MdiscM⊙ p r1 (AU)
0.000 0.048 0.017 0.500 0.129
0.001 0.062 0.022 0.500 0.216
0.002 0.076 0.026 0.500 0.325
0.004 0.090 0.031 0.500 0.456
0.005 0.104 0.036 0.500 0.610
0.007 0.118 0.041 0.500 0.786
0.008 0.132 0.046 0.500 0.984
0.010 0.146 0.051 0.500 1.204
0.012 0.160 0.056 0.500 1.447
0.014 0.174 0.061 0.500 1.712
0.017 0.189 0.066 0.500 1.999
0.019 0.203 0.071 0.500 2.309
0.022 0.217 0.075 0.500 2.641
0.025 0.231 0.080 0.500 2.995
...
...
...
...
...
∆ τ MdiscM⊙ p r1 (AU)
...
...
...
...
...
0.290 0.090 0.031 1.483 7.923
0.301 0.104 0.036 1.483 8.737
0.311 0.118 0.041 1.483 9.517
0.321 0.132 0.046 1.483 10.266
0.331 0.146 0.051 1.483 10.990
0.340 0.160 0.056 1.483 11.692
0.349 0.174 0.061 1.483 12.374
0.357 0.189 0.066 1.483 13.038
0.365 0.203 0.071 1.483 13.687
0.374 0.217 0.075 1.483 14.320
0.382 0.231 0.080 1.483 14.941
0.389 0.245 0.085 1.483 15.549
0.397 0.259 0.090 1.483 16.146
0.405 0.273 0.095 1.483 16.732
Table 5.10: Illustrative ∆ values, in ascending order, at 7mm for θ = 60◦, Rd = 100AU.
θ = 0◦ θ = 30◦ θ = 45◦ θ = 60◦
τ = 0.55 τ = 0.78 τ = 0.68 τ = 0.63
1.3mm M=0.05 M = 0.051 M = 0.031 M = 0.05
p=1.3 p=0.733 p=1.0 p=1.1
r1=28.1 r1=38.0 r1=33.8 r1=32.0
n.a. τ = 0.47 τ = 0.58 τ = 0.82
3mm n.a. M = 0.095 M = 0.095 M = 0.095
n.a. p=1.47 p=1.23 p=0.62
n.a. r1=24.31 r1=29.4 r1=40.0
7mm n.a. n.a. n.a. -
1 cm n.a. n.a. n.a. n.a.
Table 5.11: Values of optical depth τ , dust mass M (in solar masses), density power law index
p and transition radius r1 (in AU), for different values of disc inclination and wavelength, when
when ∆ ≥ 0.5. The outer radius is Rd=100AU in all cases. When ∆ < 0.5 no values are reported.
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5.7 Final values of SED gradients α and opacity indices β
after applying the Delta correction
The previous analysis has shown that the ∆ correction can vary significantly according to
the disc density profile, and to a lesser extent, to wavelength, outer radius and inclination.
Even if its value is small, it plays a role in the final value of the dust opacity index β, as
seen in Eq. 5.22. Given its dependence on disc parameters, it was chosen to compute ∆ for
each single disc, when the outer radii were available in the literature, and to avoid using
an average value, as proposed by Rodmann et al. (2006); Ubach et al. (2012); Lommen
et al. (2007). Inclination was taken from the literature when available (see Chapter 3),
otherwise a mean inclination θ=45◦ was adopted. Further, following Woitke et al. (2016),
p was chosen equals to one. The only uncertain parameters were the disc mass and the
dust opacity, so an iterative method was performed, which will be now discussed.
5.7.1 Computation of ∆ from real disc parameters
In the computation of ∆, the transition radius r1 depends on the mean optical depth τ¯ν ,
which in turn is related to the disc massMd and the dust opacity κν , according to Eq. 5.31
and 5.32. The disc mass in the literature is mainly computed from the flux at 1.3mm
under the assumption of optically thin medium, using Eq. 5.8 (Beckwith et al., 1990; Thi
et al., 2001; Ubach et al., 2012), or assuming a certain value for κν and then fitting the
mm part of the SED to the model (Ricci et al., 2010). In both cases, a value of κν needs
to be used, but κν is proportional to β, as seen in Eq. 5.33, where β is the “unknown”
dust opacity index that will be derived from the measurement of the slope α and the ∆
correction. This issue was overcome by computing β, κν , Md and ∆ iteratively, using the
following procedure:
• The initial value κ1.3mm = 0.038 g cm
−1 was chosen as in Section 5.6.2;
• Md was computed from the flux at 1.3mm, using Eq.(6) in Thi et al. (2001) and the
initial κ1.3mm;
• once Md was available, τ¯ and r1 were computed using Eq. 5.32 and 5.31, where the
outer radius Rd was taken from the literature;
• ∆ was computed using Eq. 5.30;
• β was derived from Eq. 5.22;
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• a new value of κ1.3mm was computed using κ defined in Beckwith et al. (1990) and
Draine (2006):
κν = 0.1
(
ν
1012Hz
)β
cm2g−1 (5.33)
This entire process was repeated ten times, but values of ∆ and β usually did not change
after three-four iterations. The only case when β did not converge was HLTau, probably
because the flux is so high that caused ∆ to become negative. It was therefore decided to
use some parameters from recent ALMA observations (ALMA Partnership et al., 2015),
where F1.3mm = 0.744mJy instead of 0.88mJy, inclination is θ = 46
◦ instead of θ = 53◦
and Rd = 200AU instead of Rd = 140AU like from previous literature data. ∆ was still
changing significantly depending on the mass, lying in an interval between 0.14 and 0.38.
In the end it was taken the average value 0.26. Independently of the correction, β is
greater than one, in agreement with Beckwith et al. (1990) and Rodmann et al. (2006).
These values seem to be in contrast to recent values found by ALMA Partnership et al.
(2015), where β = 0.8, but at the same time measurements through polarisation signature
suggest that the maximum grain size in HLTau be 150µm (Kataoka et al., 2015a), which
in terms of β would translate into values higher than one.
5.7.2 Results and discussion
Table 5.12 presents the final gradients α, along with the Delta correction ∆ and the
corrected βcorrected determined through the method just described. It also lists the outer
radii from the literature and the values of β without correction.
Since ∆ depends on the optical depth, which is related to the dust opacity, its value is
also wavelength dependent, as shown in the previous subsection. The gradient α, however,
is computed in a wavelength interval, and depends on the flux values at both ends. The
presence of a wavelength interval instead of a single wavelength is not very relevant for
the determination of ∆ when the interval is small, for example between 1.3-3mm, but
cannot be ignored when a wider one is used. As seen before, at 1.3mm the medium is
more optically thick than at 3mm or 7mm, and the choice of either wavelength can lead
to differences in the final value of ∆ and hence of β. One of the major discrepancies in the
value of ∆ among different authors is due to the choice of the wavelength used: Beckwith
et al. (1990) computed α between 1.3-3mm and ∆ at 1.3mm, i.e. the shorter wavelength,
155
Chapter 5. Measurement of dust growth: observations and models
while Rodmann et al. (2006) chose 1.3-7mm for α but 7mm for ∆. Ubach et al. (2012)
and Lommen et al. (2007) used 1.3-3mm for α like Beckwith et al. (1990), but 3mm for
∆.
Values of ∆, and consequently βcorrected, presented in this work are on average higher
than in previous studies, although comparable within the errors, as can be seen in Ta-
ble 5.13. This discrepancy is mainly due to the choice of using ∆1.3mm instead of ∆7mm/1cm,
because it is at shorter wavelengths that the optical depth effects are more significant and
need to be corrected more. For some discs there is a fairly good agreement between
βthis−work and βROD2006. This result is due to the choice of p = 1 instead of 1.5 in the
computation of ∆, which compensates for the effect of λ = 1.3mm instead of λ = 7mm.
In practise, in this work ∆ was lowered by the smoother density profile and increased by
the shorter wavelength, while in Rodmann et al. (2006) the situation is reversed. In the
end the final ∆ is similar, although the initial conditions are different.
Table 5.14 shows, for comparison, ∆ and βcorrected in case the shorter or the longer
wavelength in the interval are used. The percentage of stars having β < 1 is 72% in both
cases, but as expected the ∆ correction, and consequently β, is higher at 1.3mm. At 7mm
∆ becomes negligible or even zero in many cases, while at 1.3mm there can be differences
of one order of magnitude, depending on the star. Independently of the final value, since
β < 1 is usually interpreted as a sign of dust growth to mm-cm sizes (Beckwith & Sargent,
1991; Natta & Testi, 2004; Draine, 2006), these results confirms that dust grains in discs
are larger than in the interstellar medium, as a consequence of ongoing dust growth.
5.7.3 A final remark on future improvements
As in case of free-free emission, this analysis has highlighted the lack of a uniform method
to take into account optical depth effects, concerning especially the choice of the wave-
length used to compute ∆. The option of an average correction, adopted by several
authors, seems to me a crude approximation which risks to bias the conclusions about
grain sizes. Ideally, ∆ should be measured for each single disc. New telescopes and instru-
ments in the next future will allow achieving more information on real disc parameters,
which in turn will provide better measurements of ∆ and β.
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Name α1.3mm−7/10mm β = α− 2 Rd ∆1.3mm βcorrected
AB Aur 3.68 ± 0.08 1.68 ± 0.08 - - -
CI Tau 3.31 ± 0.09 1.31 ± 0.09 2201 0.11 1.46 ± 0.10
CQ Tau 2.54 ± 0.09 0.54 ± 0.09 - - -
CW Tau* 3.27 ± 0.12 1.27 ± 0.12 - - -
CY Tau 2.89 ± 0.13 0.89 ± 0.13 2202 0.06 0.94 ± 0.14
DG Tau 2.57 ± 0.06 0.57 ± 0.06 1301 0.14 0.64 ± 0.07
DL Tau 2.81 ± 0.06 0.81 ± 0.06 2101 0.08 0.87 ± 0.06
DM Tau 3.13 ± 0.12 1.13 ± 0.12 2002 0.07 1.20 ± 0.13
DN Tau* 2.46 ± 0.09 0.46 ± 0.09 1302 0.11 0.51 ± 0.10
DO Tau 2.50 ± 0.05 0.50 ± 0.05 601 0.20 0.60 ± 0.06
DR Tau 2.83 ± 0.08 0.83 ± 0.08 1502 0.11 0.92 ± 0.09
EX Lup* 2.49 ± 0.12 0.49 ± 0.12 1507 0.02 0.50 ± 0.12
FT Tau 2.62 ± 0.07 0.62 ± 0.07 1701 0.08 0.67 ± 0.08
GG Tau 3.34 ± 0.06 1.34 ± 0.06 8006 0.05 1.40 ± 0.06
GM Aur 3.14 ± 0.07 1.14 ± 0.07 2001 0.10 1.26 ± 0.08
GQ Lup* 2.06 ± 0.11 0.06 ± 0.11 - - -
Haro 6-13 2.07 ± 0.11 0.07 ± 0.11 - - -
HL Tau 3.13 ± 0.03 1.13 ± 0.03 2008 0.26 1.42 ± 0.04
HT Lup* 1.74 ± 0.04 0 - - 0
LkCa 15 3.33 ± 0.08 1.33 ± 0.08 - - -
MWC 480 2.58 ± 0.08 0.58 ± 0.08 - - -
PDS 66 2.68 ± 0.07 0.68 ± 0.07 - - -
RU Lup* 2.81 ± 0.09 0.81 ± 0.09 6005 0.02 0.83 ± 0.09
RY Lup* 3.46 ± 0.06 1.46 ± 0.06 - - -
RY Tau 2.75 ± 0.07 0.75 ± 0.07 1801 0.13 0.85 ± 0.08
T Cha 2.18 ± 0.09 0.18 ± 0.09 303 0.56 0.28 ± 0.14
T Tau N 1.67 ± 0.11 0 804 0.11 0
UX Tau A* 2.47 ± 0.15 0.47 ± 0.15 - - -
UZ Tau E 2.65 ± 0.08 0.65 ± 0.08 1201 0.10 0.71 ± 0.09
Wa Oph 6 2.36 ± 0.07 0.36 ± 0.07 - - -
WW Cha 2.48 ± 0.04 0.48 ± 0.04 1205 0.17 0.56 ± 0.05
Table 5.12: Values of α, after applying the wind correction when necessary, β, and βcorr corrected
for optically thick effects. Dust masses from Beckwith et al. (1990), p = 1, θ = 30◦.
In italics: for discs having α < 2, β is taken equals to 0.
The asterisk (*) is for stars where α is between 1.3-7mm.
Radii are from: 1Rodmann et al. 2006, 2Ricci et al. 2010, 3Cieza et al. 2011, 4Ratzka 2008,
5Lommen et al. 2009, 6Dutrey et al. 1994, 7Sipos et al. 2009, 8ALMA Partnership et al. 2015. In
Ricci et al. (2010), radii are from Kitamura et al. (2002) and Andrews & Williams (2007a), but an
average was taken.
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Name αthis work β
∗
this work β
∗
BECK90 β
∗
ROD2006 β
∗
LO0709 βRicci2010 βUB2012 βALMA
1.3-7/10mm
CI Tau 3.31 ± 0.09 1.46 ± 0.10 - 1.12 ± 0.30 - 0.8 - -
CY Tau 2.89 ± 0.13 0.94 ± 0.06 - - - 0.5 - -
DG Tau 2.57 ± 0.06 0.64 ± 0.07 0.2 ± 0.4 0.54 ± 0.11 - - - -
DL Tau 2.81 ± 0.06 0.87 ± 0.06 - 0.82 ± 0.14 - 0.7 - -
DM Tau 3.13 ± 0.12 1.20 ± 0.13 - - - 1.0 - -
DN Tau 2.46 ± 0.09 0.51 ± 0.10 - - - 0.5 - -
DO Tau 2.50 ± 0.05 0.60 ± 0.06 - 0.38 ± 0.07 - 0.4 - -
DR Tau 2.83 ± 0.08 0.92 ± 0.09 - - - 1.0 - -
EX Lup 2.49 ± 0.12 0.50 ± 0.12 - - - - 0.6 -
FT Tau 2.62 ± 0.07 0.67 ± 0.08 - 0.76 ± 0.24 - - - -
GG Tau 3.34 ± 0.06 1.40 ± 0.06 1.6 ± 0.4 - - - - -
GM Aur 3.14 ± 0.07 1.26 ± 0.08 - 1.29 ± 0.20 - 1.0 - -
HL Tau 3.13 ± 0.03 1.42 ± 0.04 1.1 ± 0.2 1.04 ± 0.12 - - - 0.8
RU Lup 2.81 ± 0.09 0.83 ± 0.09 - - 0.5 ± 0.1 - - -
RY Tau 2.75 ± 0.07 0.85 ± 0.08 - 0.66 ± 0.09 - 0.5 - -
T Cha 2.18 ± 0.09 0.28 ± 0.14 - - 1.1 ± 0.6 - 1.1 -
UZ Tau E 2.65 ± 0.08 0.71 ± 0.09 - 0.66 ± 0.09 - 0.7 - -
WW Cha 2.48 ± 0.04 0.56 ± 0.05 - - 0.8 ± 0.8 - - -
Table 5.13: Comparison, for cases where βcorrected from the previous table is available, between β from this work and from the literature.
The asterisk ∗ means that β was corrected for optically thick regions, even if with different choices of ∆.
textitBECK90: Beckwith et al. (1990), ROD2006 : Rodmann et al. (2006), LO0709 : Lommen et al. (2007) or Lommen et al. (2009), Ricci2010 : Ricci
et al. (2010), UB2012 : Ubach et al. (2012), ALMA: ALMA Partnership et al. (2015).
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Name ∆1.3mm βcorrected ∆7mm/1cm βcorrected
AB Aur - - - -
CI Tau 0.11 1.46 ± 0.10 0.0 1.31 ± 0.09
CQ Tau - - - -
CW Tau* - - - -
CY Tau 0.06 0.94 ± 0.14 0.0 0.89 ± 0.13
DG Tau 0.14 0.64 ± 0.07 0.02 0.58 ± 0.06
DL Tau 0.08 0.87 ± 0.06 0.01 0.82 ± 0.06
DM Tau 0.07 1.20 ± 0.13 0.0 1.13 ± 0.12
DN Tau* 0.11 0.51 ± 0.10 0.03 0.48 ± 0.09
DO Tau 0.20 0.60 ± 0.06 0.0 0.50 ± 0.05
DR Tau 0.11 0.92 ± 0.09 0.02 0.85 ± 0.08
EX Lup* 0.02 0.50 ± 0.12 0.02 0.50 ± 0.12
FT Tau 0.08 0.67 ± 0.08 0.02 0.63 ± 0.07
GG Tau 0.05 1.40 ± 0.06 0.0 1.34 ± 0.06
GM Aur 0.10 1.26 ± 0.08 0.0 1.14 ± 0.07
GQ Lup* - - - -
Haro 6-13 - - - -
HL Tau 0.26 1.42 ± 0.04 0.0 1.31 ± 0.03
HT Tau - - - - 0
LkCa 15 - - - -
MWC 480 - - - -
PDS 66 - - - -
RU Lup* 0.02 0.83 ± 0.09 0.0 0.81 ± 0.09
RY Lup* - - - -
RY Tau 0.13 0.85 ± 0.08 0.0 0.75 ± 0.07
T Cha 0.56 0.28 ± 0.14 0.03 0.19 ± 0.09
T Tau N - - - 0
UX Tau A* - - - -
UZ Tau E 0.10 0.71 ± 0.09 0.03 0.48 ± 0.08
Wa Oph 6 - - - -
WW Cha 0.17 0.56 ± 0.05 0.0 0.48 ± 0.04
Table 5.14: Comparison between ∆, and respective β, computed at λ=1.3mm and λ=7mm/1 cm.
In both cases 76% of the stars have β < 1.
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5.8 Comparison with a radiative transfer model:
the BETAgrid
The BETAgrid is a grid of models, developed by Peter Woitke and Michiel Min, aimed to
analyse discs around T-Tauri-like stars, with the specific purpose of studying the effect of
dust opacity. It was used to check if the slope of the SED provided by the models, αSED,
is consistent with the one derived by applying the ∆ correction, αBeckwith, and also to
analyse where discs become optically thin.
In the previous section the dust spectral index β was derived from the observable
gradient of the SED α, in the mm-cm range, and the correction ∆ computed by using
known disc masses, radii and inclinations. In this section, instead, the backward process
will be followed, and α will be derived from β provided by the models, while ∆ will be
computed using theoretical values of optical depth and disc radii, also available from the
models. These values of the gradient are called αBeckwith, because they were derived
through the ∆ correction proposed by Beckwith et al. (1990), while αSED is instead the
gradient of the SED resulting from detailed radiative transfer. The purpose of this analysis,
described in Section 5.8.2, is to compare αSED with αBeckwith in order to see under which
conditions they are the same or they differ from one another.
In addition, the BETAgrid was used to analyse where discs become optically thin. In
particular, the emission at λ =1.3mm and λ =3mm were considered, because the emission
in the mm range is often used to estimate the total disc mass through the Rayleigh-Jeans
approximation and the assumption that the radiation is optically thin, as shown in Eq. 5.8.
However, in the midplane the temperature can be as low as 10K and consequently the
disequality hν/KBT ≪ 1 is no more valid. In fact, hν/KBT = 1.3 when T=10K at
1.3mm, which is clearly greater than one. The question to be addressed is hence twofold,
and will be discussed in Section 5.8.3:
1. At what radius can a disc be considered optically thin?
2. Is λ = 1.3mm a wavelength long enough to consider the radiation optically thin,
and if not what is the correction that needs to be applied?
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5.8.1 BETAgrid: the model
The BETAgrid consists of 1000 disc models, where the central star is the same for all discs
and has the typical parameters for a T Tauri: M∗ = 0.7M⊙, L∗ = 1L⊙. All discs are flared
and are made of gas and dust, where dust is a mixture of carbonaceous grains and silicates.
The flaring factor and composition are variable and model dependent. The inner radius
rin is constant for all models; the outer edge is tapered, with variable tapering-off radius,
while Rout = 4×Rtaper for all discs. Temperature changes not only along the radius, but
also in height, so it is not described by a simple power law. However, at each height above
the midplane it can be approximated with a power law. The density profile, instead, can
be described by a power law, but since the disc is tapered, there is a smoother decline
towards the outer edge than in other models, like in Beckwith et al. (1990) for example.
The dust grain distribution is defined by a power law like Eq. 5.3, where amin = 0.05µm
and amax=1mm and apow assumes five values between 3.35 and 4.05. Another important
parameter in the model is the settling factor αsettle which takes into account the dispersion
of dust above the midplane. A higher value of αsettle means that dust lies mainly on the
midplane. All parameters and the range of values are listed in Table 5.15.
Disc mass (M⊙) Md 10
−3, 3× 10−3, 10−2, 3× 10−2, 10−1
dust/gas mass ratio ρd/ρg 0.01
inner disc radius (AU) Rin 0.07
tapering radius (AU) Rtaper 25, 50, 100
outer disc radius (AU) Rout 4×Rtaper
column density NH(r) ∝ r
−f f 0.5, 0.75, 1.0, 1.25, 1.5
flaring H(r) = H0(
r
r0
)γ γ 1.04, 1.08, 1.12, 1.16, 1.2
reference radius (AU) r0 3
scale height at r0 (AU) H0 0.1, 0.14, 0.2, 0.28, 0.4
Dubrulle et al. (1995) settling α 10−1, 10−2, 10−3, 10−4, 10−5
minimum grain size (µm) amin 0.05
maximum grain size (µm) amax 1000
power law index size distribution apow 3.35, 3.5, 3.65, 3.8, 4.05
inclination i 0◦, 41.4◦, 60◦, 75.5◦, 90◦
Table 5.15: Complete list and values of parameters in the BETAgrid.
The entire set of models can be divided in two groups, where the first 625 discs have
varying flaring coefficients f , scale heights H0 and density profiles p; the remaining ones
have varying grain size exponents apow, settling parameters αsettle and tapering radius
Rtaper, as shown in Table 5.16. All disc models have varying disc masses Mdisc.
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Model number fixed parameters variable parameters
apow = 3.8 f
1-625 αsettle = 0.001 H0
Rtaper = 50AU p
f = 1.12 apow
626-1000 H0 = 0.2 αsettle
p = 1 Rtaper
Table 5.16: Fixed and variable parameters in the BETAgrid.
Only the second group of models was considered, because it allows exploring discs
with different dust opacities in order to study the relation between β and αSED. The
parameters used in Eq. 5.30 to compute the ∆ correction were taken from the BETAgrid,
sometimes with some modifications:
• β, the dust opacity index, can assume five different values, which depend on the
average grain size, related to the exponent apow. Here there are values of β computed
for wavelengths between 1.3 and 3.3mm:
apow 3.35 3.50 3.65 3.80 4.05
β 0.98 1.09 1.23 1.37 1.60
• p, the exponent in the density profile is a fixed value, and equals one for each model;
• the temperature profile is not a simple power law in the BETAgrid, it is computed
through a radiative transfer model and depends on radius and height above the
midplane. However, it can be approximated to a power law at a fixed height. For
each model, the value of q, the temperature profile exponent, was measured from the
detailed model output at height zero, because the emission at 1.3mm comes from
the colder regions in discs and hence mainly from the midplane;
• the disc mass Mdisc can assume five values between 0.001 and 0.1M⊙, as shown in
Table 5.15;
• the inner radius rin is 0.07AU for all models;
• Rtaper is model dependent, but can have only one of the following values: 25AU,
50AU and 100AU;
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• inclination is a fixed parameter and θ = 41◦ for all models;
The radius r1 where the optical depth τ equals one, is not a BETAgrid parameter, but
was extracted from each BETAgrid model output, under the condition that the vertical
optical depth at λ =1.3mm is one:
τvert1.3mm(r) =
∫
∞
0
κabs1.3mm(r, z)ρd(r, z)dz = 1 (5.34)
A correction for inclination was then included by dividing r1 by cosθ, where θ = 0
◦ for
face-on discs and θ = 90◦ for edge-on discs:
r1(θ) =
r1(θ=0◦)
cosθ
(5.35)
5.8.2 αSED versus αBeckwith: results and discussion
The slope of the SED of each single model, αSED, is computed in the BETAgrid through
a linear fit. The wavelength interval for the interpolation was chosen between 1.3mm and
3.3mm, in order to reproduce most of the gradients used in the literature.
The theoretical gradient αBeckwith, instead, is the same defined in Eq. 5.21:
αBeckwith = 2 +
β
1 + ∆
(5.36)
where the opacity index β is model dependent and assumes one of the values described
in section 5.8.1, while ∆ was computed using Eq. 5.30. However, unlike the observational
case, here all parameters which define ∆ stem from the model, as defined in the previous
section.
Dependence on temperature
In order to see if there is a correspondence between αBeckwith and αSED, and hence if the
∆ correction is always applicable, αBeckwith was then plotted versus αSED, as shown in
Fig. 5.6. It can be seen that there is a good correlation between the two slopes mainly
for warmer discs, colour coded in red, with a neater pattern at smaller inclination angles.
Conversely, a number of models, especially those at the bottom right of the plot and
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colour coded in blue, have αSED that differs significantly from αBeckwith. These discs have
very low mass, sometimes lower than 0.01M⊙. They have very cold mean temperature
< Td >, defined in Eq. 5.12, below 20K, which make them deviate from the Rayleigh-
Jeans approximation. Table 5.17 lists a sample of the numerical values used in the plots,
where ∆ is in ascending order, for comparison with Table 5.8 and 5.10.
Nevertheless, even for face-on discs at T > 30K, there is a slight difference between
αBeckwith and αSED, the latter being systematically smaller than the former. This means
that the slopes in the BETAgrid models are less steep than expected by applying the ∆
correction. This behaviour seems to be due to very low midplane dust temperatures, with
minimum values found to be below 10K for almost all disc models, as will be discussed
further in section 5.9.1.
Figure 5.6: Comparison between αSED and αBeckwith for ∆ computed at 1.3mm and two different
inclinations, colour-coded in mean disc temperature < Td >.
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Dependence on dust grain size
Once the same plot was colour-coded in apow instead of in temperature, another discrep-
ancy between αBeckwith and αSED emerged. As seen before, apow is the exponent in Eq. 5.3
which defines the grain size distribution, and the higher its value the smaller the number
of big particles. This means that less flux in the mm region is expected, and in turn that
the SED gradient α will be steeper.
However, Fig. 5.7 highlights that this is true mainly for αBeckwith, but not for αSED,
which can assume a wider range of values for each apow instead. This behaviour is visible
clearly at 1.3mm (top row) and even more at 3mm (bottom row), and more for θ=0◦ (left
hand side) than 60◦ (right hand side). The separation between different grain sizes is less
evident at 60◦, at both wavelengths, because inclination introduces an optical depth effect
which makes the flux become closer to the black body emission, with the consequence that
αBeckwith tends to two (2.4 in the top right plot and 2.75 in the bottom right) even if there
are small grains (apow=4.05). On the contrary, αSED does not seem to be related to the
dimension of dust particles, and at apow = 4.05 the gradient αSED spans the interval from
1.7 to 3.4. Cold discs having temperatures below 20K appear to be not compliant with
the rule according to which the slope of the SED can provide an indication of grain size.
Once again the difference might be due mainly to temperature, causing the Rayleigh-Jeans
approximation not to be valid anymore.
Dependence on mass
αSED and αBeckwith were compared also for different disc masses, as shown in Fig. 5.8.
It can be noticed that in case of αBeckwith the smaller values are available for more mas-
sive discs. This is in agreement with the fact that more massive disc emit more flux and
consequently the slope of the SED becomes shallower (Testi et al., 2014). This relation is
less evident in αSED, where all masses can yield all range of slopes between 1.5 and 3.5.
Nonetheless, the previous trend seems to be verified at least for the discs where there is
better correspondence between αSED and αBeckwith, i.e. once again in the case of warmer
discs.
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Figure 5.7: Comparison between αSED and αBeckwith for ∆ computed at 1.3mm and two different
inclinations, colour-coded in dust size exponent apow.
Concluding remarks
This Section has presented the comparison between the slope of the SED predicted by
applying the ∆ correction for optical depth effect, which was derived for a single layer
disc model where temperature and density fall exponentially outwards (Beckwith et al.,
1990), and a radiative transfer model, the BETAgrid, where temperature depends on the
interaction with radiation and density decreases more smoothly at the outer edge.
The main result emerging from the current analysis is that the two slopes are more
similar in case of warmer discs, having T > 30K. At lower temperature the BETAgrid
deviates more from the slope computed through Eq. 5.36. This issue will be investigated
in more depth in Section 5.9 where the analysis will be extended to a larger wavelength
interval, up to 1 cm.
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Figure 5.8: Comparison between αSED and αBeckwith for ∆ computed at 1.3mm and two different
inclinations.
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∆ Rd Md apow T αSED αBeckwith
0.000 400 0.001 4.05 9.82 2.083 3.460
0.001 400 0.001 4.05 13.33 2.012 3.459
0.001 400 0.003 4.05 10.45 2.182 3.459
0.002 400 0.001 3.50 12.30 2.564 2.948
0.002 400 0.003 3.80 10.03 2.660 3.228
0.002 400 0.001 3.80 12.86 2.984 3.228
0.002 400 0.001 3.35 10.58 2.420 2.838
0.003 400 0.001 3.65 12.67 2.732 3.087
0.004 400 0.003 3.65 10.56 2.319 3.086
0.004 400 0.010 4.05 11.23 2.561 3.454
0.004 400 0.003 4.05 13.64 1.841 3.454
0.004 400 0.001 3.35 10.37 2.005 2.836
0.005 400 0.001 4.05 17.33 2.330 3.453
0.006 400 0.003 3.50 10.44 2.115 2.944
0.007 400 0.003 3.80 13.16 2.943 3.221
0.007 400 0.003 3.35 10.95 2.040 2.834
0.008 400 0.001 3.80 15.28 3.142 3.220
0.008 400 0.001 3.35 12.42 2.583 2.833
0.008 400 0.001 3.65 13.97 2.849 3.081
0.009 400 0.001 4.05 21.85 2.449 3.447
0.009 200 0.003 4.05 14.83 2.665 3.447
0.010 400 0.003 4.05 17.78 2.159 3.445
0.010 400 0.001 3.50 13.24 2.676 2.940
0.010 400 0.001 4.05 24.41 2.564 3.445
0.011 400 0.003 3.35 12.44 2.271 2.831
0.012 400 0.010 3.80 11.15 2.439 3.216
0.014 400 0.001 3.80 19.47 3.150 3.213
0.017 200 0.001 3.35 14.33 2.000 2.826
0.017 400 0.003 3.50 13.38 2.427 2.934
...
...
...
...
...
...
...
∆ Rd Md apow T αSED αBeckwith
...
...
...
...
...
...
...
1.470 100 0.030 3.35 37.25 2.264 2.340
1.485 100 0.030 3.50 33.93 2.203 2.382
1.520 100 0.030 3.50 28.62 2.007 2.377
1.531 100 0.030 3.65 24.67 1.878 2.431
1.531 100 0.030 3.35 36.46 2.196 2.332
1.542 100 0.030 3.35 33.63 2.124 2.330
1.577 100 0.030 3.35 28.62 1.942 2.326
1.671 100 0.030 3.50 24.18 1.719 2.356
1.756 100 0.030 3.35 24.50 1.610 2.305
2.133 100 0.100 4.05 36.30 2.609 2.466
2.198 100 0.100 4.05 35.62 2.581 2.457
2.216 100 0.100 4.05 34.44 2.543 2.454
2.312 100 0.100 4.05 32.20 2.470 2.441
2.708 100 0.100 4.05 28.86 2.241 2.394
6.696 100 0.100 3.80 37.23 2.364 2.160
6.788 100 0.100 3.80 31.80 2.152 2.158
6.806 100 0.100 3.80 35.53 2.227 2.158
6.884 100 0.100 3.80 36.59 2.323 2.156
7.616 100 0.100 3.80 27.48 1.905 2.143
14.989 100 0.100 3.65 31.40 2.007 2.068
16.498 100 0.100 3.65 35.73 2.125 2.062
17.421 100 0.100 3.65 26.91 1.721 2.059
17.559 100 0.100 3.65 37.99 2.260 2.059
17.609 100 0.100 3.65 37.73 2.208 2.059
45.699 100 0.100 3.50 35.79 2.045 2.020
46.667 100 0.100 3.50 31.02 1.868 2.020
48.440 100 0.100 3.50 26.03 1.646 2.019
56.590 100 0.100 3.50 37.68 2.129 2.016
60.100 100 0.100 3.50 38.35 2.181 2.016
Table 5.17: ∆ values, in ascending order, at 1.3mm and θ = 60◦, corresponding disc parameters and SED slopes.
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5.8.3 Where does a disc become optically thin?
The second question addressed through the BETAgrid is where and at what wavelength
a disc becomes optically thin. Quantitatively speaking, this position corresponds to the
radius where the optical depth τν equals 1, which was previously defined as “transition
radius” r1. The analysis was performed at 1.3mm and 3mm, because these are the
wavelengths often used to infer the dust mass from the observations. Results are depicted
in Fig. 5.9 for face-on discs and in Fig. 5.10 for inclination θ = 60◦. They show r1 versus ∆
correction, and both figures are colour-coded in masses, while outer radii are highlighted
in different shapes. There is a linear relation between r1 and ∆, because by definition
∆ is higher in the case of more optically thick discs. For face-on discs, as expected, at
3mm discs are more optically thin than at 1.3mm, because radiation is less blocked by
dust particles; consequently the optically thick region is more compact and the transition
radius is at no more than 40AU from the central star, with respect to 60AU at 1.3mm.
In both cases more massive discs (in red and orange), are more optically thick than less
massive ones (in cyan and blue). The radius seems to play a role mainly for less massive
discs: more compact discs having Rd = 100− 200AU (blue squares and asterisks) present
the same transition radius as more massive but larger discs, with Rd = 400AU (cyan filled
circles). Very massive discs, on the other hand, have a transition radius r1 less variable
with their radii. At θ = 60◦ the same behaviour is observed at both wavelength, but
inclination enhances the optical depth effect and shifts r1 outwards for all masses and
outer radii considered.
In terms of area, at λ = 1.3mm and inclination θ = 60◦, for low mass discs having
Mdisc ≤ 0.01M⊙, the maximum optically thick region is no more than 1% of the total
area even for small discs, and it is between 0.04% (Rd=400AU) and 9% (Rd=100AU)
for discs masses in the interval 0.01-0.03M⊙. However, it shows huge variations in mas-
sive discs above 0.03M⊙: in this case the mininum optically thick area is between 1%
(Rd=400AU) and 16% (Rd=100AU), while the maximum is between 6% (Rd=400AU)
and 98% (Rd=100AU).
At λ = 3mm and same inclination, discs are mostly optically thin instead. The
maximum optically thick area, registered for small discs having Rd=100AU, is 0.09% in
case of low mass discs (Mdisc ≤ 0.01M⊙) and 6.25% for mid mass discs (0.01-0.03M⊙),
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while for small and massive discs (M = 0.03− 01M⊙) it is 64%, which is about one third
smaller than at 1.3mm. Yet, in larger discs where Rd = 400AU, this last percentage drops
to a negligible value of 2.25%.
On the one hand, these results have highlighted that the radius itself cannot alone
provide a good indication of the disc optical depth, because the mass is decisive in deter-
mining the actual optically thick area. On the other one, however, at both wavelengths
the optically thick fraction becomes significant mainly for discs above 0.03M⊙ and having
Rd=100AU, while in all other cases it is below 10% even for small discs.
In conclusion, λ=3mm seems to be a long enough wavelength for discs to be optically
thin in most cases, but caution is advised when dealing with small discs, if their sizes can
be measured.
Figure 5.9: Transition radius r1 versus ∆ correction for face-on discs, at 1.3mm (left hand side)
and 3mm (right hand side).
Figure 5.10: Transition radius r1 versus ∆ correction for inclination θ = 60
◦, at 1.3mm (left
hand side) and 3mm (right hand side).
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5.9 A further analysis at longer wavelengths
This Section is also part of the paper by Woitke et al. (2016), but the analysis developed in
this work uses a different wavelength interval in the mm range (1.3-3mm instead of 0.85-
1.3mm), which is similar to the one used to derive α from observational data in Section 5.4.
In the cm range, instead, the interval is the same as in the paper, i.e. 5-10mm.
The analysis of the SED slopes in the BETAgrid models was limited to the millimeter
range, up to 4mm. A further analysis extended to longer wavelengths was performed
using ProDiMo, a radiative transfer model closely related to the BETAgrid. The main
difference between these two models is the fact that the BETAgrid is a grid of a thousand
models, each of them different in one or more disc parameters. In this study, instead, there
is only one main model, the “reference model”, where each parameter (dust composition
and size distribution, inner and outer radius, settling and flaring) can be changed twice
at a time, giving origin to 25×2 variations.
Despite the limited number of models compared to the BETAgrid, ProDiMo was
mainly used to extend the previous analysis to longer wavelengths, in order to compare and
contrast results in the mm range with those in the cm range (Section 5.9.1). It was also
use to investigate the effects of model parameters on the slope of the SED (Section 5.9.2).
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Reference Model
stellar mass M∗ 0.7M⊙
stellar luminosity L∗ 1L⊙
effective temperature Teff 4000K
disc gas mass Mdisc 0.01M⊙
dust/gass mass ratio δ 0.01
inner disc radius Rin 0.07AU
tapering-off radius Rtap 100AU
density profile index p 1
reference scale height H(100AU) 10AU
flaring power index f 1.15
settling parameter αsettl 0.01
minimum dust particle radius amin 0.05µm
maximum dust particle radius amax 3mm
size distribution exponent apow 3.5
max. hollow volume ration V maxhollow 80%
distance d 140 pc
disc inclination θ 45◦
Table 5.18: Parameters of the reference model used in ProDiMo.
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DIANA standard dust opacities
As seen in section 5.2, the dust opacity depends on many factors, where the main ones
are: minimum and maximum size of dust grains, grain size distribution and chemical
composition. The main parameters used in the reference model are listed in Table 5.18.
With respect to the BETAgrid, the grain size interval is wider and extends to 3mm.
The size distribution is vertically modulated by dust settling, defined by the parameter
αsettle. Since settling causes dust grains to move toward the midplane, dust opacities will
reduce in the upper layers and increase in the midplane. Concerning composition, the
reference model uses a mixture of grains where the composition consists of 60% silicate,
15% amorphous carbon (AC) and 25% porosity. Particles are modelled as hollow spheres
(Min et al., 2005), because they can better reproduce the observables.
Fig. 5.11 shows the influence of four grain parameters on the dust opacity: amin, amax,
apow and the percentage of AC. The minimum size, amin, affects mainly the UV part of
the spectrum, and larger values tend to annihilate the silicate emission feature at ∼ 10µm.
Different values of the maximum size, amax, instead, reduce the dust opacity in equal way
from UV to IR, keeping the silicate feature. Higher amax has a more pronounced effect on
the reduction of dust opacity, due to the larger amount of bigger grains. In the mm range
the main drop in dust opacity is recorded for smaller values of amax instead, because grains
are too small to emit at long wavelengths. The size distribution exponent, apow, produces
a similar effect to amin, but with a wider spread in dust opacity from UV to MIR. The
percentage of AC plays a significant role, and above 1mm, in the range used to infer the
dust opacity index β from the slope of the SED, the percentage of AC determines a wide
spread of dust opacity, while a total lack of AC causes a drop of dust opacity not only in
the mm region, but also in UV.
I
173
Chapter 5. Measurement of dust growth: observations and models
Figure 5.11: Dependance of dust opacity, from 0.1µm to 1 cm, on different grain parameters:
minimum and maximum size (top row), dust grain distribution (bottom left) and chemical compo-
sition (bottom right).
Figure 5.12: Zoom of previous plots at λ ≥1mm
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5.9.1 Millimeter and cm slopes
The BETAgrid analysis has shown that αSED differs from αBeckwith in many disc mod-
els. The same comparison between the two slopes were performed in this study. The
analysis involved a larger wavelength interval, from 1.3mm to 1 cm, and two regions were
considered: the millimeter range, between 1.3mm and 3.3mm, and the centimeter range,
between 5mm and 1 cm. Further, the comparison in each range was done on small and
large discs, having Rd = 100AU and Rd = 600AU respectively.
Results are in Fig. 5.13, where the difference between the mm and cm range is im-
mediately visible: at longer wavelengths there is better correspondence between αSED
and αBeckwith, shown by the proximity of data points to the dashed line, which repre-
sents the region where αSED equals αBeckwith. At shorter wavelengths, instead, αSED is
always smaller than αBeckwith, in a similar way to the values found in the BETAgrid, in
section 5.8.2. In the reference model, for example, αSED is only 2.39 in the mm range,
while αBeckwith is 2.91 or 3.10, for Rd=100AU and 600AU respectively; while in the cm
range there is less discrepancy, αSED being 3.36 compared to αBeckwith 3.46 and 3.49 at
Rd=100AU and 600AU.
In the reference model β is 1.14 as given in Table 5.19, hence from Eq. 5.16, αSED
would be expected to be 3.14 in the mm range, more similar to αBeckwith. The small value
αSED=2.39 might be a consequence of optical depth effects, but in order to reproduce that
value, ∆ should be 1.92 by rearranging Eq. 5.15. However, 1.92 differs radically from the
∆ correction computed by ProDiMo at 1.3mm, which is only 0.04. This tiny correction
is in agreement with the limited optically thick area in the reference model, where the
transition radius r1 ≈7AU, almost one tenth of the outer radius, as shown in Fig. 5.14.
Very similar results are reported for all variations of the the main model. Hence this
discrepancy provides evidence that there must exist other causes for the small values of
αSED, not only due to optical depth effects.
In the BETAgrid analysis it was highlighted that most differences were due to low
mean disc temperatures, but there was still a shift between αSED and αBeckwith even in
warmer discs. The mean temperature, however, is an average on the entire disc, while the
infrared emission is more likely to come from the cold midplane. Further investigation
showed that there is a good correlation between the midplane temperature and αSED,
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as depicted in Fig. 5.16. The correlation coefficient is r = 0.78 in the mm range and
r = 0.63 in the cm range. The critical value for 12 objects is rc=0.58. According to these
results, the slope is shallower when the midplane is colder. This effect would be caused
by the emission from colder dust grains, which would change the shape of the SED at
long wavelengths, making it deviate from the Rayleigh-Jeans approximation. This finding
is in agreement with the previous analysis in the BETAgrid, where almost all discs had
midplane temperatures below 10K with a few exceptions between 10K and 15K.
Figure 5.13: Left : αSED versus αBeckwith in the mm range for discs having Rd=100AU (red
triangles) or 600AU (blue asterisks). The reference model is in green. The dashed line represents
the region where the two slopes would have the same values. Right : the same plot, but in the cm
range.
Figure 5.14: Transition radius r1 versus the expected ∆ correction in the mm (left) and cm
range (right), for Rd =100AU (red triangles) and 600AU (blue asterisks). The reference model is
in green.
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Figure 5.15: Midplane dust temperature on the midplane at 30AU versus mm-slope (left) and
cm slope (right). The correlation coefficient is r = 0.78 in the mm range and r = 0.66 in the cm
range. The critical value is rc=0.58. All depicted models have the same dust opacity, hence the
same β.
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Figure 5.16: Midplane dust temperature on the midplane at 50AU versus mm-slope (left) and
cm slope (right). The correlation coefficient is r = 0.78 in the mm range and r = 0.63 in the cm
range. The critical value is rc=0.58. All depicted models have the same dust opacity, hence the
same β.
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disc model αBeckwith αSED β ∆ rin r1 Rout Mdisc q Tmean p
Reference Model 3.0997 2.3888 1.14 0.0390 0.07 6.944 600.0 0.010 0.492 18.893 1.0
var Mdisc=0.001 3.1391 2.6107 1.15 0.0072 0.07 0.734 600.0 0.001 0.413 20.454 1.0
var Mdisc=0.1 3.0121 1.9987 1.15 0.1341 0.07 51.387 600.0 0.100 0.487 16.425 1.0
var gas/dust=1000 3.0964 2.4386 1.15 0.0470 0.07 7.013 600.0 0.100 0.542 17.738 1.0
var gas/dust=10 3.1191 2.2975 1.15 0.0258 0.07 7.042 600.0 0.001 0.379 13.782 1.0
var Rin=10 -NaN 2.4889 1.15 -NaN 10.0 -2.806 600.0 0.010 0.526 26.093 1.0
var Rtaper=200 3.1360 2.4332 1.15 0.0097 0.07 3.638 1200.0 0.010 0.359 13.769 1.0
var Rtaper=50 3.0455 2.3017 1.15 0.0978 0.07 12.400 300.0 0.010 0.553 42.745 1.0
var p=0.5 3.1468 2.5141 1.15 0.0010 0.07 0.692 600.0 0.010 0.541 22.177 0.5
var p=1.5 3.0086 2.2842 1.15 0.1381 0.07 11.525 600.0 0.010 0.425 20.664 1.5
var gtaper=0.5 3.0466 2.3751 1.15 0.0968 0.07 8.287 220.0 0.010 0.569 16.899 1.0
var H15 3.1090 2.4285 1.15 0.0351 0.07 7.028 600.0 0.010 0.462 20.174 1.0
var H05 3.1146 2.3236 1.15 0.0299 0.07 7.027 600.0 0.010 0.419 14.118 1.0
var beta=1.20 3.1002 2.4334 1.15 0.0434 0.07 7.025 600.0 0.010 0.520 22.329 1.0
var beta=1.05 3.1255 2.1652 1.15 0.0199 0.07 7.031 600.0 0.010 0.310 13.263 1.0
var amin=2.0 3.0995 2.3187 1.14 0.0352 0.07 7.008 600.0 0.010 0.463 17.990 1.0
var amax=300 4.5186 2.7939 2.60 0.0333 0.07 8.306 600.0 0.010 0.419 18.972 1.0
var amax=30000 2.8946 2.4103 0.92 0.0266 0.07 2.845 600.0 0.010 0.519 17.022 1.0
var apow=3.9 3.4011 2.7096 1.44 0.0252 0.07 6.124 600.0 0.010 0.396 19.169 1.0
var apow=3.1 2.8824 2.1481 0.91 0.0331 0.07 6.113 600.0 0.010 0.467 18.838 1.0
var AC=0.0 3.7160 2.9762 1.74 0.0166 0.07 1.696 600.0 0.010 0.478 20.465 1.0
var AC=0.35 2.5813 1.9700 0.63 0.0809 0.07 20.767 600.0 0.010 0.522 16.956 1.0
var asettle1.E+99 3.1186 2.4580 1.15 0.0262 0.07 7.012 600.0 0.010 0.383 17.695 1.0
var asettle1.E-4 3.1358 2.1488 1.15 0.0107 0.07 7.047 600.0 0.010 0.150 18.606 1.0
var θ = 20◦ 3.1045 2.4194 1.15 0.0393 0.07 7.028 600.0 0.010 0.493 18.824 1.0
var θ = 60◦ 3.1045 2.3504 1.15 0.0393 0.07 7.028 600.0 0.010 0.492 18.858 1.0
Table 5.19
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5.9.2 Effects of model parameters on the slope of the SED
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Figure 5.17: Variations to the SED slope, in the mm- and cm-range, caused by different disc and
dust parameters with respect to the reference model (red dot).
The previous Section has shown that low midplane temperatures can affect the slope of
the SED in the mm range. However, that is not the only cause and other parameters can
play a major or minor role in determing the SED gradient. Fig. 5.17 summarises the effect
on the mm- and cm-slope due to variations in disc mass, in black; disc shape parameters,
in green; and dust parameters, in yellow. The longer the arrow and the stronger the effect
of a certain parameter with respect to the reference model.
The mm and cm ranges are affected in different ways by the parameters values. In
the mm interval the major changes are caused by the maximum grain size amax, with
a steepening in case of smaller particles and a flattening in case of bigger ones. This
is consistent with the fact that larger grains, whose size is comparable to the incident
wavelength, have higher flux emission. Other significant changes are caused by smaller
disc masses, by the dust size distribution exponent apow and by composition, in particular
the percentage of amorphous carbons AC. The way in which these parameters affect the
slope of the SED is the following: more massive discs are more likely to be optically
thick, making the slope approach the gradient expected for a pure black body emission,
i.e. 2; apow regulates the abundance of smaller or bigger grains, which in turn reflects on
the dust emission. In fact, the smaller the apow, the greater the number of big particles,
with consequent flattening of the slope, and viceversa. Concerning composition, it is
responsible for remarkable changes in the dust opacities at long wavelength, as seen in
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Fig. 5.11, thus affecting the emission of dust grains. Even if its effect is not particularly
significant compared to other parameters, it is interesting to note that higher values of
density profile index p flatten the slope more than lower values. This dependency on p is
consistent with the results found in Section 5.7, where my β values were higher than those
in Rodmann et al. (2006), mainly because p was smaller.
The same parameters impact on the slope of the SED in the cm range, to greater or
lesser extent, and the main differences are recorded for amax and percentage of AC, hence
grain size and composition.
5.10 Conclusions
This Chapter has analysed the amount of dust growth in a sample of 29 protoplanetary
discs, from both an observational and theoretical point of view. Observationally, among
the several methods used in the literature to infer dust grain size, the one chosen in this
work is the gradient of the SED in the mm range. In order to measure only the emission
from dust, fluxes needed first to be corrected for free-free emission, which is predominant
mainly in the cm range, but can also affect the mm range. Methods used in the literature
are not standardised, with repercussion on the final value of the gradient and the related
opacity index β, which provides and indication of dust growth above mm-sized grains
when its value is below one. In this work I used the theoretical wind prescription by
Panagia & Felli (1975) or Mezger & Henderson (1967), depending on the shape of the
SED in the mm-cm range, which was applied when the SED showed a break between the
interval 1.3-3mm and 3-7mm. The correction was applied to cm wavelength fluxes when
available, otherwise an average value was estimated and used at shorter wavelengths. The
new fluxes available at 7mm and 1 cm allowed finding a relation with the gradients similar
to one expected by models, which provides evidence for dust growth in protoplanetary
discs. Since at 1.3mm this pattern was not observed, these results also highlight that
fluxes at 1.3mm cannot be completely optically thin.
After deriving β, another correction needed to be applied, the ∆ correction, because
the presence of optically thick regions may affect the measurement of the gradient α and
consequently of the dust opacity index β. In fact, α tends to two, and β to zero either in
case of a completely optically thick medium or when particles have grown to mm-cm sizes.
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The ∆ correction, introduced by Beckwith et al. (1990), takes into account the effect of
optically thick regions by applying a correction factor to β. Without this correction, β
would result to be smaller than its real value, and dust growth would be overestimated.
As ∆ depends on five parameters, mostly unknown, some assumptions needed to be made.
This uncertainty has lead again, like in case of free-free correction, to the development
of a range of diverse methods in the literature. Some authors chose an average value
0.2 (Rodmann et al., 2006; Lommen et al., 2007, 2010; Ubach et al., 2012), whereas this
study aimed to compute ∆ for each single disc where at least the outer radius was known.
Further, ∆ was computed at 1.3mm, because optical depth effects are more relevant at
shorter wavelengths, but a comparison with values at 7mm was also presented. Disc
parameter necessary to calculate ∆ were available for 18 out of 29 stars, and its value
spans from 0.02 to 0.56 at 1.3mm, and from 0 to 0.03 at 7mm. These results show that
∆ is not a constant parameter and can be ten times smaller to ten times bigger than the
average value adopted by other authors. In both cases, using the correction at 1.3mm
and 7mm, 72% of β values are lower than one, which his is an indication of possible grain
growth up to mm sized particles. Compared to other authors, the β values found in this
work are higher in 60% of the cases, very likely due to the choice of a smoother surface
density index p, which has a considerable weight in the ∆ correction.
In the second part of the Chapter the slope of the SED computed through a radiative
transfer model, the BETAgrid, was compared to the ∆-corrected gradient. It emerged
that there was a good agreement between the two values only in case of relatively warm
discs, having a minimum midplane temperature of at least T = 30K. According to these
results, temperature and not only optical depth effects play a role in the slope of the SED.
The temperature dependence was further investigated using a similar radiative transfer
model, which does not offer a large grid of models like the BETAgrid, but whose wave-
lengths extend to one centimeter instead of only 4.5mm. The analysis confirmed previous
results, where temperature effect can become dominant when it is below 20K. In that case
the slope of the SED becomes shallower, because the emission deviates from the Rayleigh-
Jeans approximation. The impact of other disc and dust parameters was also explored and
it appeared that the slope of the SED can be heavily affected by amax between 1.3mm and
3.3mm and by composition at longer wavelengths, between 5mm and 1 cm. To a lesser
extent, other parameters may change the gradient significantly enough, like for example
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disc mass, the size distribution exponent apow and the surface density profile index p.
Overall, this Chapter has highlighted the complexity in the measurement of the slope
of the SED and the inference of an accurate value of the dust opacity index β from
observational data. Many factors contribute to the gradient of the SED, not always known
or measurable. On one hand the millimeter region may not be completely optically thin,
on the other hand longer wavelengths are affected by wind emission, and very low midplane
temperatures which can make the SED deviate from the Rayleigh-Jeans approximation.
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Conclusions
As seen in the Introduction, YSOs are newly formed stars still evolving to the proper
stellar phase. Given their young age, a number of changes are still observable, both on
the star itself and in the surrounding disc, like light variability and mechanisms of dust
growth. This thesis involved a multi-wavelength analysis of a sample of YSOs and their
protoplanetary discs, from the optical to the mm range. Chapter 3 focussed on the optical
variability in YSOs and the presence of long term periodicity, beyond two weeks. The
analysis was then extended to near and mid infrared in Chapter 4, which confirmed the
variable nature of these stars at longer wavelengths. The last part, in Chapter 5, used
mm fluxes to analyse the emission from dust particles in protoplanetary discs in order to
see if dust grains may have grown to mm size, and investigated how some stellar and disc
parameters can affect the final measurement. A summary of the main results is presented
below.
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Optical variability
The optical variability in CTTS has been observed for almost a century, but often on a
short timescale, no longer than a few weeks or months. This work is both a continuation
and an extention of previous studies. I made use of recent data provided by the SWASP
archive, where 39 CTTS were observed for seven years, from 2004 until 2011, with a
frequency from one to a few hundreds times per night. Compared to other works, there is
a greater wealth of data per object, images are subsequent to previous observations and
the sample only partially overlaps those analysed before.
The variability of CTTS was quantified using the method of pooled sigma, which
highlighted that at least 50% of the stars shows fluctuations over time. Some stars,
however, despite a constant pooled sigma versus time, are characterised by large amplitude
variations, with standard deviation up to 0.6 magnitudes. Combining these two features,
large amplitudes and high fluctuation over time, a group of 8 highly variable stars was
hence identified. The long timescale covered by SWASP data allowed then searching for
periods beyond a fortnight over several years. By applying time series analysis techniques
it was found the presence of quasi-periodicity between 20 and 30 days, in almost all the
highly variable stars. It should be noted, however, that also less variable stars can show
quasi-periodicity, like the case of LkHa 327. The existence of long periods highlights a
feature of T Tauri stars not commonly found in other studies, with the exception of works
by Grankin et al. (2007) and Percy et al. (2010). In this context, these results extend and
expand previous analyses.
Regarding the causes of long periods, a number of interpretations are possible. If the
variability arises from an inhomogenuous rotating disc, and assuming the disc in Keplerian
rotation, these periods would imply that the origin of variations takes place at a distance
from the central star between 0.1 and 0.2AU, which corresponds to the inner disc. This
result highlights that optical variations do not happen only on the stellar surface, as in
case of cool spots, but can have an origin at larger distances from the host star.
However, the non-regular nature of the observed variations, along with higher level
of accretion in more variable stars, supports also the mechanism proposed by Goodson
et al. (1997) and Romanova et al. (2002), according to which the magnetic field lines
connecting the star and the disc would open and reconnect due to the different rotation
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velocities of the star and the disc. The quasi-periodicity of optical variations could hence
reflect this process, as already found in AA Tau (Bouvier et al., 2003). Unlike AA Tau,
however, which is seen almost edge-on, the sample of highly variable stars analysed in this
study does not show any correlation with inclination. Consequently, the hypothesis of
an eclipsing scenario, caused by circumstellar matter, becomes less feasible, unless other
mechanisms are involved, like lifting of dust grains above the midplane caused by disc
wind (Flaherty et al., 2013; Petrov et al., 2015).
An interesting correlation was found between high variable stars and the spectral index
in near infrared, which suggests at least a common location for optical variability and
infrared emission. Other correlations in NUV and soft X-rays confirm that high variable
stars tend to be higher accretors, and that higher accretors tend to show lower X-ray flux.
A comparison sample consisting of 81 CTTS, taken from Luhman et al. (2010), con-
firmed the same properties observed in the smaller DIANA sample, and corroborated the
variability found in that group of stars.
Infrared variability
Infrared variability has been studied more recently with respect to the optical, mainly
from the 1980s onwards. Like in optical, this work extended previous studies by focussing
on a different sample of stars. Moreover, the infrared analysis was carried out using data
taken with the satellite WISE, which offers the great advantage of having simultaneous
observations in four bands, from 3.4µm to 22µm. On the other hand, however, since data
were taken only in February and August 2010, it was not possible to search for possible
periods.
The infrared variability was analysed using two methods: Stetson Index and chisquare.
They showed that variations are more pronounced in near infrared, at 3.4 and 4.6µm,
rather than in mid infrared at 11 and 22µm. In near infrared more than 75% of the
stars in the sample are variable, while only 38% at 11µm and 17% at 22µm. Variations,
however, are always lower than in optical, with maximum amplitude of 0.7mag at 3.4µm
for TW Hya, compared to 3mag in optical. Interestingly, no strong correlation was found
with optical variability, which suggests a different cause or a time shift in the two processes.
This result is in agreement with the high percentage of uncorrelated optical and infrared
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variable stars in a sample of CTTS studied by Cody et al. (2014).
Two toy-models were developed to investigate a possible origin of the infrared varia-
tions. In the former model, it was quantified the contribution of a hot spot to infrared
emission. The outcome revealed that too large a hot spot would be necessary to cause even
near infrared variations. This model was ruled out, because percentages were in contrast
with usually accepted sizes of hot spots (e.g. Fernandez & Eiroa, 1996). This result does
not exclude the effect of hot spots on infrared luminosity, but cannot be the main source.
The latter model, instead, attributed infrared variations to an additional disc emission,
and results showed a more realistic scenario. In addition, the analysis of colour-colour
diagrams exhibited a gradient lower than the interstellar reddening, which implies that
the emission comes from larger grains than in the insterstellar medium. Hence, the origin
of variability cannot be attributed only to interstellar material, but seems to be related
to the disc itself. The combination of these results supports the findings by Cody et al.
(2014), where the high infrared variability, in a group of stars having low correlation with
optical variations, can be explained as due to changes in the structure of the disc. The
idea of discs as evolving structures was proposed also by other authors, where changes in
height could explain variations in absorption and emission of light (Flaherty & Muzerolle,
2010; Flaherty et al., 2012, 2013), and results found in Chapter 4 could support their
findings.
Like in the optical case, the comparison sample confirmed the variability analysis
performed on the DIANA sample.
Measurements of dust growth
YSOs are characterised by the presence of a disc of gas and dust, which will gradually
disperse once the star is fully formed. As already explained, these discs are also the site
of planet formation, and consequently there has to be a mechanism that allows tiny dust
grains to stick together and form bigger structures.
One of the purposes of Chapter 5 was the measurements of grain size, inferred from the
gradient of the SED, α, in the mm-cm range. This work benefited from new data at 7mm
and 1 cm, which provided improved values of α. Moreover, as shown in Section 5.5.4, using
these wavelengths, the diagram α versus Flux follows the expected trend of higher fluxes
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at lower values of α. This result strongly supports the presence of mm-size grains, larger
than in the interstellar medium, confirmed also by the inferred values of the dust opacity
index β. The final outcome of β is slightly higher than that found by other authors, but
overall 72% of the discs have β < 1, which again confirms the possibility of dust grain
growth to mm-size particles, at least from an observational perspective.
In fact, the comparison with radiative transfer models has shown that the slope of
the SED can be affected by several parameter discs, and in particular by the midplane
temperature. In case of very cold temperature, below 10K, the emission is not in the
Rayleigh-Jeans approximation and the gradient α can be shallower than expected, giving
the false impression of an optically thick medium. Other parameters which can heavily
steepen or flatten the slope of the SED are disc mass, maximum grain size, grain size
distribution and composition, especially in terms of amorphous carbon percentage.
An important finding in the observational analysis of the SED slope is that procedures
are not standardised, especially concerning the correction for wind emission and for op-
tically thick regions, but also the wavelength range used to determine the gradient. The
method of the SED has been applied by a number of authors for almost two decades (e.g.
Beckwith et al., 1990; Testi et al., 2001; Rodmann et al., 2006; Lommen et al., 2007; Ricci
et al., 2010; Ubach et al., 2012), using different wavelengths, depending on the available
data. Typically, wavelengths are greater or equal 1.3mm and extend to 3 or 7mm (Beck-
with et al., 1990; Ricci et al., 2010; Lommen et al., 2007), but can reach also the cm range
at 3.6 cm (Rodmann et al., 2006) and 6 cm (Lommen et al., 2009; Ubach et al., 2012).
One of the difficulty in the measurement of the gradient is the estimate of wind contri-
bution to the total flux, which needs to be subtracted. Lommen et al. (2007), however, did
not take into account any correction, because they estimated it to be negligible at 3mm
and beyond, while for example Testi et al. (2001) and Rodmann et al. (2006) applied the
correction at 7mm, but using different procedures. In this work, literature data in the cm
range were used to estimate an average contribution at 7mm, but unlike Rodmann et al.
(2006) no assumption were made regarding the percentage of free-free.
The measurement of the gradient of the SED can be biassed also by optical depth
effects, which make it appear shallower than what it actually is. Another correction
needed therefore to be taken into account: the ∆ correction, introduced the first time by
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Beckwith et al. (1990). As in case of wind emission, methods are not standardised. The
main uncertainties in the computation of ∆ are disc parameters, as outer radius, surface
density profile or optical depth, most of the times not completely known. Many authors
just applied a constant correction (Rodmann et al., 2006; Lommen et al., 2010; Ubach
et al., 2012), while in this work I tried to compute ∆ for each disc where parameters were
available. However, unlike Beckwith et al. (1990), who also provided values of ∆ for each
disc, this work made use of a smoother density profile (p = 1 instead of 1.5) and slightly
different dust opacities in compliance with the most recent radiative transfer models (e.g.
Meeus et al., 2010; Woitke et al., 2016).
The comparison with radiative transfer models has also allowed exploring the transition
radius r1 between optically thick and thin emission, accounted for by the ∆ correction,
at 1.3mm and 3mm. It emerged that the optical depth is not only radius dependent,
but is strongly determined also by the the disc mass, disc radius and inclination. In
particular, at 1.3mm the optically thick area of the disc can affect 98% of it in case of
small (Rd=100AU) and massive (M=0.03M⊙) discs, while at 3mm the optical depth
effect is one third smaller, and the emission is mostly optically thin.
In conclusion, Chapter 5 has highlighted the complexity in the measurement of the
SED and of the dust spectral index. On one hand, the observational results provide strong
evidence that dust in protoplanetary discs has grown to mm-size particles in most cases,
but on the other hand models suggest being wary in inferring dust grain size, because the
slope of the SED may depend also on a number of disc parameters.
Future work
Protoplanetary discs and their host stars are very complex structures, evolving on a rel-
atively short timescale, below 10Myrs. Images and spectra provided by interferometry
telescopes and satellites for the last two decades have helped to gain a better insight into
their characteristics and composition. Nevertheless, there are still many uncertainties,
especially concerning size, inclination, dust and gas mass, but also about the cause of flux
variations.
The variability analysis would benefit from simultaneous observations in optical and
infrared, which in this thesis are missing. These data would allow the optical-infrared
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correlation to be better constrained. In infrared, in order to search for periods it would
be also useful to have repeated prolonged observations, of at least a month in different
time of the year. As seen in optical, periods do not manifest on a regular basis, so for this
reason sets of observations over the year could provide a better overview of the infrared
variability.
Regarding dust growth, more data at cm wavelength would help to have a more precise
estimate of wind emission, also because it can be changeable on a short timescale, as shown
by Ubach et al. (2012). High resolution images would certainly provide better information
on the disc size, which is a key parameter in the computation of the ∆ correction. A better
understanding of the disc structure, included the inner part, would also be useful for the
interpretation of the variability results, especially in infrared. For this purposes, the James
Webb Telescope, optimised for the infrared, and ALMA, optimised for the mm-submm
range, will certainly offer great improvement in this research area.
Interferometry images from ALMA could also provide more information on disc incli-
nation. As seen before, inclination does not seem to affect the optical variability, which
is in contrast with models predicting eclipsing scenarios where discs have to be edge-on.
Direct inclination measurements would therefore allow the correlation to be better defined.
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Figure A.1: Pooled sigma plots of stars in Chapter 3.
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Figure B.1: Entire lightcurves of stars in groups A and B, from 2004 until 2011.
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Figure C.1: Daily magnitude variations on CQTau can be negligible, as on the 16th January
2007 (l.h.s.), or more pronounced as on the 18th January 2007 (r.h.s.)
Figure C.2: Magnitude variations on the 15th January 2010 for Haro 6-13 (l.h.s.). Variations can
reach one magnitude in one day, but are affected by large photometric errors, because the source
is very faint. Magnitude variations on the 30th November 2009 for IQ Tau (r.h.s.). Variations are
small and do not exceed half a magnitude, but are still larger than photometric errors.
Figure C.3: Magnitude variations on the 22th July 2006 for RU Lup (l.h.s.). Variations on the
20th October 2007 for RWAur (r.h.s.).
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Appendix D. CQ Tau and J053505.04+243705.4:
comparison of short timescale variations
Figure D.1: Same as Fig. 3.2, where in red is highlighted CQ Tau and in blue the comparison,
non variable star J053505.04+243705.4.
Figure D.2: Variation on the 18th January 2007 for CQ Tau and the comparison star.
Figure D.3: Variations between 29th January and 18th Februar 2007 for CQ Tau and the com-
parison star.
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Figure E.1: SEDs of the remaining stars in Fig. 4.13. Photosphere model in solid line, WISE
infrared emissions in colours.
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Figure F.1: Colour-magnitude diagrams for the remaining stars in Fig. 4.11.
210
G
Hot spot areas
Star AW1 AW2 THotSpot TStar
AA Tau 51.68 ± 44.69 86.30 ± 67.19 7000 3850
AA Tau 38.96 ± 33.69 65.29 ± 50.84 8000 3850
AA Tau 31.23 ± 27.00 52.48 ± 40.87 9000 3850
AA Tau 26.04 ± 22.52 43.86 ± 34.15 10000 3850
BP Tau 69.56 ± 35.05 72.76 ± 72.43 7000 3800
BP Tau 52.63 ± 26.52 55.26 ± 55.01 8000 3800
BP Tau 42.28 ± 21.30 44.52 ± 44.32 9000 3800
BP Tau 35.31 ± 17.79 37.26 ± 37.09 10000 3800
DN Tau 69.09 ± 31.37 78.41 ± 46.79 6000 3800
DN Tau 47.06 ± 21.37 53.67 ± 32.03 7000 3800
DN Tau 35.61 ± 16.17 40.76 ± 24.32 8000 3800
DN Tau 28.60 ± 12.99 32.84 ± 19.60 9000 3800
DN Tau 23.89 ± 10.85 27.49 ± 16.40 10000 3800
FS Tau 64.63 ± 35.36 91.22 ± 99.97 10000 3550
FT Tau 38.89 ± 23.22 84.70 ± 37.05 7000 3400
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TableG.1 – continued
Star AW1 AW2 THotSpot TStar
FT Tau 30.20 ± 18.03 66.05 ± 28.89 8000 3400
GO Tau 34.61 ± 31.56 36.38 ± 50.84 5000 3600
GO Tau 19.92 ± 18.16 21.09 ± 29.47 6000 3600
GO Tau 13.92 ± 12.69 14.82 ± 20.70 7000 3600
GO Tau 10.68 ± 9.74 11.41 ± 15.94 8000 3600
GO Tau 8.65 ± 7.89 9.27 ± 12.96 9000 3600
GO Tau 7.27 ± 6.62 7.81 ± 10.91 10000 3600
HK Tau B 67.25 ± 54.10 93.19 ± 85.44 6000 3600
HK Tau B 47.01 ± 37.81 65.48 ± 60.04 7000 3600
HK Tau B 36.06 ± 29.01 50.43 ± 46.24 8000 3600
HK Tau B 29.21 ± 23.50 40.98 ± 37.58 9000 3600
HK Tau B 24.53 ± 19.74 34.50 ± 31.64 10000 3600
IQ Tau 44.18 ± 20.10 66.81 ± 42.98 6000 3400
IQ Tau 31.58 ± 14.37 48.02 ± 30.89 7000 3400
IQ Tau 24.52 ± 11.16 37.44 ± 24.09 8000 3400
IQ Tau 20.02 ± 9.11 30.67 ± 19.73 9000 3400
IQ Tau 16.91 ± 7.69 25.97 ± 16.71 10000 3400
IRAS 04385+2550 31.63 ± 36.17 81.84 ± 79.77 8000 3900
IRAS 04385+2550 25.30 ± 28.92 65.63 ± 63.97 9000 3900
IRAS 04385+2550 21.06 ± 24.08 54.76 ± 53.38 10000 3900
USco J1604-2130 53.85 ± 40.21 74.94 ± 62.24 8000 5000
USco J1604-2130 40.22 ± 30.03 56.10 ± 46.59 9000 5000
USco J1604-2130 32.07 ± 23.95 44.81 ± 37.21 10000 5000
V853 Oph 52.28 ± 32.32 78.32 ± 59.96 6000 3600
V853 Oph 36.54 ± 22.59 55.03 ± 42.13 7000 3600
V853 Oph 28.03 ± 17.33 42.38 ± 32.44 8000 3600
V853 Oph 22.71 ± 14.04 34.44 ± 26.37 9000 3600
V853 Oph 19.07 ± 11.79 29.00 ± 22.20 10000 3600
Table G.1: Areas of hot spots at different temperatures causing the observed variations in W1
and W2. Stars whose hotspots resulted to be larger than the stellar surface are not listed here.
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Figure H.1: Plots of remaining discs in Fig. 5.1 with cm data and not showing wind emission.
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